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vABSTRACT
In this thesis, I present seven studies aimed towards better understanding the demo-
graphics and physical properties of M dwarfs and their companions. These studies
focus in turn on planetary, brown dwarf, and stellar companions to M dwarfs.
I begin with an analysis of radial velocity and transit timing analyses of multi-
transiting planetary systems, finding that if both signals are measured to sufficiently
high precision the stellar and planetary masses can be measured to a high precision,
eliminating a need for stellar models which may have systematic errors. I then
combine long-term radial velocity monitoring and a direct imaging campaign to
measure the occurrence rate of giant planets around M dwarfs. I find that 6.5% ±
3.0% of M dwarfs host a Jupiter mass or larger planet within 20 AU, with a strong
dependence on stellar metallicity.
I then present two papers analyzing the LHS 6343 system, which contains a widely
separated M dwarf binary (AB). Star A hosts a transiting brown dwarf (LHS 6343 C)
with a 12.7 day period. By combining radial velocity data with transit photometry,
I am able to measure the mass and radius of the brown dwarf to 2% precision, the
most precise measurement of a brown dwarf to date. I then analyze four secondary
eclipses of the LHS 6343 AC system as observed by Spitzer in order to measure the
luminosity of the brown dwarf in both Spitzer bandpasses. I find the brown dwarf
is consistent with theoretical models of an 1100 K T dwarf at an age of 5 Gyr and
empirical observations of field T5-6 dwarfs with temperatures of 1070±130 K. This
is the first non-inflated brown dwarf with a measured mass, radius, and multi-band
photometry, making it an ideal test of evolutionary models of field brown dwarfs.
Next, I present the results of an astrometric and radial velocity campaign to mea-
sure the orbit and masses of both stars in the GJ 3305 AB system, an M+M binary
comoving with 51 Eridani, a more massive star with a directly imaged planetary
companion. I compare the masses of both stars to largely untested theoretical mod-
els of young M dwarfs, finding that the models are consistent with the measured
mass of star A but slightly overpredict the luminosity of star B.
In the final two science chapters I focus on space-based transit surveys, present
and future. First, I present the first catalog of statistically validated planets from
the K2 mission, as well as updated stellar and planetary parameters for all systems
with candidate planets in the first K2 field. The catalog includes K2-18b, a “mini-
vi
Neptune” planet that receives a stellar insolation consistent with the level that the
Earth receives from the Sun, making it a useful comparison against planets of a
similar size that are highly irradiated, such as GJ 1214 b. Finally, I present predic-
tions for the WFIRST mission. While designed largely as a microlensing mission, I
find it will be able to detect as many as 30,000 transiting planets towards the galac-
tic bulge, providing information about how planet occurrence changes across the
galaxy. These planets will be able to be confirmed largely through direct detection
of their secondary eclipses. Moreover, I find that more than 50% of the planets it
detects smaller than Neptune will be found around M dwarf hosts.
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1C h a p t e r 1
INTRODUCTION
1.1 The M Dwarf Spectral Class
For thousands of years, humans have studied stellar astronomy. The ancient Greeks,
especially Hipparchos, measured the brightness and position of hundreds of stars.
The ancient Egyptians used observations of stars, particularly Sirius and Thuban, to
measure time for agricultural purposes. The ancient Chinese observed supernovae
for divination purposes. Stars are one of the primary ways we can observe the
universe. On large scales, the galaxies we observe at high redshifts are made up of
stars; on small scales, the asteroids we observe in our solar system are observable
because they are reflecting light from our own sun. In these cases, we can only
understand the astrophysical phenomena we observe because we understand the
starlight that creates these phenomena.
Different stars are divided into different spectral classes based on their observable
spectroscopic features. Type M dwarfs were a part of the original Draper Catalogue
of Stellar Spectra (Pickering 1890), classified as having weak but non-zero hydro-
gen absorption features in their spectra. The system was alphabetical: they were
classified between K and O stars, the former having stronger hydrogen absorption
and the latter none at all. With the development of the Harvard system, Cannon
& Pickering (1901) preserved the M spectral class and placed it at one end of the
classification system, next to K stars. We now know that M and O stars have little
hydrogen absorption in their atmospheres for very different reasons and the modern
classification system maps stellar effective temperature: M dwarfs are the coolest
main-sequence stars and the least massive hydrogen burning stars in the galaxy. To-
day, the boundary between K and M dwarfs is defined by the presence of titanium
oxide (TiO) bands in the atmospheres of M dwarfs (Kuiper 1938; Morgan 1938),
which can form when a star’s effective temperature is below approximately 3500 K.
The single classification for M dwarfs can give the appearance of M dwarfs as a
single, monolithic block. Indeed, this is largely true for other spectral types. The
Sun has a radiative core, in which nuclear reactions are dominated by the p-p chain,
and a convective outer layer, which contributes to the existence of a magnetic field.
The same is true for stars from the middle of the F spectral class through early M
2dwarfs. M dwarfs, meanwhile, have an incredible diversity. The M dwarf class
spans an order of magnitude in mass, an order of magnitude in radius, and a factor
of 40 in luminosity (Veeder 1974). There are significant changes in the structure
of the stars across this class as well. Below approximately 0.35 M, M dwarfs
become fully convective, leading to a rapid decrease in the radius and luminosity of
stars just below this boundary (Chabrier & Baraffe 1997). At the late edge of the M
dwarf class are brown dwarfs, objects without high enough central densities to fuse
hydrogen.
In terms of their structure, F7 and K3 dwarfs have more in common than M0 and
M9 dwarfs. Some of the stars even vary in time. As a brown dwarf leaves the T
Tauri stage of stellar evolution it has a temperature of approximately 3000 K and
a spectrum consistent with that of a mid-M dwarf. Brown dwarfs then cool and
evolve into “late-type” L, T, and eventually Y dwarfs at a rate which depends on
their mass. I will discuss the evolution of brown dwarfs more fully in Section 1.6. If
the abundance of M dwarfs and the diversity of their structure had been understood
at the time of the development of the Harvard stellar classification system, it is
possible that these stars would have been awarded more than a single spectral type.
1.2 M Dwarfs: The Silent Majority
The early work on stellar spectroscopic classification of type M stars is based on
spectroscopy of M giants. The Draper catalogue was first published in 1890 and the
Harvard stellar classification scheme in 1901, but the first spectrum of an M dwarf
was obtained only 100 years ago when Adams (1913) collected an observation of
the M+M binary Groombridge 34. This 8th magnitude star was known to be pecu-
liar relative to the M stars with known spectra because of its high proper motion of
3 arcseconds per year; today we know it is within 4 parsec of the Sun.
The oldest known surviving diagram plotting stellar absolute magnitude against
spectral type (Russell 1914), now known as a Hertsprung-Russell Diagram, in-
cludes hundreds of stars, as shown in Figure 1.1. Today we know that M dwarfs
make up approximately 75% of the stars in the galaxy, yet only ∼5% of the stars
included in Russell’s figure are listed as spectral type M. These stars are absent in
the original work because they are intrinsically faint.
The faintness of M dwarfs is the result of the physics of their interior, specifically
the stellar mass-luminosity relation. To show this, let us begin with the equations
3Figure 1.1: The original H-R diagram, as published by Russell (1914). On the
y-axis is absolute magnitude, equivalent to the logarithm of the star’s luminosity.
On the x-axis is stellar spectral type, which we now know maps approximately to
stellar effective temperature.






where P(r) is the pressure exerted on a particle at a radius r , G is Newton’s constant,
m the mass enclosed inside the radius r , and ρ the stellar density, itself a function
of radius as well.




where pi is the ratio of a circle’s circumference to its diameter, and all other variables
retain their meaning from Equation 1.1.




where L is the energy leaving a spherical shell of radius r , produced by the material
in the star interior to r and  is the energy released per unit mass per second inside
the star.
4The final equation defines the temperature gradient inside a star. The exact form of
this equation depends on the method for which energy is transported inside the star.










Here, T is the temperature of the star at a radius r , ac is the radiation constant
multiplied by the speed of light, also equal to four times the Stefan-Boltzmann
constant, and κ¯ the mean opacity of the material.













where γ is the adiabatic index, and is 5/3 for a monatomic ideal gas, and all other
terms retain their previous meaning.
Let us consider two other proportionalities. First, we assume that the energy gener-
ation rate inside a star is a function of its temperature and density:
 = 0ρT ν, (1.6)
where ν depends on the particular fusion pathway that is dominant in the core of
the star. Second, we assume that the ideal gas law holds:
P ∝ ρT. (1.7)
With these six equations, we can develop a series of homology relations. We can
create a series of five linear equations with five unknown parameters: logT , log P,
log R, log ρ, and log M . Ignoring constant terms and considering only the adiabatic
case (as for fully convective stars),
log P = 2 log M − 4 log R
log ρ = log M − 3 log R







log L = log ρ + ν logT + log M.
We can rearrange these to solve for log M , finding
log R =




5which we can then insert into the final equation in Equation 1.8. This manipulation
yields
log L =




which if we consider the case where we have an ideal, fully ionized gas so that
γ = 5/3 and energy generation dominated by the p-p chain so that ν = 4, we find
log L ≈ 8.33 log M + const, (1.11)
or L ∝ M8.33! Thus, if we decrease the mass of a fully convective star by a factor
of two, we also decrease its luminosity by a factor of 320!1
We can take a similar approach to understand the relation between the mass and
temperature of low-mass stars. We know that
L = 4piR2σT4, (1.12)
so that
log L = 2 log R + 4 logT + const. (1.13)
With equations 1.9 and 1.10, we can find a relation between the log of the star’s
mass and its temperature:
4 logT =
(2(ν + 1) − γ(2ν + 3)
4 − 3γ
)
log M − 2
( 2 − γ
4 − 3γ
)
log M + const. (1.14)
Again we consider the case where we have an ideal, ionized gas and energy gen-
eration dominated by the p-p chain, so that γ = 5/3 and ν = 4. In this case,
logT ≈ 0.44 log M , so T ∝ M0.44. M dwarfs, with effective temperatures around
3,000 Kelvin, have significant molecular absorption in their atmospheres, compli-
cating their analysis even further.
Even worse for optical observing, the peak of the SED of a typical 3,000 K M dwarf
peaks at 1 micron, well into the infrared, making them even fainter in the optical.
Even though M dwarfs make up 70% of the nearest stars, with 250 of them located
within 10 pc of the Sun (e.g. Henry et al. 2006), there are no M dwarfs visible to the
naked eye. The brightest, HIP 105090, is only 3.95 ± 0.01 pc from the Sun, yet has
an apparent V-band magnitude of 6.76 (van Leeuwen 2007). With so many bright
solar-type stars in the solar neighborhood, it is easy to understand why M dwarfs
have been and often continue to be overlooked in planet search surveys.
1The same manipulation, considering the case of radiative transport, leads to the relation
L ∝ M5.5, similar to what is observed for Sunlike stars.
61.3 Radial Velocity Planet Searches
Stellar Radial Velocities
Planets do not orbit their host stars. Planets and stars, like any pair of bodies orbiting
each other, orbit their common center of mass, or barycenter. For circular orbits,
the planet and star velocities are constant, and the observed radial component of
the velocity is modulated sinusoidally with the period of the planet as the velocity
vector changes direction. The magnitude of the RV signal in this case depends only
the mass of the planet, m, the mass of the star, M , the orbital period, P, and the
unknown inclination i. Specifically, by taking the time derivative of the position of




)1/3 m sin i
(M + m)2/3
cos ν. (1.15)
Here, G is Newton’s constant and ν the mean anomaly of the planet, which in the
circular case increases linearly from 0 to 2pi in time over the course of one orbit.
For Jupiter, the Sun’s reflex RV motion is 13 m s−1; for Earth, 9 cm s−1. We see that
the velocity depends on the mass ratio between the planet and star, meaning that we
can only characterize the planet as well as we understand the star.
For planets on eccentric orbits, the math is more complicated. Again, the derivation
begins with the time derivative of the position of the star, but in the eccentric case
neither the linear or angular velocity is constant (Kepler 1609). It can be shown that








(e cosω + cos(ω + ν)), (1.16)
where e is the eccentricity and ω the argument of periapsis, the angle relative to the
plane of the sky at which the planet and star make their closest approach. All other
terms retain their previous meaning, but from Kepler’s second law, the true anomaly
no longer increases linearly in time. While we can easily measure the expected RV
of the star at any position in its orbit, we do not know the time at which the star will
be at that position.
To calculate the expected RV at a given time, we invoke the mean anomaly, which
represents the mean angular motion of the two bodies. It is defined to be zero at the




(t − τ). (1.17)
7It therefore increases linearly in time from 0 to 2pi. The true anomaly can be calcu-
lated from the mean anomaly through the eccentric anomaly, E, such that
M = E − e sin E. (1.18)
This is a transcendental equation and requires an approximate numerical solution.












With that, we can solve Equation 1.16 and measure the RV of a star at any time. We
note that all three anomalies are identical in the circular case.
Of course, we can only use these equations if we can measure variations in the
stellar RV itself. Fortunately, we can leverage stellar atmospheres for this purpose.
Stars with masses below ≈ 1.3 M have convective outer layers, generating mag-
netic activity which provides a torque as charged particles escape their host star
along magnetic field lines (Shu et al. 1994). The spin-down is a predictable func-
tion of the star’s mass and age, leading to the use of rotation rates as a probe of
stellar ages (Barnes 2003). G dwarfs at the age of the Sun rotate at only 1 km s−1 at
their equators. With a full spectrum of spectral lines to consider, the RV of the star
can be measured to 2-5 m s−1 depending on the instrument. At this level, system-
atic effects induced by the instrument can dominate over any planetary signal: in
the typical mode used for planet searches, the resolution of Keck/HIRES is 55,000,
leading to a pixel scale of 5.5 km s−1 pixel−1.
To measure precise RVs, both the pixel scale and a precise wavelength calibration
must be known, at a level much smaller than a single pixel. During a night, the
shape of the instrumental profile of the detector can change, leading to changes in
the wavelength calibration considerably larger than the planetary signals targeted.
To combat this, one of two approaches are taken. At Keck/HIRES, observers place
an iodine cell in the light path before the starlight enters the instrument itself (Butler
& Marcy 1996). Iodine has many absorption features in the optical with precisely
known wavelengths, so the cell creates a precise, stable wavelength scale to com-
pare against the stellar signal. The iodine also provides information about the shape
of the instrumental profile during each observation. At other telescopes, includ-
ing HARPS, the spectrograph slit is replaced with a fiber, and the instrument is
placed in a temperature and pressure controlled enclosure to keep the instrumental
profile consistent. Simultaneously with the observations of the stellar spectrum, a
8Thorium-Argon lamp is observed which serves the same purposes as the iodine cell,
providing a simultaneous wavelength reference.
History of RV Searches
The first radial velocity (RV) planet searches focused almost exclusively on Sunlike
(FGK) stars, a reasonable choice as these are the brightest main sequence stars for
which magnetic braking occurs, leading to slow rotation (Wright et al. 2004).
The first planet detected around a main sequence star other than the Sun was discov-
ered in 1995 with the detection of 51 Pegasi b, a planet with an orbital period of 4.23
days and a mass of 0.472 ± 0.039 MJup (Mayor & Queloz 1995). Quickly, dozens
of similar “hot Jupiter” planets with masses larger than Saturn but periods around
three days were discovered (e.g. Butler et al. 1997; Marcy et al. 1998; Wright et al.
2007).
As more planets were detected around FGK dwarfs, surveys expanded to include
other types of stars. As stated previously, A stars do not make ideal RV survey
targets due to their rapid rotation. However, when these stars evolve off the main
sequence onto the subgiant branch, conservation of angular momentum results in
a large increase in the rotation period and thus a decrease in v sin i, making these
stars amenable to RV planet searches. These “Retired A stars” were found to have
fewer hot Jupiters than their less massive counterparts, but a higher giant planet
occurrence rate overall (Johnson et al. 2007a; Bowler et al. 2010; Johnson et al.
2011a).
M dwarfs have many narrow spectral features and make ideal planet search targets
as long as they are near enough to be observable. Indeed, the 13th planet discovered
via RVs was a 2.3 MJup planet in a 61-day orbit around GJ 876 (Delfosse et al.
1998; Marcy et al. 1998). Researches detected more giant planets around M dwarfs
(Butler et al. 2004, 2006), but the occurrence rate of giant planets around M dwarfs
was found to be considerably lower than around higher mass stars. Only ≈ 3% of
M dwarfs host a planet at least as massive as Jupiter within 2.5 AU (Johnson et al.
2010a; Bonfils et al. 2013). These surveys also showed a correlation between giant
planet occurrence and stellar metallicity (Fischer & Valenti 2005; Johnson & Apps
2009).
To date nearly 600 planets have been discovered via RV variations. These results
show hot Jupiters orbit approximately 1% of Sunlike stars (Wright et al. 2012).
They also show that 10% of systems have a Saturn-mass or larger planet with or-
9bital periods shorter than 2000 days (Cumming et al. 2008). By extrapolating the
observed distribution outward, the same authors predict 20% of FGK dwarfs host a
gas giant planet within 20 AU.
Despite the large numbers of planets detected so far, RV surveys have substantial
limitations. There has been substantial work on improving RV precision, both in
instrument development and in understanding stellar activity (Fischer et al. 2016).
Yet there is still work to do: even the smallest RV signal claimed as a planetary de-
tection has a Doppler amplitude larger than the Earth’s by a factor of six (Dumusque
et al. 2012). Worse yet, the planet’s very existence has been called into question:
the purported signal may be an artifact of the stellar activity modeling techniques
applied to the data (Rajpaul et al. 2016).
RV surveys are generally only sensitive to planets which have completed one full
orbit. For longer periods, there is a degeneracy between the companion mass and
orbital period that cannot be broken without substantial curvature in the orbit, mean-
ing planetary parameters cannot be uniquely determined until the observation base-
line exceeds the planet orbital period.
Despite the degeneracy with orbital period, there is still some information to be
obtained from planets with periods much longer than the observing baseline. As
can be seen in Equation 1.16, the Doppler amplitude only falls off as P−1/3, mean-
ing the gravitational pull of a planet is observable even at wide separations. In the
case where the planet orbital period is significantly longer than the RV baseline, the
planet is observable as a long-term acceleration, or RV “trend.” Any constraints on
the companion properties are degenerate between the companion mass and separa-
tion.
Many of these trends have been shown to be binary systems through direct imaging
campaigns, in which case the full three-dimensional orbit of the companion can
be ascertained and the companion’s mass directly measured (Crepp et al. 2012a,
2013a,b). In cases where imaging can rule out a binary we know the companion
is likely a planet, but the exact nature of the companion is unknown. However,
statistical analyses of many such systems can provide precise measurements of the
overall distribution of planets in wide orbits.
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1.4 Transiting Planet Searches
The Importance of Transiting Planets
If a planetary system is aligned in such a way that the planets pass between our
viewing position in the solar system and the star itself, they will appear to pass
across (or transit) the stellar disk during their orbit. We can not resolve the surface
of the star in order to image the transit itself, but we can still detect it. During the
transit, a portion of the stellar disk is blocked, decreasing the observed flux from the
star. The size of this decrement, δ, corresponds to the fractional area of the star’s






Again, we find that we must understand the star’s parameters (in this case, the
radius) in order to understand the planetary parameters.
Detecting planets with the transit method is more limited relative to the RV method:
only a small fraction of all planets will be directly detectable. Any planets not in
nearly edge-on orbits will be missed in a transit search. In addition, transit pho-
tometry provides precise information about the location of a planet, but only at one
point of its orbit. Even in cases where information about the eccentricity can be
inferred from the transit itself (Dawson & Johnson 2012), there is still a degener-
acy between the eccentricity and argument of periastron which can not be broken
without additional information.
On the other hand, there are a few key advantages in transit searches relative to
RV surveys. Transit searches can target many more stars than RV surveys. To
a first order approximation, transits are achromatic, with the depth of the transit
approximately equal at all wavelengths, so transits can be detected through broad-
band photometry. As RV surveys require high-resolution spectroscopy, they require
comparatively bright stars; transit searches can target much fainter stars, opening
up the search for planets to many more M dwarfs. Similarly, as spectral features are
no longer required, transit surveys can target rapidly rotating massive stars without
convective outer layers and narrow spectral lines.
Transit surveys also allow for a more direct determination of the planetary physical
properties. In RV searches, only a minimum mass for the detected planet, m sin i,
can be determined. Although the planet mass distribution and geometrical bias
both favor large (close to edge-on) inclinations (Ho & Turner 2011), individual
objects have unknown inclinations so the absolute masses of the RV planets cannot
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be determined. In transit searches, however, the direct observable is the transit
depth, which depends directly on the size of the planet: for a sufficiently precise
measurement of the stellar radius and transit parameters, any precision on the planet
radius can be achieved without a geometric bias.
Perhaps most significantly, transit searches allow us to probe atmospheres of other
planets. Planetary atmospheres, Earth’s included, are optically thick at some wave-
lengths and optically thin at others. In the context of the Earth, this makes some
wavelengths more amenable for astronomical observations than others, as the at-
mosphere only interacts with photons of certain wavelengths. The same is true for
planets around other stars: at some wavelengths their atmospheres are transpar-
ent to radiation from their host stars, while at other wavelengths the atmospheres
absorb light. By observing a transit at a wavelength at which the atmosphere is
optically thick, the size of the planet inferred is the size of the planet, including its
atmosphere. Alternatively, by observing at a wavelength at which the wavelength is
optically thin, we measure only the size of the planet itself, not its atmosphere (e.g.
Knutson et al. 2011, 2014). Such an analysis, termed transmission spectroscopy, is
impossible in traditional RV searches for planets.
To fully understand the atmosphere measured during transmission spectroscopy ob-
servations, we want to understand the mass (and therefore the density) of the tran-
siting planet as well. If the transiting planet is massive and the star a good RV target
(bright and not rapidly-rotating), RVs can be used to measure its mass. Since the
planet is known to be transiting, it must have i ≈ pi/2, so that sin i ≈ 1. Unfortu-
nately, the vast majority of transiting planets are too faint to make ideal RV targets.
In these cases, we would like to have an alternative method to measure masses.
When multiple planets orbit the same star, they gravitationally perturb each other
during close encounters along their orbit. Transit photometry provides precise infor-
mation about the location of a planet on its orbit at the moment of transit, especially
the times at which the transits begin and end. In Kepler data, it is not uncommon
to be able to measure individual times of transit to a precision of five minutes or
better, with the exact precision a function of the planet size (which affects the size
of each individual transit) and orbital period (which affects the speed at which a
planet orbits its host star, assuming a circular orbit). Perturbations from other plan-
ets can be significantly larger than the transit timing precision, leading to transit
timing variations (TTVs). For a hypothetical distant observer detecting transits in
our solar system, the presence of Jupiter could be inferred from TTVs on the inner
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planets: Jupiter induces TTVs of 10 minutes on Venus and Earth and 100 minutes
on Mars (Agol et al. 2005; Holman & Murray 2005).
Kepler enabled the first detections of TTVs. Timing variations have been used to
confirm the planetary nature of apparent transiting planet signals in Kepler (Hol-
man et al. 2010; Rowe et al. 2014). They have also enabled the detection of non-
transiting planets perturbing transiting planets (e.g. Ballard et al. 2011; Nesvorný
et al. 2013), as well as measurements of the eccentricity distribution of transiting
planets (Hadden & Lithwick 2014). Observations of TTVs enable a direct mea-
surement of the mass ratio between the perturbing planet and the host star (Agol
et al. 2005; Lithwick & Wu 2012), again enabling us to understand the mass of the
transiting planet at the level at which we understand the mass of the host star.
History of Transit Searches
The first transiting planet detected was a giant planet orbiting HD 209458 (Char-
bonneau et al. 2000; Henry et al. 2000) This planet, a hot Jupiter, has a radius of
1.14 ± 0.06 R and an orbital period of 3.52 days. The planet was already known
to exist from RV surveys, and had a measured m sin i. Detection of the transit pro-
vided a measurement of the inclination, enabling a direct measurement of the mass;
the transit detection made it the first planet outside our solar system with a directly
measured mass and radius.
Shortly after came the first discovery of a planet via transit, OGLE-TR-56b (Udalski
et al. 2002) from the Optical Gravitational Lensing Experiment (OGLE) mission.
The primary goal of OGLE is to detect dark matter through microlensing, but it
has also discovered many planets via microlensing (Sumi et al. 2011; Cassan et al.
2012). Microlensing surveys require a high photometric precision and a wide field
of view so many stars can be observed. These are the same requirements for transit
surveys, making them ideal for the discovery of transiting planets, as I discuss in
Chapter 8.
Transit surveys discovered 45 more planets between these initial discoveries and
2009, largely through dedicated surveys such as the Super-Wide Angle Search for
Planets (SuperWASP, Street et al. 2003), the Hungarian Automated Telescope Net-
work (HATNet, Bakos et al. 2002), and Convection Rotation et Transits planétaires
(CoRoT, Auvergne et al. 2009). These surveys continue today, and others, such as
MEarth (Nutzman & Charbonneau 2008) are singularly focused on the search for
planets around M dwarfs. The planets detected by these surveys have been largely
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giant planets in short periods, similar to the early hot Jupiters detected by RV sur-
veys.
In 2009, the Kepler mission (Borucki et al. 2010) was launched and began taking
data. The precision of Kepler was significantly better than any previous mission,
allowing 20 parts per million (ppm) photometry over six hours of observation on
12th magnitude stars. It also had a large field of view, staring at 100 square degrees
of the northern sky. Every 30 minutes, the telescope recorded photometry of ap-
proximately 180,000 stars in a search for periodic transits caused by small planets.
The Kepler mission has been a tremendous success. The mission has discovered
more than 4,700 planet candidates to date, with more than 2,300 of these being
confirmed via other methods or statistically validated as planets at high confidence
(Batalha et al. 2013; Burke et al. 2014; Mullally et al. 2015; Rowe et al. 2015;
Morton et al. 2016). Most of the stars targeted by the mission are Sunlike FGK
dwarfs, so most of the discovered planets transit Sunlike FGK dwarfs. However,
there were approximately 5,000 M dwarfs in the original Kepler target list, around
which more than 100 planets have been discovered. These include planets as small
as Mars (Muirhead et al. 2012a) and a planet as large as Jupiter (Johnson et al.
2012a). These planets are located in different environments, with some located in
single systems and others tightly packed in resonant chains with low eccentricities
and mutual inclinations (Swift et al. 2013; Ballard & Johnson 2016). Morton &
Swift (2014) show that these planets are predominantly small, rocky planets in short
periods around their host stars.
As Kepler is largely a magnitude-limited survey, the majority of the M dwarfs sur-
veyed are early M0 and M1 dwarfs. Only 300 stars had an M2 or later spectral
type in the original mission, and only 30 had an M4 or later spectral type. The K2
mission is providing an opportunity to rectify this oversight. With the failure of two
reaction wheels on the Kepler spacecraft in 2013, the telescope was left unable to
point at its original field, ending the primary mission. The scientific and technical
staff behind Kepler then designed, with community input, a mission called K2. In
this mission, the telescope uses the remaining two reaction wheels to point the tele-
scope along the ecliptic plane, while the third axis is approximately balanced by
solar radiation pressure. The telescope then rolls about its axis at approximately 1
arcsec hour−1, correcting the roll by periodically firing its thrusters in the opposite
direction. In the K2 mission, the telescope is able to point at fields in the eclip-
tic plane for approximately 75 days at a time. By the end of the K2 mission, the
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telescope will point at approximately 20 fields covering the ecliptic plane.
K2 is extremely important for the study of M dwarfs. Different fields in the ecliptic
point towards or well out of the galactic plane. The typical G dwarf observed in
the Kepler mission is 300 pc from the Earth, so changes in galactic latitude vastly
affect the number of bright FGK dwarfs observable. The typical M dwarf, however,
is 50 pc from the Earth, so even pointing directly out of the galactic plane does not
affect the stellar density by more than a factor of two, making tens of thousands of
M dwarfs observable during the mission. K2 provides an opportunity to revolution-
ize our understanding of planets around M dwarfs, if we can confirm planets and
characterize their host stars with data from the telescope.
1.5 Understanding M Dwarfs
One of the other downsides of studying companions to M dwarfs is the difficulty in
inferring stellar parameters. As can be plainly seen from Equations 1.16 and 1.20,
for both RV-detected and transiting planets, the measured quantity of interest (the
Doppler amplitude and transit depth) are a function of both planetary and stellar pa-
rameters. In both cases, we are only able to understand the planet if we understand
its host star: precision planetary astronomy requires precision stellar astronomy.
For solar-type stars, we are able to infer stellar parameters at the few percent level
through evolutionary models which motivate well-tested relationships between ab-
solute magnitude and stellar parameters (Andersen 1991; Casagrande et al. 2010).
This is largely possible due to an excellent calibration source located 1 AU away
from the Earth. For M dwarfs, we do not have a calibration source. The physics
of M dwarf atmospheres is more complicated as well. M dwarfs are defined by the
presence of titanium oxide (TiO) bands in their atmospheres (Kuiper 1938; Morgan
1938), but also have molecular bands due to vanadium oxide (VO), carbon monox-
ide (CO), and water (H2O) (e.g. Mould 1975; Muirhead et al. 2012b). As photons
are more scarce, especially in the optical, longer integration times are required to
study these stars just to detect the molecular features, much less understand them.
Attempts to understand M dwarf atmospheres and interiors typically depend on em-
pirical relations between photometric or spectroscopic parameters, calibrated to a
few stars with known properties. These calibrators tend to be eclipsing binaries with
directly measured masses and radii (Birkby et al. 2012) or single, nearby stars with
interferometrically measured radii (Boyajian et al. 2012). For example, Delfosse
et al. (2000) use observations of 16 M dwarfs with known masses and luminosities
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to build a relationship between absolute K-band magnitude and stellar mass that
enables mass measurements to approximately 10% precision. However, this obser-
vation requires a parallax or other distance measurement, as the required observable
is an absolute magnitude.
More recently, Rojas-Ayala et al. (2012) developed a relation between the relative
flux of an M dwarf at different wavelengths in the K-band and the star’s temper-
ature and metallicity. This method produces uncertainties on stellar parameters of
approximately 10% without a direct parallax measurement and has been applied to
many of the M dwarfs in Kepler to infer stellar parameters (Muirhead et al. 2012b,
2014). Newton et al. (2015) developed a relation between features in the H-band
spectra of M dwarfs, finding they can be used to determine a stellar effective tem-
perature with a residual scatter of 73 K and a stellar radius with a residual scatter of
0.027 R.
The problem is even worse when we consider young M dwarfs. For very young
stars, we can measure their masses by observing the kinematics of the disk of gas
and dust surrounding the star (Czekala et al. 2015, 2016). These disks dissipate
within the first ten million years of the star’s life, decreasing the opportunity to
measure directly the masses of stars with ages larger than 10 million years but
not yet onto the main sequence. This is especially true for M dwarfs, which are
faint, so harder to observe, and also form in binaries less often than their higher
mass counterparts (Fischer & Marcy 1992; Shan et al. 2015). Fewer than 20 pre-
main sequence (PMS) M dwarfs in binary systems have had dynamical masses
measured to a precision of 25% or better through astrometric monitoring (Dupuy
et al. 2014). The vast majority of these systems are younger than 10 Myr. In the
range 10-100 Myr, for a given luminosity and age, different stellar models predict
different stellar masses, some with discrepancies as large as 50% (Hillenbrand &
White 2004; Schlieder et al. 2014). Measuring stellar masses of astrometric M+M
binaries in young moving groups with known ages provides a first, needed test of
these models in order to constrain evolutionary models.
1.6 Brown Dwarfs
The History of Brown Dwarfs
A lower limit on the mass of stars was first proposed by Kumar (1963), who ap-
plied models of completely convective stars to determine that stars below a certain
mass (which he determined to be between 70 and 90 MJup) would become com-
16
pletely degenerate before hydrostatic equilibrium was achieved. He termed these
stars “black dwarfs;” a decade later, they were renamed “brown dwarfs” due to the
possibility that they may be luminous, especially in the near-IR and at young ages
(Tarter 1975).
While these objects were theorized, there was no evidence for their existence for
more than two decades. In the late 1980s, the first tentative detections of brown
dwarfs appeared. Becklin & Zuckerman (1988) observed an object associated with
the white dwarf GD 165 which, from model isochrone fitting, they determined had
a mass between 60 and 80 MJup. From this single detection, although they did not
confirm the object as a definitive brown dwarf, they concluded brown dwarfs must
be common the galaxy. In 1989, Latham et al. (1989) detected radial velocity vari-
ations around HD 114762 which they attributed to a companion with m sin i = 11
MJup. The authors declared the companion “a probable brown dwarf” but without a
direct measurement of the orbital inclination were unable to definitively claim the
object as substellar.
The first definitive detections of brown dwarfs came in 1995, the same year as
the first definitive exoplanet detection. Rebolo et al. (1995) discovered a young
brown dwarf in the Pleiades with a luminosity 0.1% that of the Sun and effective
temperature 2350 ± 300 K. The Pleiades is only ∼100 Myr old (Basri et al. 1996),
but even at that young age the brown dwarf has evolved into a spectral type of M8.5
and is too faint to be burning hydrogen, meaning it must be a brown dwarf. Later
that year, Nakajima et al. (1995) imaged an old brown dwarf, Gl 229 B, determining
it has a temperature of 1200 K and must have a mass of 20-50 MJup based on stellar
evolution models.
Brown dwarfs appear to be common: there may be as many as 0.02 brown dwarfs
per cubic parsec in the solar neighborhood (Reylé et al. 2010), with the nearest
only 2 pc from the Sun (Luhman 2014). The physics of star formation do not
inhibit their formation. The stellar IMF peaks around 0.2 M, with lower-mass
objects increasingly less common below that mass (Chabrier 2003). Objects for
which the central density is sufficient for hydrogen burning, with masses larger
than approximately 0.069 M (72 MJup) are considered stars (Zuckerman 2000),
while objects less massive than this boundary are considered brown dwarfs.
On the high-mass end, the boundary between a star and a brown dwarf is clear. On
the low-mass end, the separation between brown dwarfs and planets is the subject
of debate. Often, especially among observers, the boundary is based on the mass of
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the object. Objects larger than 13 MJup, in which deuterium burning can occur in
their core for at least a small fraction of their lifetime, are considered brown dwarfs.
This definition is the official definition of a brown dwarf from the International
Astronomical Union.
Recent evidence suggests two formation pathways for 13-72 MJup objects (Bayliss
et al. 2016). On the low-mass end, there is a population of transiting brown dwarfs
in short orbital periods which may have formed via core accretion, like planets.
On the high-mass end, there is a population of transiting brown dwarfs in wider
orbital periods which may have formed via gravitational collapse, like other high
mass-ratio eclipsing binaries. In the middle, there is a “brown dwarf desert,” with
a paucity of 30-50 MJup objects in binary systems. Some, especially theorists, have
suggested a definition of brown dwarfs based on their formation, with all objects
formed via core accretion called planets and all objects formed via gravitational
collapse (but below the hydrogen burning limit) brown dwarfs (e.g. Chabrier et al.
2014). In this thesis, I will follow the IAU definition of a brown dwarf, noting that
none of the claims presented within would be significantly affected by following
the alternative definition.
Characterizing Brown Dwarfs
Many of the problems for M dwarfs outlined in this introduction are even worse for
brown dwarfs. Without active hydrogen burning, they can be significantly fainter
than M dwarfs. They cool and collapse in time, meaning their luminosity is contin-
uously decreasing: they can be considered to be effectively PMS objects for longer
than the age of the universe (Burrows et al. 2001).
Very young brown dwarfs start their lives as M dwarfs, with effective temperatures
between 2500 and 3000 K (Burrows et al. 1997, See also Figure 1.2). Low-mass
stars will contract until they reach hydrostatic equilibrium on the main sequence,
at which point their effective temperature is approximately constant. Brown dwarfs
never reach this point, continuing to contract, cool, and evolve through their life.2
As brown dwarfs cool below approximately 2500 Kelvin, they enter the L dwarf
class, which is defined by the presence of metal hydrides and alkali metals (such as
FeH and Na I, respectively) in their atmospheres (Kirkpatrick et al. 1999). Below
approximately 1200 Kelvin, brown dwarfs evolve into the T spectral class, which
is defined through the presence of methane absorption bands in the near-IR. It is
2In this case the “late-type” and “early-type” monikers are—purely by accident—appropriate.
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believed that L dwarfs have cloudy, opaque atmospheres while T dwarfs do not.
The boundary between these two spectral classes, where the clouds dissipate, fea-
tures large photometric variability attributed to patchy clouds and a brightening of
the brown dwarfs in J-band attributed to a change in the optical depth of the at-
mosphere (Burgasser et al. 2002a; Metchev et al. 2015) Understanding the physical
parameters of an individual brown dwarf requires an assessment of its age as well.















Figure 1.2: Effective temperature vs. age of low-mass stars, brown dwarfs, and
planet-mass objects, from Burrows et al. (1997). While all objects cool as they
contract at young ages, stars will eventually hit the main sequence. Brown dwarfs
continue to evolve throughout their lives, not reaching equilibrium until times sig-
nificantly longer than the age of the universe.
Broadly speaking, there are two classes of brown dwarfs. Approximately two thou-
sand brown dwarfs have been detected as single objects in the sky, largely through
IR surveys like 2MASS and WISE (e.g. Kirkpatrick et al. 1999, 2011). For these
objects, we are able to study their atmospheric properties in detail: we can infer
the presence of clouds, measure a rotation period, or obtain a spectrum and mea-
sure spectroscopic properties like the surface gravity or effective temperature (e.g.
Faherty et al. 2014; Filippazzo et al. 2015).
What we are not able to do is measure masses and radii for these single objects.
There are only two eclipsing brown dwarf systems known, one in the ∼ 1 Myr old
Orion Nebula cluster and one in the ∼ 10 Myr old Upper Scorpius young moving
group (Stassun et al. 2006; David et al. 2016). As both of these are extremely young,
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they are not representative of the field brown dwarf population so do not provide
useful benchmark comparisons. Among older systems, we know of approximately
ten systems with a brown dwarf transiting a main-sequence star, as I will describe
in Chapter 5. The vast majority of these systems include a brown dwarf in a short
period orbiting close enough so that the energy from stellar irradiation is signifi-
cantly larger than the emitted heat from the cooling of the brown dwarf, irradiating
and possibly inflating the atmosphere of the brown dwarf. In these cases, the brown
dwarfs will again appear significantly different from the field brown dwarf popu-
lation, eliminating the possibility that these could be used as benchmark objects to
calibrate brown dwarf masses and radii.
We would ideally want a transiting brown dwarf receiving a low level of irradiation,
so we can measure its mass and radius. We would also want this brown dwarf to
be nearby so we can measure its atmosphere to compare to the field brown dwarf
population, providing a key test of brown dwarf evolutionary models.
If we want a transiting object that is nearby and not highly irradiated by its compan-
ion, an ideal place to search is around M dwarfs. As stated previously, M dwarfs
in transit searches are typically much closer than higher mass stars, as transit sur-
veys tend to select magnitude-limited samples and M dwarfs are intrinsically faint.
Moreover, their low luminosities mean a companion at a given separation will re-
ceive significantly less irradiation than the same companion around a higher mass
star, so that relatively short periods can allow for non-irradiated companions.
The equilibrium temperature for an object with albedo a at a given separation, r ,
from a stellar companion with radius R?, is





A 65 MJup brown dwarf has a temperature of 1100 Kelvin even at the age of the
universe (Saumon & Marley 2008). Such a brown dwarf around an M dwarf would
be expected to have an albedo of 0.07 (Marley et al. 1999). For this brown dwarf to
have an equilibrium temperature of 1100 Kelvin orbiting a 3000 Kelvin M dwarf,
it would need to orbit at only 3.7 stellar radii, or approximately 0.01 Astronomical
Units (AU), corresponding to an orbital period of approximately one day. There-
fore, even M dwarf-brown dwarf binaries with few day periods can provide useful
comparisons to the field brown dwarf population. Of course, this brief calculation
ignores the possible effects of interactions between the magnetic fields of the two
objects. These could play a significant role, as observations of aurorae on brown
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dwarfs suggest they can have magnetic fields exceeding 2000 Gauss (Hallinan et al.
2015).
1.7 Goals of this Thesis
M dwarfs provide many opportunities to better understand both their companions
and the stars themselves. When the companion is a planet, we can better understand
the occurrence and distribution of planets around M dwarfs and focus our attention
on planetary atmospheres in low-irradiation environments. In some cases, these
can help us better understand the stars themselves. The same is true for brown
dwarfs, with the added bonus of collecting additional, badly-needed measurements
of the mass and radius relation of brown dwarfs in order to test evolutionary models.
When the companion is another M dwarf and the system is young, we can study
stellar models in a regime where they are untested, comparing the observed stellar
masses to those predicted by theoretical evolutionary models. This thesis aims to
probe each of these classes of companions.
In Chapter 2, I develop a new method to measure stellar and planetary parameters
without any reliance on stellar models by combining RV and TTV observations
of planetary systems. This method could be useful for systems of multiple tran-
siting planets around M dwarfs, where stellar models have relatively large uncer-
tainties in their predictions of stellar masses but multiple-planet systems are com-
mon. This work was originally published in Volume 762 of The Astrophysical
Journal as Montet & Johnson (2013): “Model-independent Stellar and Planetary
Masses from Multi-transiting Exoplanetary Systems” and has DOI 10.1088/0004-
637X/762/2/112.
In Chapter 3, I study M dwarfs with long-term RV accelerations. By targeting these
systems in a direct imaging campaign, I am able to measure the occurrence rate of
giant planets around M dwarfs over the range 0-20 AU, finding that 6.5%±3.0% of
M dwarfs host such a giant planet, with a strong dependence on stellar metallicity.
This work was originally published in Volume 781 of The Astrophysical Journal
as Montet et al. (2014): “The TRENDS High-contrast Imaging Survey. IV. The
Occurrence Rate of Giant Planets around M Dwarfs,” and has DOI 10.1088/0004-
637X/781/1/28.
In Chapter 4, I focus on LHS 6343 C, a brown dwarf transiting one member of a
widely-separated M+M binary. I analyze Keck/HIRES RV data and Kepler pho-
tometry along with Palomar/TripleSpec spectroscopy of the host star in order to
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measure the brown dwarf’s mass and radius to 2% precision, making it the most
precisely measured brown dwarf radius to date. This work was originally published
in Volume 800 of The Astrophysical Journal as Montet et al. (2015a): “Characteriz-
ing the Cool KOIs. VII. Refined Physical Properties of the Transiting Brown Dwarf
LHS 6343 C,” and has DOI 10.1088/0004-637X/800/2/134.
In Chapter 5, I continue the focus on LHS 6343 C, analyzing data from the Spitzer
Space Telescope to detect and characterize secondary eclipses of the brown dwarf
behind its host star. These observations make LHS 6343 C the only non-inflated
brown dwarf with a known mass and radius, to have its atmospheric properties
directly measured. This work was originally published in Volume 822 of The As-
trophysical Journal Letters as Montet et al. (2016): “Benchmark Transiting Brown
Dwarf LHS 6343 C: Spitzer Secondary Eclipse Observations Yield Brightness Tem-
perature and Mid-T Spectral Class,” and has DOI 10.3847/2041-8205/822/1/L6.
In Chapter 6, I focus on the young M dwarf binary GJ 3305 AB, a young M+M bi-
nary in the β Pictoris young moving group. The binary is in orbit around 51 Eridani,
a star with a precisely measured parallax and a directly imaged planetary-mass com-
panion. I combine archival astrometric and RV observations with my own recent
observations of the system to measure the mass of each component in the system
to compare against the newest theoretical models of young M dwarfs. I find that
the models reproduce the observed parameters for GJ 3305 A well but underpredict
the mass (or overpredict the luminosity) of GJ 3305 B at the age of β Pictoris. This
work was originally published in Volume 813 of The Astrophysical Journal Let-
ters as Montet et al. (2015b): “Dynamical Masses of Young M Dwarfs: Masses
and Orbital Parameters of GJ 3305 AB, the Wide Binary Companion to the Imaged
Exoplanet Host 51 Eri,” and has DOI 10.1088/2041-8205/813/1/L11.
In Chapter 7, I analyze data from the K2 mission. I statistically validate 17 planets
from Campaign 1 of the mission, creating the first catalog of confirmed transiting
planets from K2. One of these planets orbiting an M dwarf is a 2.23±0.25 R⊕ planet
that receives a level of insolation from its host star consistent with what the Earth
receives from the Sun. Its equilibrium temperature is 272±15 K, making it a useful
comparison against similar size planets around M dwarfs in much shorter orbits,
like GJ 1214 b (Charbonneau et al. 2009). This work was originally published in
Volume 809 of The Astrophysical Journal as Montet et al. (2015c): “Stellar and
Planetary Properties of K2 Campaign 1 Candidates and Validation of 17 Planets,
Including a Planet Receiving Earth-like Insolation,” and has DOI 10.1088/0004-
22
637X/809/1/25.
In Chapter 8, I consider the future WFIRST mission, designed to target planets via
the microlensing technique, as a transit search mission. I show this mission will be
able to detect as many as 30,000 transiting planets towards the galactic bulge and
will enable a direct test of variations in planet occurrence as a result of different
conditions across the galaxy. I also find that the majority of sub-Neptune planets
discovered by the mission will orbit M dwarfs. A version of this chapter will be
submitted to The Astrophysical Journal in the future.
In Chapter 9, I summarize my results and describe potential future work to improve
our understanding of low-mass stars and their companions.
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C h a p t e r 2
MODEL-INDEPENDENT STELLAR AND PLANETARY
MASSES FROM MULTI-TRANSITING EXOPLANETARY
SYSTEMS
In this chapter I develop a method to measure the masses of planets and their host
stars without any reliance on stellar models by combining information from RVs
and TTVs. This chapter was originally published as “Model-independent Stellar
and Planetary Masses from Multi-transiting Exoplanetary Systems,” ApJ, 762, 112
(2013) by BTM and John Johnson. This work was inspired by the July, 2012 Sagan
Workshop on “Working with Exoplanet Light Curves” held on Caltech’s campus.
There have been considerable advances in stellar models and empirical relations to
characterize low-mass stars over the past five years. Still, the large number of TTV
systems that will be discovered by current and future transit missions combined
with advances in precision RV spectroscopy leave this method as a viable possibility
in order to characterize stars that are not well-explained by stellar models.
2.1 Introduction
With modern radial velocity techniques and the phenomenal success of space-based
transit surveys, exoplanetary science has moved from a “stamp-collecting” era of
finding individual systems to an era where hundreds of planetary systems are dis-
covered simultaneously (Borucki et al. 2011a). Despite these successes, accurate
characterization of planets is still challenging. In general, uncertainties in the radii
and masses of planets are dominated by uncertainties in the radii and masses of
their host stars (e.g. Muirhead et al. 2012a). Difficulties in characterizing the physi-
cal properties of planets are particularly acute for systems discovered by the Kepler
space telescope. For many systems, the ratio between the radius of the planet and
the radius of its host star is known to within 1 part in 1000 (Batalha et al. 2013). Yet
the stellar radii are often not known even to within ten percent, meaning much of
the precision of Kepler is lost when estimating planetary properties (Johnson et al.
2012b; Lissauer et al. 2012).
In general, measuring the masses of exoplanet host stars is a model-dependent pro-
cedure. For nearby stars with trigonometric parallaxes, one compares the luminos-
ity, effective temperature, and metallicity of a star to stellar evolution model grids
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(Valenti & Fischer 2005; Johnson et al. 2013). For stars without measured par-
allaxes, the stellar density can be measured from the transit light curve and used
in place of the luminosity. However, this relies on either the assumption that the
planet’s orbit is circular—a poor assumption for periods larger than 10 days—or
an RV orbital solution (Sozzetti et al. 2007; Dawson & Johnson 2012). The at-
mospheres and interior structures of stars are also poorly understood for stars that
differ substantially from the Sun, complicating their analyses further. Thus, model-
independent methods of measuring stellar masses are extremely valuable.
Agol et al. (2005) suggest that in a system with transiting planets, a precise mea-
surement of the transit duration, which depends on stellar density, coupled with
radial velocity information and precise measurements of the scatter in transit times
can provide a unique measurement of the stellar mass. Unfortunately, this strategy
requires precise knowledge of the inclination of the system, which from a transit
light curve is degenerate with limb-darkening coefficients (Jha et al. 2000), espe-
cially for low signal-to-noise transit detections.
The method described by Agol et al. (2005) also breaks down for resonant systems,
as it assumes the relative positions of the planets change from transit to transit.
Moreover, outside of resonance, transit timing effects are small for all but the largest
planets, so this method is suboptimal for studying rocky planets. This strategy is
successful when the perturbing object is massive, as is the case in circumbinary
planets (Doyle et al. 2011; Welsh et al. 2012) but is less promising for studying
solar-type systems. It has also been suggested that in a system containing a transit-
ing planet and an exomoon detected through transit timing and duration variations,
the stellar mass and radius can be determined directly through dynamical effects
(Kipping 2010a). While this technique holds future promise, exomoons to test this
procedure have not yet been detected.
Recently, transit timing variations caused by mutual gravitational interactions of
bodies in multiple-planet systems have been detected (Holman et al. 2010; Ford
et al. 2012a). These deviations from a linear transit ephemeris allow for an estimate
of the ratio of the mass of the perturbing planet to the mass of its star. In cases
where multiple planets transit, the ratio of the masses of each planet to the mass of
the host star can be estimated (Fabrycky et al. 2012; Steffen et al. 2012a).
In this paper, we propose a method to directly measure stellar and planetary masses
for multi-transiting systems by combining an analysis of the transit timing signal
caused by planet-planet interactions with Doppler radial velocity measurements.
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Unlike the technique developed by Agol et al. (2005), our method requires the ob-
served transiting planets to lie near a mean-motion resonance, where transit timing
effects are strongest. In §2, we explain how transit timing variations can be com-
bined with radial velocity information to estimate stellar and planetary masses. In
§3, we apply our process to the well-studied Kepler-18 planetary system, and com-
pare the result to both numerical integrations of the system and published stellar
evolution models. We find the scheme to be viable, but at present there is a lack of
radial velocity data to provide meaningful constraints on stellar parameters. In §4,
we discuss uncertainties and limitations to our method, as well as its applications
to systems discovered by Kepler and its eventual successors.
2.2 Unique Masses and Errors
Mass Determination from TTVs
Consider a system of two coplanar planets orbiting near (but not exactly at) a first-
order mean motion resonance. The planets have periods P and P′ (here and through-
out, the unprimed quantity refers to the inner planet and the primed quantity to the
outer planet) and orbit their star such that the inner planet completes approximately
j orbits in the time the outer planet completes j −1. A nearly edge-on observer will
detect both planets transiting their host star. Because of the near-commensurability
of their periods, the inner planet will pass its companion at nearly the same location
each orbit, driving small gravitational interactions which add coherently, inducing
a small forced eccentricity on each object. The two planets will therefore not transit
their star in an exactly periodic fashion. Instead, a small, sinusoidal departure from
periodicity, termed a transit timing variation (TTV), will be observed (e.g. Nesvorný
et al. 2012). TTVs have been used to detect the presence of nontransiting planets
(Ballard et al. 2011; Dawson et al. 2012) and to fully characterize systems when
multiple planets transit (Holman et al. 2010; Lissauer et al. 2011a). The period of
the TTV signal is related to the periods of the planets such that
PTTV =
1
| j/P′ − ( j − 1)/P | . (2.1)
In most cases, the superb photometry provided by the Kepler mission allows this
quantity to be precisely estimated.
An analytic form for the amplitude of the TTV signal is derived by Lithwick et
al. (2012, hereafter L12). The amplitude of the signal depends strongly on the
free eccentricity of the system. Here, free eccentricity refers to the component
of the eccentricity caused by the initial dynamical conditions of the system, not
26
the component driven by resonant interactions. Without observing a secondary
transit, for small planets the free eccentricity is difficult to constrain precisely via
photometry. However, many TTV signals have been detected in systems in which
the planets have orbital periods of days to weeks.
In this case, the estimated ages of the planets are larger than the expected tidal
circularization timescale at their present locations, so their orbits can be expected
to have negligible free eccentricity. This can be verified by analyzing the phase of
the TTV signal. If the zeropoints of the TTV signal occur when the longitude of
conjunction is parallel to the line of sight, L12 suggest the free eccentricity can be
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where m and M are the planet and stellar mass, ∆ is the fractional distance from
commensurability, typically of order 0.01, and f and g the appropriate coefficient
of the disturbing function, which characterizes the interactions between the plan-
ets. These sums of Laplace coefficients can be calculated by using the information
found in Appendix B of Murray & Dermott (2000). Additionally, the values of f
and g for common resonances have been conveniently listed in L12. To first order,
these coefficients are of order unity and depend only weakly on ∆. For systems with
TTVs, Equations 2.2 and 2.3 enable a unique determination of the planet-star mass
ratio, but normally one must rely on stellar models to further constrain stellar and
planetary properties. However, if radial velocity measurements are available, the
amplitude of the Doppler signal can be used in conjunction with the TTV informa-
tion to estimate the masses of the planets and the star.
Including Radial Velocities









with i and e the inclination and eccentricity, respectively (Paddock 1913). Despite
the lack of free eccentricity, we may expect a small forced eccentricity as a result
of 3-body interactions. The magnitude of this forced eccentricity is . 0.05, so
neglecting it will induce an error of . 0.1% in our semiamplitude calculation. An
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error of the same magnitude but in the opposite direction is induced by assuming
i = 90◦, since a strong constraint is provided by our requirement of a transit.
Thus, neglecting eccentricity and assuming an edge-on orbit, in the limit where







and the radial velocity can be modeled as





with tc the time of transit center. Again, a degeneracy exists between the planet and
stellar mass, so stellar models must be invoked. However, the degeneracy is differ-
ent from the one recovered from transit timing variations, so these two expressions
taken together can be used to solve for the planet and stellar masses individually.
This allows for two independent measurements of the mass of the star and one
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Simply put, for a given system containing two planets with precisely known peri-
ods, the quantities M1/3V ′K−1 and M1/3VK′−1 are constants. Thus, by precisely
measuring the RV semiamplitude and comparing it to the magnitude of the TTV
signal, the stellar mass can be directly estimated. Because of Kepler’s exceptional
photometry, the periods of each planet and terms derived from these (such as ∆) are
well known. Thus we expect the errors in the mass estimates to be dominated by































































where we expect the covariant terms to be zero since K and V are independently
measured quantities. Here, the fractional uncertainties depend quite sensitively on
the ability to measure K and V . Typically for systems of multi-transiting planets,
only one of these quantities is well measured. Therefore, we would expect to only
weakly constrain the stellar masses at present; with more observations the con-
straints will tighten considerably. In the limit where m  m′, K and V ′ are much
larger than their counterparts and can be more easily constrained. Thus when one
planet is substantially more massive than its companion, one stellar mass measure-
ment will be considerably more precise than the other and the mass of the more
massive planet will be better constrained than the less massive planet. In the case
where m ≈ m′, both measurements are expected to have similar uncertainties.
2.3 Example
Kepler-18 (KOI 137, KIC 8644288) is a planetary system containing three nearly
coplanar planets with 3.5, 7.6, and 14.9 day periods orbiting a 0.97M star (Cochran
et al. 2011, henceforth C11). These planets (137.03, 137.01, and 137.02, or Kepler-
18 b, c, and d, respectively) were confirmed by a combination of transit timing and
radial velocity measurements. The star has been observed using the Kepler short ca-
dence mode nearly continuously for two years, allowing for precise measurements
of transit times over dozens of transits. Moreover, 18 radial velocity measurements
of this Kp = 13.5 star, where Kp is the apparent magnitude in the Kepler bandpass,
have been collected over the past three years by the California Planet Search team
with the Keck 1 High Resolution Echelle Spectrometer (HIRES). Thus, enough data
exist to attempt to determine the mass of each member of this system dynamically.
We first fit a limb-darkened light curve to a series of phase-folded transits to es-
timate the observable transit parameters, such as the impact parameter and limb-
darkening coefficients, following the OCCULTQUAD routine developed by Mandel
& Agol (2002). Because of the high signal to noise ratio of these observations and
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the one-minute integration times, transit parameters can be easily measured from
individual transits: we find no significant difference in these parameters or their
uncertainties when fitting one individual transit instead of fitting a phase-folded
transit.
Once the shape of the light curve is modeled, we fit a curve of this shape to each
individual transit, allowing only the time of transit center to vary. Each individual
transit light curve consists of over 200 in-transit data points, allowing for mea-
surements of the transit center time to sub-minute precision. We remove from our
dataset transits that occur simultaneously with the transit of another planet. As
expected, the transits follow a sinusoidal deviation from a linear ephemeris; these
deviations, shown in Table 2.4, appear to be anti-correlated between the two planets.
For our method to provide meaningful mass estimates, the primordial (free) eccen-
tricity of the system must be damped on a timescale shorter than the age of the
system. As explained in L12, if the zeropoints of the transit timing variations occur
at the times at which the longitude of conjunction of the planets is equal to 0 or
180 degrees, then the system is likely to have negligible free eccentricity. We check
the phase of these transit timing variations by fitting each TTV curve independently
to a sinusoid. We determine parameters of this sinusoid and their uncertainties by
minimizing the χ2 statistic through a Levenberg-Marquardt algorithm. Addition-
ally, we allow for a vertical offset to the sine function in the fit (indicative of a
miscalculated time of transit center tc), and also a linear trend (indicative of a mis-
calculated orbital period). The results of this minimization can be found in Table
2.1. Both planets are consistent with having zero free eccentricity and anticorre-
lated TTV signals. From these parameters, we measure a fractional distance from
commensurability ∆ = −2.776 × 10−2 and find the coefficients of the disturbing
function to be f = −1.251 and g = 0.5308. The amplitude of the TTV signals for
Kepler-18 c and d can be measured to within 3.3 and 6.8 percent, respectively.
Planet Phase (deg) Amplitude (min) Period (day) Tc (BJD - 2454900.0) TTV Period (day)
18-c 184.5 ± 4.1 5.54 ± 0.18 7.6415716(5) 68.4071(2) 265.1 ± 2.5
18-d 3.2 ± 8.8 4.46 ± 0.30 14.858941(1) 61.1531(1) 265.9 ± 5.3
Table 2.1: TTV fitting results for Kepler-18
These results can then be combined with radial velocity measurements in order
to uniquely constrain the stellar and planetary masses. C11 used 14 radial veloc-
ity measurements to confirm this system; we used these data plus four additional
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observations collected between 1 July 2012 and 1 August 2012, all of which are
provided in Table 2.2.



















Table 2.2: Keck/HIRES relative RV measurements of Kepler-18
The large uncertainties in each individual observation, coupled with the small num-
ber of observations relative to the number of observed transits, suggest our mass
uncertainties will be dominated by uncertainties in the radial velocity semiampli-
tude. In fact, many different solutions fit the RV data equally well. As an example,
C11 fit a larger RV semiamplitude for planet d than c, despite the fact that they find
planet c to be both more massive and nearer the star than planet d. The analysis is
complicated by the existence of the much smaller planet b, orbiting inside the other
two. In this case, we invoke one additional piece of information. Equations 2.2 and














which in this case implies m′/m = 1.22 ± 0.09, where m′ refers to planet c and m
to planet d. This can be applied as an additional constraint in the radial velocity fit.
In the case where σRV  σTTV , an equivalent mass ratio constraint, derived from
the radial velocity semiamplitude ratio, can be applied to the TTV fit.
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With this additional constraint, we model the RVs as the sum of three sinusoids
of the form of Equation 2.6, with three free parameters: the semiamplitude of one
of the resonant planets (c or d; here, we fit c), the semiamplitude of the innermost
planet b, and an offset term, γ. We find the best fitting parameters to be Kc =
6.89 ± 1.40 m/s, Kb = 4.18 ± 2.14 m/s, and γ = 1.30 ± 1.45 m/s. From the mass
ratio above, this implies a semiamplitude for planet d of Kd = 4.52 ± 0.97 m/s. We
now have enough information to estimate the stellar and planetary masses; these
results are shown in Table 2.3.
Object C11 L12 Analytic Result1 Dynamical Estimate2
Star (M) 0.972 ± 0.042 Assumed C11 0.83 ± 0.51 0.92+0.61−0.40
Planet c (M⊕) 17.3 ± 1.8 20.2 ± 1.9 18.6 ± 11.6 14.8+9.4−6.0
Planet d (M⊕) 16.4 ± 1.4 17.4 ± 1.2 15.4 ± 9.5 15.4+11.0−7.0
Table 2.3: Mass estimates for the Kepler-18 system.
(1) Result derived by applying Equations 11-13.
(2) Result determined from numerical integrations.
When both the RV and TTV amplitudes are measured without invoking the extra
constraint of Equation 2.14, two independent measurements of the stellar mass can
be calculated, one through K and V ′, and one through K′ and V . However, since our
value for K′ is found by assuming a value for K , we only calculate one independent
measure of the stellar mass. We find a stellar mass of 0.83 ± 0.51M, consistent
with that found by C11. We find the masses of planets c and d to be 18.6±11.6 and
15.4 ± 9.5M⊕, respectively.
It is somewhat disappointing that the uncertainties in the stellar mass are so large in
this example, but this should be considered a shortcoming in the available data, not
in the potential of our technique. Because most Kepler Objects of Interest (KOIs)
are considerably fainter than typical stars probed by radial velocity surveys, follow-
up radial velocity measurements are often carried out only to a level necessary to
confirm the planetary nature of a transiting system. Thus for most systems that ex-
hibit transit timing variations, radial velocity measurements alone are rarely precise
to within even 20%. Better constraints on K are regularly achieved for stars tar-
geted in radial velocity surveys, and with more follow-up observations these mass
estimates will be greatly improved. This is discussed more fully in §2.4.
We can confirm the validity of our method by comparing our analytic result to re-
sults obtained through numerical integrations of this system. To accomplish this
task, we make use of the Systemic Console developed by Meschiari et al. (2009).
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This program is designed to simultaneously fit Doppler and transit timing measure-
ments. The Console contains several built-in integrators, including an eighth-order
Runge-Kutta scheme employed in this work. The Console is not designed to enable
the user to solve for the stellar mass as a free parameter. We circumvent this prob-
lem by first assuming a stellar mass. We fix the period and mean anomaly at BJD =
2455128.0 so that they are consistent with values found in Table 7 of C11; we then
allow the planet masses, inclinations, and eccentricities to vary and minimize the
χ2 of the system. Once χ2 is calculated, we vary the stellar mass slightly and repeat
this procedure. With this technique, we can map the likelihood space in both M and
m. As shown in Table 2.3, both the best fitting parameters and their uncertainties
are consistent with the analytic result, suggesting that our method is viable and that
dynamical techniques can be used in conjunction with our analytic result to further
constrain the stellar and planetary parameters.
In all cases, our uncertainties are dominated by our 20% errors in the radial ve-
locity semiamplitudes. The uncertainty in the radial velocity semiamplitude will
decrease considerably with more radial velocity observations. We prove this claim
by simulating observations placed randomly between the months of June and Oc-
tober, when the Kepler field is visible at night. We first find the true radial velocity
of the system at that time, assuming Kc = 7.0 m/s. An statistical uncertainty σ is
randomly drawn from the observed errors in previous HIRES measurements, and a
Gaussian random number is drawn from a distributionN (0,σ). The radial velocity
measurement is shifted by an amount equal to this random number, and the statis-
tical uncertainty is recorded as σ. Finally, to simulate the effects of radial velocity
“jitter” caused by stellar pulsations, a random number is drawn from N (0,3 m/s);
this value is also added to the radial velocity measurement. The observations are
fitted to a combination of sinusoids as described above, and the stellar and plane-
tary masses are estimated. The fractional error in the semiamplitudes for the largest
planet as a function of the number of observations is shown in Figure 2.1 (solid
line).
We find that, with 30 more radial velocity observations, the uncertainty in our cal-
culation drops by nearly a factor of two, from the current 61 percent to 33 per-
cent. To provide substantially better than 33 percent uncertainties without obtain-
ing 50 radial velocity measurements, we can target a less massive star. As stated
in §2.1, this method will be optimal for stars for which evolutionary models are
less able to constrain stellar parameters precisely, such as F-type stars, subgiants,
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and M-dwarfs. Since M-dwarfs are less massive than their G-type counterparts, a
given mass planet around an M-dwarf produces a comparatively larger RV signal.
Since the mass uncertainties will generally be dominated by the Doppler uncer-
tainty, focusing on low-mass stars will enhance the observed signal, allowing for
more meaningful mass constraints to be set. As proof, we again simulate obser-
vations of orbiting planets, but with larger values for K , corresponding to a less
massive star or more massive planets. By sampling at the same times and assum-
ing the same statistical errors and jitter levels, the fractional error in K decreases
significantly for a fixed number of observations. These results are also shown in
Figure 2.1 (dashed lines). For example, a planet identical to Kepler-18 c orbiting a
star of mass M = 0.33M would produce a semiamplitude K = 15 m/s; with only
20 observations the RV semiamplitude could be constrained to within 8 percent
and the stellar mass to within 30 percent. It is worth noting that these observa-
tions are all simulated assuming similar levels of statistical noise as the Kepler-18
observations. This is a reasonable approximation for the stars hosting Kepler Ob-
jects of Interest, but these stars are considerably fainter than the average Doppler
planet search target. If transit timing variations are detected around a considerably
brighter star, as one would expect from next-generation space-based planet finding
missions, radial velocity observations could be carried out to considerably higher
precision, decreasing the number of observations required to precisely measure the
stellar radial velocity semiamplitude.
2.4 Summary and Discussion
We present a method of measuring stellar and planetary masses dynamically by
combining TTVs measured from transit light curves and follow-up radial velocity
measurements. Our method can be used as an alternative to relying on stellar evo-
lutionary models, which can be poorly constrained for non-solar type stars like M-
dwarfs, subgiants, and F stars. By analyzing the Kepler-18 system and confirming
our expressions with dynamical simulations of this system, we show the potential
of our method.
While we show our method to be viable, especially for low-mass stars, using our
method requires a somewhat specific set of circumstances. The system must con-
tain two planets with masses large enough to force a detectable Doppler signal and
observable transit timing variations on circular orbits near a first-order commen-
surability. Kepler data suggests planets near resonance are common: more than
12 percent of planet systems show evidence for detectable transit timing variations
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Figure 2.1: Derived fractional errors in the Doppler semiamplitude measurement as
a function of number of radial velocity observations taken, for various values of K ,
the Doppler semiamplitude. For all observations, the same statistical uncertainties
and RV jitter levels are assumed. The jitter level is 3 m/s, a reasonable estimate
for all but the youngest dwarf stars. From top to bottom, these curves represent
semiamplitudes of [7,11,15,19,23] m/s. For a system like Kepler-18, where K ≈ 7
m/s, many more measurements would be required to constrain K to five percent (and
thus the stellar mass to 15 percent). However, for a system with either larger planets
or a smaller star, this level of precision could be reached with fewer observations.
(Ford et al. 2012b), and dozens of planets near resonance have been confirmed
through TTVs (Steffen et al. 2013). Both the TTV and Doppler signals can be mea-
sured for super-Earth planets with periods less than 30 days; short-period systems
such as these are extremely common (Howard et al. 2012). Thus, it is likely that
despite the specific requirements needed to use our system, it can be applied to a
considerable number of Kepler planetary systems.
As shown in Equations 14 and 15 of L12, the amplitude of the TTV signal is given
such that







with |Vdamped | the amplitude of the TTV signal if the system were damped of its free
eccentricity. The quantity Zfree is defined such that Zfree = f zfree +gz′free, where z is
the complex eccentricity of the planet, z = e expiω. Thus, our method as described
will break down unless |Zfree |  |∆|. This is a reasonable assumption for planets
with periods under ten days. In theory, even if a non-negligible amount of free
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eccentricity remains in the system, a detailed radial velocity orbital solution could
be used to calculate Zfree and determine the system dynamical masses.
As a projection of the utility of this method, consider KOI 1241, a system containing
two planets with periods of 10.5 and 21.4 days orbiting a giant star (R = 3.14R,
Steffen et al. 2013). There is evidence that this system has not dissipated all its free
eccentricity, meaning it is not optimal for our study. However, with nine quarters of
public Kepler data, we can constrain the TTV signal caused by the larger planet in
this system to 8.2 percent. Moreover, with only nine radial velocity observations,
we can determine the radial velocity semiamplitude of the larger planet to 5.3 per-
cent. Thus, from our method alone, if a system existed that was nearly identical to
KOI 1241 but damped of free eccentricity, by Equations 11-13, we expect we could
determine the stellar mass to 29 percent and the mass of the larger planet to within
22 percent. Our method could also be applied to KOI 1241 in the future if enough
radial velocity data is collected to determine the magnitude of Zfree for the system.
The uncertainties in the TTV signal of KOI 1241 are larger than the uncertainty in
the RV semiamplitude. The transit timing errors will decrease as more Kepler data
are released: decreasing the TTV error to five percent without including any addi-
tional radial velocity observations will reduce the uncertainty in the stellar mass to
20 percent. Thus our method could provide significant constraints on stellar masses
in regimes where stellar atmospheres are less well-understood, such as subgiants
and cool stars. For these cases, our method will be able to compliment asteroseis-
mology results as an independent measure on the mass of the star. Moreover, our
method can be used to find systems where the analytic stellar mass is substantially
different than the Kepler Input Catalog values, which can then be followed up with
dynamical modeling, asteroseismology, or high resolution spectroscopy to better
characterize the star and orbiting planets.
With present data our technique is only viable as an alternative to stellar modeling
in the most exceptional cases. Transit timing variations have been detected to re-
markable precision by Kepler, but very few KOIs have been followed up with radial
velocity measurements. In the cases where RV data exists, only enough measure-
ments were collected to confirm the planetary nature of the system, not to indepen-
dently measure the planetary masses (Holman et al. 2010). Our routine will become
more useful for systems in which the RV semiamplitude can be better constrained.
Additionally, the constraints provided by our technique can be applied as priors for
model-grid interpolations of stellar masses. Thus these model-independent mass
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measurements can be used to guide and improve model-based stellar mass esti-
mates.
Despite the faintness of the Kepler planet candidate host stars, there are a few stars
that would be ideal candidates for applications of our method. From the collection
of Kepler Objects of Interest, we searched for stars hosting at least two transiting
planets each with P < 25 days. We required at least one planet to be larger than
2 R⊕ and the planet periods to lie within five percent of a first-order mean-motion
resonance. To ensure that all targets were optimized for radial velocity follow-up,
we eliminated all targets fainter than mKp = 13.0. After making these cuts, we find
8 candidate systems to which this technique can be applied: KOI 85, 111, 115, 117,
244, 304, 1241, and 1930. As stated earlier in this section, KOI 1241 is not an ideal
target because it has not been fully damped of its primordial eccentricity and there
is not enough radial velocity information to uniquely determine the eccentricity of
both planets. Of the remaining 7 systems, the CPS team has collected more than
10 radial velocity measurements only on one, KOI 244. Additional radial velocity
measurements of any or all of the above systems would enable further validation of
our procedure as well as additional constraints on the masses of each of the stars
and their planets. Moreover, next-generation planet finding missions, such as TESS
(Brown & Latham 2008) and PLATO (Catala et al. 2010) will target bright stars,
making detailed radial velocity follow-up observations of systems exhibiting transit
timing variations a much more practical possibility.
KOI n tn TTVn σn
(BJD-2454900) (d) (d)
137.01 0 198.3142 -0.0006 0.0012
137.01 1 205.9557 0.0002 0.0013
137.01 2 213.5973 0.0019 0.0018
137.01 3 221.2389 0.0017 0.0010
137.01 4 228.8804 0.0021 0.0017
137.01 5 236.5220 0.0014 0.0015
137.01 6 244.1636 0.0031 0.0011
137.01 7 251.8052 0.0030 0.0011
137.01 8 259.4467 0.0037 0.0012
137.01 9 267.0883 0.0050 0.0012
137.01 10 274.7299 0.0041 0.0012
137.01 11 282.3714 0.0037 0.0018
137.01 12 290.0130 0.0035 0.0018
137.01 13 297.6546 0.0028 0.0012
137.01 14 305.2961 0.0034 0.0011
37
137.01 15 312.9377 0.0026 0.0011
137.01 16 320.5793 0.0013 0.0011
137.01 17 328.2209 0.0018 0.0012
137.01 18 335.8624 0.0008 0.0015
137.01 20 351.1456 0.0001 0.0011
137.01 21 358.7871 -0.0005 0.0012
137.01 22 366.4287 -0.0027 0.0014
137.01 23 374.0703 -0.0033 0.0014
137.01 24 381.7119 -0.0024 0.0011
137.01 25 389.3534 -0.0025 0.0011
137.01 26 396.9950 -0.0033 0.0011
137.01 27 404.6366 -0.0036 0.0013
137.01 28 412.2781 -0.0046 0.0012
137.01 29 419.9197 -0.0037 0.0011
137.01 30 427.5613 -0.0038 0.0015
137.01 31 435.2028 -0.0039 0.0013
137.01 32 442.8444 -0.0019 0.0012
137.01 33 450.4860 -0.0013 0.0011
137.01 34 458.1276 -0.0017 0.0010
137.01 35 465.7691 -0.0008 0.0015
137.01 36 473.4107 0.0005 0.0013
137.01 37 481.0523 0.0016 0.0011
137.01 38 488.6938 0.0026 0.0014
137.01 39 496.3354 0.0027 0.0015
137.01 40 503.9770 0.0030 0.0014
137.01 41 511.6186 0.0038 0.0011
137.01 42 519.2601 0.0032 0.0013
137.01 43 526.9017 0.0052 0.0013
137.01 44 534.5433 0.0055 0.0013
137.01 45 542.1848 0.0034 0.0010
137.01 46 549.8264 0.0025 0.0014
137.01 47 557.4680 0.0049 0.0021
137.01 48 565.1095 0.0035 0.0011
137.01 49 572.7511 0.0030 0.0012
137.01 50 580.3927 0.0017 0.0010
137.01 51 588.0343 0.0034 0.0016
137.01 52 595.6758 0.0013 0.0011
137.01 54 610.9590 -0.0006 0.0012
137.01 55 618.6005 -0.0019 0.0012
137.01 56 626.2421 -0.0015 0.0016
137.01 57 633.8837 -0.0026 0.0012
137.01 58 641.5253 -0.0016 0.0012
137.01 61 664.4500 -0.0046 0.0014
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137.01 62 672.0915 -0.0028 0.0012
137.01 63 679.7331 -0.0042 0.0012
137.01 65 695.0162 -0.0032 0.0011
137.01 66 702.6578 -0.0025 0.0013
137.01 67 710.2994 -0.0029 0.0012
137.01 68 717.9410 -0.0029 0.0011
137.01 69 725.5825 -0.0004 0.0013
137.01 71 740.8657 0.0006 0.0013
137.01 72 748.5072 0.0006 0.0014
137.01 73 756.1488 0.0014 0.0011
137.01 74 763.7904 0.0049 0.0017
137.01 75 771.4320 0.0011 0.0016
137.01 76 779.0735 0.0033 0.0012
137.01 77 786.7151 0.0021 0.0011
137.01 78 794.3567 0.0031 0.0012
137.01 79 801.9982 0.0039 0.0012
137.01 80 809.6398 0.0029 0.0014
137.01 81 817.2814 0.0038 0.0011
137.01 82 824.9229 0.0016 0.0012
137.02 0 194.8832 0.0000 0.0010
137.02 1 209.7421 -0.0012 0.0011
137.02 2 224.6011 -0.0025 0.0010
137.02 3 239.4600 -0.0037 0.0010
137.02 4 254.3189 -0.0029 0.0010
137.02 6 284.0368 -0.0032 0.0011
137.02 7 298.8958 -0.0040 0.0011
137.02 8 313.7547 -0.0013 0.0010
137.02 9 328.6136 -0.0023 0.0023
137.02 10 343.4726 -0.0005 0.0011
137.02 11 358.3315 0.0008 0.0009
137.02 12 373.1905 0.0017 0.0012
137.02 13 388.0494 0.0036 0.0010
137.02 14 402.9083 0.0029 0.0011
137.02 15 417.7673 0.0020 0.0010
137.02 16 432.6262 0.0008 0.0012
137.02 17 447.4852 0.0008 0.0011
137.02 18 462.3441 0.0008 0.0011
137.02 19 477.2030 -0.0001 0.0011
137.02 20 492.0620 0.0002 0.0010
137.02 21 506.9209 -0.0023 0.0011
137.02 22 521.7799 -0.0024 0.0010
137.02 23 536.6388 -0.0038 0.0010
137.02 24 551.4977 -0.0035 0.0010
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137.02 25 566.3567 -0.0033 0.0011
137.02 26 581.2156 -0.0033 0.0010
137.02 27 596.0746 -0.0013 0.0015
137.02 29 625.7924 0.0020 0.0010
137.02 31 655.5103 0.0032 0.0014
137.02 32 670.3693 0.0015 0.0011
137.02 33 685.2282 0.0026 0.0009
137.02 34 700.0871 -0.0011 0.0011
137.02 35 714.9461 0.0008 0.0010
137.02 36 729.8050 -0.0019 0.0010
137.02 37 744.6640 -0.0012 0.0011
137.02 38 759.5229 -0.0027 0.0011
137.02 39 774.3818 -0.0030 0.0012
137.02 40 789.2408 -0.0034 0.0010
137.02 41 804.0997 -0.0052 0.0010
137.02 42 818.9587 0.0003 0.0013
Table 2.4: Transit times for Kepler transiting planet candidates in the KOI-137
system
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C h a p t e r 3
THE OCCURRENCE RATE OF GIANT PLANETS AROUND M
DWARFS
In this chapter I develop a method to determine the occurrence rate of giant planets
in wide orbits around their host stars. These planets are large enough to cause a slow
drift, or trend, in the RV of their host star, but too distant from their star to observe
the full orbit on a reasonable timescale. Such a trend could be caused by a planet,
or a star on a much wider orbit. As stars would be easily observable with high-
contrast direct imaging, the existence of a trend combined with an AO non-detection
suggests the presence of a planet is likely. The definitive presence of any single
planet can not be determined, but by analyzing a population of these systems their
bulk occurrence can be measured. This chapter was originally published as “The
TRENDS High-contrast Imaging Survey. IV. The Occurrence Rate of Giant Planets
around M Dwarfs,” ApJ, 781, 28 (2014) by BTM, Justin Crepp, John Johnson,
Andrew Howard, and Geoff Marcy.
3.1 Introduction
Over the past twenty years, numerous planets have been detected by several differ-
ent techniques, permitting the first estimates of the occurrence rate of planets or-
biting stars in the solar neighborhood (e.g. Gould et al. 2010; Howard et al. 2010a;
Johnson et al. 2010b; Vigan et al. 2012). As successful as these detection methods
have been, each is sensitive only to a relatively narrow range of parameter space.
For example, radial velocity (RV) studies are most sensitive to massive planets with
orbital periods shorter than the time baseline of observations. Johnson et al. (2010b)
find that 3.4+2.2−0.9% of M dwarfs have a Saturn-mass or larger planet within 2.5 AU.
Beyond a few AU, RV searches are incomplete as the time required for a planet
to complete one orbit is longer than the typical observing baseline. Some studies
have attempted to extrapolate beyond this boundary. For instance, Cumming et al.
(2008) fit the observed RV planet population to a power law in planet mass and
period and find that 18% ± 1% of FGK stars host a Saturn-mass or larger planet
within 20 AU. Recently, targeted RV surveys of M-dwarfs have suggested the giant
planet occurrence rate is significantly smaller for these diminutive stars. Bonfils et
al. (2013) suggest fewer than 1% of M-dwarfs host a Saturn-mass or larger planet
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with an orbital period 1 < P < 10 days, and 2+3−1% host giant planets with orbital
periods between 10 and 100 days.
Transit studies suffer from similar detection biases. Since a planet transits only
once each orbit, several orbits must be observed to definitively confirm a planet,
so characterization is limited to planets with periods shorter than a fraction of the
observing baseline (Gaudi et al. 2005). Additionally, the probability of a planet
transiting its host star decreases with increasing orbital period (Winn 2011), such
that hundreds of thousands of stars must be monitored in order to study the planet
population at a ≈ 1 AU (Borucki & Summers 1984). Nevertheless, the success of
the Kepler mission (Borucki et al. 2010; Koch et al. 2010) has allowed for statisti-
cal analyses of transiting planets to be undertaken. For example, Morton & Swift
(2014) analyze M dwarfs included in the 2012 list of announced Kepler Objects of
Interest (KOIs, Batalha et al. 2013). By correcting for false positives (detections
when no transiting planet exists), false negatives (nondetections when a transiting
planet is present) and geometric effects (nondetections of nontransiting planets),
they estimate an occurrence rate of 1.5 planets with periods less than 90 days and
radii larger than 0.5R⊕ per M dwarf star. The occurrence rate found by these authors
is slightly higher than previous analyses which measure rates of approximately one
planet per star (Youdin 2011; Mann et al. 2012; Dressing & Charbonneau 2013;
Swift et al. 2013).
Neither RV nor transit searches are yet conducive to the discovery and characteri-
zation of planets well beyond the “snow line,” where water exists as ice. Instead,
high contrast direct imaging techniques can be a powerful tool for detecting young
planetary companions in this domain. The first direct imaging planet discoveries
are securely in hand, including four companions to HR 8799 (Marois et al. 2008,
2010) and one each around β Pictoris (Lagrange et al. 2009), and Gl 504 (Kuzuhara
et al. 2013)1. Recent studies using these techniques have calculated an occurrence
rate around A stars of 8.7+10.1−2.8 % at 1σ confidence for planets larger than 3MJ and
separations between 5 and 320 AU (Vigan et al. 2012). Imaging studies have been
most effective around high mass stars. (Crepp & Johnson 2011; Carson et al. 2013).
Nondetections around lower-mass stars have been used to place upper limits on the
frequency of giant planets. For example, Nielsen & Close (2010) rule out the pres-
ence of giant planets orbiting FGKM stars beyond 65 AU with 95% confidence.
1Companions detected around Fomalhaut (Kalas et al. 2008; Currie et al. 2012), HD 95086
(Rameau et al. 2013), and LaCa15 (Kraus & Ireland 2012) are also good candidates to be directly
imaged planets, but their true nature is somewhat ambiguous.
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High contrast imaging, while powerful, only provides a measure of the relative
brightness of a companion. To estimate the companion’s mass, the age of the star
must be known and planetary thermal evolution models must be applied to estimate
the temperature (and brightness) of the companion (Chabrier et al. 2000; Baraffe et
al. 2003). Moreover, direct imaging is currently only sensitive to massive planets;
the HR8799 planets and β Pic b are believed to have masses m > 5MJ . RV and
transit studies suggest such “super-Jupiters” are rare compared to Jovian-mass and
smaller objects at smaller separations (Howard et al. 2010a, 2012).
The gravitational microlensing technique is also effective for finding giant plan-
ets in wide orbits and does not rely on planetary evolution models. Using this
technique, planets can be detected by observing perturbations to the photometric
gravitational microlensing signal when a planet and its host pass in front of a more
distant star. Since 70 − 75% of stars in the galaxy are M-dwarfs, most lenses have
mass M < 0.5M. Microlensing searches thus provide a measure of planet occur-
rence around low mass stars. Microlensing studies are sensitive to planets near the
Einstein ring, RE ∼ 3.5AU(M/M)1/2, a much wider separation than RV and tran-
sit searches Gould et al. (2010). Cassan et al. (2012) find microlensing searches are
most sensitive to planets at a projected separation in the range [s−1maxRE , smaxRE],
where smax ∼ (q/10−4.3)1/3 and q is the mass ratio between a companion and the
host star. These authors find a planet occurrence rate that can be parameterized by
a double power-law function, in mass ratio q and separation s, such that
d2N






The normalization constant is equivalent to 0.24+0.16−0.10. These results are calculated
under the assumption that planets are distributed uniformly in log s, as is the case
for binary stars (Öpik 1924). Additionally, Sumi et al. (2010) find a power-law
slope in mass such that dN/d log q ∝ q−0.68±0.20 for Neptune-sized planets, but do
not attempt to quantify a normalization factor.
As microlensing studies focus on distant M-dwarfs (d > 1 kpc) in the direction of
the galactic bulge (Gaudi et al. 2002), these stars can be difficult to characterize
accurately due to crowding. Stellar masses and metallicities are often estimated
without being measured spectroscopically. If these host stars have different masses
than assumed, it would affect the results of planet occurrence rate studies by mi-
crolensing groups as microlensing results do not account for correlations between
stellar and planet properties. Additionally, as microlensing searches are most sen-
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sitive near r = RE , beyond approximately 10 AU the lensing signal becomes very
weak, and differentiating distant planets from unbound, “free-floating” planets be-
comes difficult (Sumi et al. 2011).
RV and microlensing studies probe different regions around a star, and extrapola-
tions between the two domains suggest a possible discrepancy. Cassan et al. (2012)
estimate a total giant planet occurrence rate significantly lower than the Cumming
et al. (2008) RV result. Derived power-law distributions in mass may also be dif-
ferent for planets found by each method: Cumming et al. (2008) find a distribution
such that dN/d logm ∝ m−0.31±0.20 from RV-detected planets, while Cassan et al.
(2012) find a distribution such that dN/d log q ∝ q−0.73±0.17. Since microlensing
studies target M-dwarfs, which are confined to a narrow mass range, we can ap-
proximate q = m/M as m. In this case, the microlensing result and RV result differ
by 1.6σ. Since giant planet occurrence decreases with decreasing stellar mass and
metallicity (Johnson et al. 2010a), the expected giant planet occurrence rate around
M dwarfs would be smaller than that for FGK stars. Therefore, it is necessary to
compare the microlensing planet population not to a population of FGK stars, but
instead to a study of RV detected planets around M-dwarfs.
Historically, RV observations have been used to detect and characterize planets once
they complete a full orbit, limiting studies to planets with periods shorter than the
observing time baseline. In this paradigm, potentially useful information is over-
looked. Wide companions are not completely undetectable: instead they can be
identified by the presence of long-term RV accelerations (linear “trends”) which
can be used to infer the existence of a companion in a more distant orbit (Liu et al.
2002; Crepp et al. 2012b). However, a linear acceleration does not provide unique
information about the mass and period of the companion: the same trend could
be caused by a Jupiter-mass planet at 5 AU or a 100MJ M-dwarf at 25 AU. This
degeneracy can be broken by adaptive optics (AO) imaging. Low-mass binary com-
panions to nearby M-dwarfs can be easily imaged by modern AO systems (Lloyd
2002; Siegler et al. 2003). Such detections form the basis for the TRENDS High-
Contrast Imaging Survey, which to date has detected four M-dwarfs and one white
dwarf companion to higher mass stars(Crepp et al. 2012a, 2013a,b).
In this work, we combine RV and AO observations of nearby cool stars to estimate
the frequency of giant planets in wide orbits around M-dwarfs. From a sample
of 111 M-dwarfs observed with a median Doppler RV baseline of 11.8 years, we
identify 4 systems with long-term RV accelerations but no known companions and
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target these stars with AO imaging in an attempt to detect stellar-mass compan-
ions. We discuss these observations and our methodology in Section 3.2. Given
an observed RV trend or lack thereof, we determine with high statistical confidence
if a giant planet exists around each star. We analyze the effects of false positive
and false negative detections of RV accelerations in our sample in Section 3.3. In
Section3.4 we estimate the occurrence rate of giant planets around M-dwarfs and
compare the measure to results from other techniques. We summarize and conclude
in Section 3.5, and provide notes about individual targets in Section 3.6. In Section
3.7, we include a brief note about magnetic activity.
This study represents the first measurement of the planet population in the range
0–20 AU. While we rely on brown dwarf cooling models, our study does not make
use of theoretical planetary evolution models, unlike other AO studies of planetary
systems.
3.2 Sample and Observations
Target Selection
Since 1997, the California Planet Search (CPS) collaboration has undertaken a com-
prehensive Doppler search for extrasolar planets at the Keck Observatory (e.g.
Howard et al. 2010b). Using Keck/HIRES (Vogt et al. 1994), the CPS program
monitors over 2000 stars, most selected to be chromospherically quiet, single, and
bright. Included in this sample is a collection of M-dwarfs from the Gliese and
Hipparcos catalogs brighter than V = 11.5 and lacking known stellar companions
within 2 arcseconds (Rauscher & Marcy 2006). This sample was later extended to
V = 13.5 and currently includes 131 M-dwarfs within 16 pc of the Sun, where we
define the M spectral class as targets with B − V > 1.44.
To develop the sample used here, we first remove from this set 16 stars with a
known, nearby stellar binary companion. We define “nearby” as a separation small
enough that a test particle orbit with semimajor axis ≥ 30 AU would be unstable,
following the instability criterion of Holman & Wiegert (1999). This criterion de-
pends on the unknown eccentricity of the binary pair, as perturbative effects are
maximized at periapsis. We take e = 0.5 as a typical value and find the onset of
instability occurs for binary stars with a ∼ 250 AU. Planets can still form in these
more compact binary systems (e.g. Gl667C; Anglada-Escudé et al. 2012a) but at
such small separations protoplanetary disk formation and planet evolution would
be affected significantly by the presence of stellar companions. This selection thus
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allows us to study a class of planets that likely followed similar evolutionary pro-
cesses. Moreover, the detection of an acceleration around these stars is ambiguous,
as it could be caused by the binary star, a planetary-mass companion, or both to-
gether.
After making the above selection we are left with 111 RV targets, all of which
have at least 8 radial velocity observations and a time baseline longer than 2.9
years. The median number of observations is 29 over a median time baseline of
11.8 years. The stars have spectral types from M0 to M5.5 and masses in the
range 0.64M − 0.10M. Stellar masses are estimated using the empirical rela-
tion between mass and absolute K-band magnitude, MK , described by Delfosse et
al. (2000). We take 10% as a typical uncertainty in the stellar mass, in line with pre-
vious estimates (Bean et al. 2006). K-band apparent magnitudes are measured us-
ing apparent magnitudes from the 2MASS point-source catalog (Cutri et al. 2003).
The majority of our parallaxes are taken from an analysis of Hipparcos data (van
Leeuwen 2007). Some of our stars were not observed by Hipparcos, while others
have had their distances updated more recently. In these cases, we apply the dis-
tances listed in the SIMBAD astronomical database (Table 3.1). For example, for
Gl 317 we use the parallax found by Anglada-Escudé et al. (2012b); their derived
mass and metallicity are consistent with our estimated values. In all cases, stellar
metallicities are estimated by measuring the offset between the star’s position in
the {V − Ks,MKS} plane from a calibrated main sequence following the method of
Neves et al. (2012). We take 0.17 dex as a typical uncertainty in the stellar metallic-
ity, representative of the scatter between this photometric method and spectroscopic
measures of stellar metallicity. Stellar parameters for these targets are listed in Ta-
ble 3.1 and observational parameters are listed in Table 3.2. The distribution of RV
observational parameters are shown in Figure 3.1. Spectral types are estimated by
comparing the spectrum collected with HIRES to other spectra collected with this
same instrument. RV observations for a representative sample of six “typical” stars
are shown in Figure 3.2.
Detecting Accelerations from Radial Velocities
The detection of a long-term RV acceleration is facilitated by having many observa-
tions over a long time baseline to increase signal, but complicated by astrophysical
“jitter” caused by rotational modulation of surface inhomogeneities. To determine
the masses and semimajor axes to which we are sensitive to planetary companions,
we inject a series of artificial companions into orbit around the stars in our sample.
46





























































1 3 10 30 100



















1 3 10 30 100



















Figure 3.1: Distributions of the RV observational parameters. Dashed lines rep-
resent the median values for each parameter. The median target brightness is
V = 10.6, and the median target has been observed 29 times over 11.8 years. The
median measurement uncertainty σ, defined as the sum in quadrature of rotational
jitter and statistical uncertainty (Eq. 3.2) is 4.5 m s−1. Specific parameters for each
individual system are shown in Table 3.1.
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Figure 3.2: RV measurements for a representative sample of six example stars.
The stars are arranged such that the brightest star is at the top of the plot. The
individual stars vary considerably with respect to observing baselines, measurement
uncertainty, and number of observations. Of these stars, HIP 59406 has a wide
binary companion, while HIP 22627 has both a known inner planet and long-term
RV acceleration.
We define a logarithmically spaced grid of companion masses and semimajor axes
spanning the range 0.75MJ < m < 100MJ and 3AU < a < 30AU, such as the
one shown in Figure 3.3. At each point, we inject 500 planets and randomly assign
each of the remaining orbital elements. The longitude of ascending node Ω, time
of periapsis tp, and argument of periapsis ω are drawn from a uniform distribution,
while the inclination is drawn from a distribution dn/di = sin i and the eccentric-
ity from a distribution such that dn/de follows a beta distribution with a = 1.12
and b = 3.09, which well-replicates the distribution of observed eccentricities for
RV planets with orbits longer than 382 days (Kipping 2013). We then numerically
integrate these orbits forward in time over our true observing baseline.
At the epochs each star was observed by CPS, we calculate the expected radial
velocity signal caused by our injected planet. Each velocity is perturbed from the
true expected Keplerian velocity by a normal variate with zero mean and standard
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Here, σγ is the photon noise, estimated for each individual observation by randomly
selecting a single measurement of the measured Poisson photon noise from a true
observation of the star. To account for the effects of jitter, we follow the method of
Isaacson & Fischer (2010), who develop an empirical relation between the level of
stellar jitter, a star’s SHK value, and its B − V color. SHK is defined as the ratio of
the flux in the Ca II line cores to flux in the surrounding continuum. We compare
the SHK value observed by CPS to that expected from the star’s B −V color, which
provides an estimate of σjitter. This value is added in quadrature to the photon noise
to estimate a total observational uncertainty, σ. Typical observations carry a photon
noise of 2 − 4 m s−1 and jitter values are typically 3 − 5 m s−1 for a total σ value
of 3 − 6 m s−1 for the majority of stars. Median σ values for each star are listed in
Table 3.2.
Once all observations are accounted for, we search for evidence of our injected
planetary companion, manifested as an acceleration in the RV data. Here, we define
the existence of a trend using the Bayesian Information Criterion (BIC; Schwarz
1978; Bowler et al. 2010; Campo et al. 2011; Stevenson et al. 2012), which prefers
simple, well-fitting models subject to
BIC ≡ −2 lnL + k ln N, (3.3)
where L is the maximum likelihood for a model with k free parameters and N
observations. The BIC thus favors models that fit the underlying data well, but
penalizes increasingly complex models. For a more complex model to be preferred
by the BIC, it must improve the fit by an amount greater than k ln N to overcome
the penalty term.
Kass & Raftery (1995) claim a difference between BIC values provides a bounded
approximation of twice the logarithm of the Bayes factor. A change in BIC value of
ten or more (corresponding to a Bayes factor of approximately 0.01) suggests strong
evidence for an association between two parameters. If the BIC value decreases by
more than 10 when considering a model with a linear acceleration over a model
with only an offset, a planet is considered to be detected. Otherwise, the system is
considered a non-detection. We find that the ∆BIC value chosen here is consistent
with by-eye inspection of our data in a visual search for RV accelerations. In both
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cases, we allow for a linear offset in the RV data in August, 2004, corresponding to
an upgrade of the HIRES CCD detector (Wright et al. 2011). Effectively, we treat
the data from before and after the upgrade as coming from two distinct instruments,
which serves to slightly decrease our sensitivity to small RV accelerations.
By repeating this process for many simulated planets over our mass-semimajor axis
grid, we can map out the relative probability of detecting a linear trend caused by a
planet as a function of companion mass and semimajor axis. As an example, Figure
3.3 shows RVs for HIP 70975 and the likelihood of detecting a planet at a given
mass and period given these observations. Figure 3.4 shows the mean likelihood of
detecting a planet around a given star across our sample. Throughout this work, we
report the occurrence rate of planets with masses in the range 1MJ < m < 13MJ .
We can detect accelerations caused by planets smaller than 1MJ in certain instances,
but would miss the majority of these planets. As Figure 3.4 shows, we can only de-
tect a 0.75MJ planet at 6 AU 50% of the time; planets at smaller separations would
exhibit significant curvature over a 12 year time baseline and could be detected
through an RV survey alone. We are more efficient at detecting planets larger than
1MJ , although we would still not expect to detect all planets in this range. We ac-
































































Figure 3.3: (left) RVs for HIP 70975, a typical star in our survey. This 0.32M
M-dwarf has a total of 15 radial velocity observations over a baseline of 15.5 years,
with an average RV precision (including photon noise and jitter) of 4 m/s. (right)
Detectability plot showing the likelihood of an RV detection for a companion orbit-
ing HIP 70975 as a function of companion mass and semimajor axis from its host
star.













































Figure 3.4: The ensemble average likelihood over all 111 stars of an RV detection
for a companion to a star in our sample as a function of companion mass and orbital
semimajor axis. We can detect accelerations induced by planets as small as 1MJ in
short orbits, but a planet distribution function is required to determine the number
of 1MJ planets in wide orbits and calculate the overall giant planet occurrence rate.
planets have m sin i < 2.5MJ and are listed in Table 3.3. To identify radial velocity
accelerations caused by outer planets, we include the signal from these planets by
comparing a model which contains the known planet and an acceleration to a model
which contains only the known planet. Two known planets in our sample, Gl 876b
and Gl 317b, are larger than 1MJ , so in addition to searching these systems for
long-term RV accelerations, we also include these known planets in our giant planet
occurrence calculations.
One additional planet, Gl 649b, has a best-fitting mass m sin i = 0.90 ± 0.05MJ ; if
the inclination is smaller than 64 degrees this planet has mass m > 1MJ . We follow
the method of Ho & Turner (2011) to determine the probability of this event. That
is, we define the probability that the true mass m is greater than some value X given
an observed mass, mO = m sin i such that











Here, P(m) is the true planet mass distribution function and mmax is the physical
upper mass limit for a planet. Since the true distribution function is strongly biased
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towards small planets, the number selected here does not significantly affect our
results. By simply assuming the star is aligned randomly along our line of sight
so that the inclination distribution is flat in cos i, the result of a flat planet mass
distribution function, we expect a observed mass m sin i = 0.90MJ to be produced
by a Jupiter-mass or larger planet 56% of the time; all reasonable assumptions of
an underlying mass distribution affect this value by less than 10%. We repeat this
procedure for all confirmed planets in our sample with masses m sin i < 1MJ to
quantify the likelihood that other known planets are m > 1MJ planets with low
inclinations. We find, in addition to Gl 849b, HIP 22627b (m sin i = 0.64MJ) has
approximately a 25% probability of having a mass m > 1MJ . This probability is
vanishingly small for all other known planets.
Of our sample of 111 stars, 2 have confirmed planets larger than 1MJ , 6 systems
have confirmed RV planets with masses m sin i < 1MJ only, two exhibit RV accel-
eration caused by known brown dwarfs, and four show unexplained long-term RV
accelerations, such that ∆BIC > 10 when we include an acceleration term in our fit
to the RV data. In the case of Gl 849b, the long-term acceleration exhibits signifi-
cant curvature, so we are able to place constraints on this object’s mass and orbital
semimajor axis. In all other cases, the magnitude of the observed acceleration is
different from zero by 3σ. Additionally, the magnitude of the acceleration is such
that over the observing baseline, the expected ∆RV induced by the putative outer
planet is larger than the uncertainties of each individual data point. The distribution
of these systems in the stellar mass-metallicity plane is shown in Figure 3.5.
For the four targets with an observable RV drift, we create a grid of logarithmically-
spaced companion masses and semimajor axes over the range 0.75 < m/MJ < 100
and 3AU < a < 30AU. For a given grid point, we determine the best-fitting
Keplerian orbit for a given eccentricity and inclination. We assume the inclination
and eccentricity distributions are the same as assumed previously. The eccentricity
distribution is well-characterized for solar-type stars, but may not hold for planets
around lower-mass stars. We find the exact choice of eccentricity distribution does
not significantly affect our results.
We determine the likelihood of the best-fitting orbit for each mass, period, eccen-
tricity, and inclination. We then convert these likelihoods into relative probabil-
ities, assuming our errors are uncorrelated so that P ∝ (− exp( χ2/2))). We then
marginalize over eccentricity and inclination and normalize our probabilities so that
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Figure 3.5: Observed M-dwarf sample in the stellar mass-metallicity plane. Sys-
tems with observed RV accelerations are shown in red while those without a de-
tected acceleration are in black. Systems with a wide binary companion are labeled
with stars, while diamonds represent systems with confirmed planets of any mass.
The error bars displayed for HD 33793 are representative of the uncertainties for all
stars in our sample.
∑
M,a
P = 1. In these cases, we assume the inclination is random on the sky, so that
the inclination follows the distribution f (i) = sin i. Assuming a different planet
mass distribution function affects this result by less than 10%. The result is a con-
tour in the mass-semimajor axis plane for the likelihood that a given object could
cause the observed stellar radial velocity variation (Wright et al. 2007). An example
is shown in Figure 3.6. Implicit in this analysis is the assumption the radial velocity
variation is dominated by the motion of a single, massive companion rather than
the constructive interference of the RV signal of two or more smaller objects. We
discuss false positive probabilities in Section 3.3 and conclude the assumption that
one signal dominates the observed RVs is reasonable.
The magnitude of an acceleration depends on both the semimajor axis and mass
of the companion. For a planet in a circular orbit, the magnitude of the change in
radial velocity, γ˙ = dv/dt, is given by






vˆp · rˆlos, (3.5)
with MJ the mass of Jupiter and a the orbital semimajor axis. vˆp and rˆlos are
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Figure 3.6: (top left) RV observations for Gl 317 over our 12.1 year baseline. The
best-fitting RV acceleration is −2.51 ± 0.62 m s−1 yr−1 (dashed line); the best-
fitting model which includes both the planet and the acceleration is shown as a solid
line. (top right) Probability contours marginalized over eccentricity and inclination,
displaying the location of a giant companion orbiting Gl 317 from RVs alone. The
likelihood values are normalized such that the sum of the likelihood over our 26x25
grid of companion masses and separations sums to unity. (bottom left) AO image of
Gl 317, showing no companion is visible in the AO imagery, either in the unocculted
image (inset) or when a coronagraph is inserted. This eliminates the possibility of
a stellar-mass companion at a projected separation smaller than 48 AU. (bottom
right) Probability contours displaying the location of a giant companion to Gl 317
when the RV data is combined with AO data. We find the RV acceleration is likely
induced by a substellar companion.
unit vectors along the direction of the planet’s velocity vector and the line of sight,
respectively. When the companion has longitude of periapsis $ = 90 or 270, the
magnitude of this trend is maximized: vˆp · rˆlos = sin i. To determine if our observed
accelerations are caused by planets or more massive companions, we obtained AO
imaging observations of each star.
Adaptive Optics Observations
The detectability diagnostics developed in Section 3.2 are based strictly on the in-
formation encoded in the RV data. Since we are looking at accelerations caused
by objects in wide orbits around the primary star, we must break the degeneracy
between companion mass and orbital semimajor axis for a given observed acceler-
ation. AO imaging allows us to immediately detect the presence or nonexistence
of nearly all stellar-mass companions and most brown dwarf companions to our
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primary stars, so we can readily separate stellar-induced accelerations from those
caused by planets.
All four targets with an observable RV acceleration were observed with NIRC2 (in-
strument PI: Keith Matthews) at the W.M. Keck Observatory using the AO system
(Wizinowich et al. 2000) (Table 3.4). In most cases, images were obtained in the
K′ filter (λc = 2.12µm). We nominally execute a three-point dither pattern to facil-
itate removal of instrument and sky background noise. Images were processed by
flat-fielding, correcting for hot pixels with interpolation, subtracting the sky back-
ground, and rotating the frames to standard north-east orientation. In three cases,
we applied the angular differential imaging (ADI) point spread function subtrac-
tion technique, allowing the observed field to rotate around the target star during
the observation, while instrumental artifacts remain fixed. In all cases, we use the
large hexagonal pupil mask and the narrow camera. For all four systems exhibiting
long-term RV accelerations, we did not image a massive companion. In the cases
where our field of view is not large enough to eliminate the possibility of massive
stars in very wide orbits (> 4′′), we supplement our AO data with publicly available
2MASS images.
The luminosity ratio between our M-dwarfs and their companions depends on the
mass of the companion and the age of the system. Stars observed by the CPS team
are selected to avoid excessive chromospheric activity, and are thus likely older
than 1 Gyr (Wright 2005). We assume all targets have fully contracted and assert
an age of 5 Gyr for each system. For systems with nondetections, we estimate the
flux (and thus the mass) a companion would need to have to be observed at a given
projected separation in our observations. From that value, we can then determine
the region of parameter space excluded by the observations (Figure 3.7). In general,
AO imaging eliminates nearly all stellar companions, while ADI can also probe the
brown dwarf mass regime.
For each of our targets with unexplained accelerations, a contrast curve showing
the mass to which we are sensitive to companions at the 5σ level as a function of
projected separation is shown in Figure 3.7. This choice provides similar results
to the detection limits found by visual inspection, as tested by injecting artificial
companions into AO images (Metchev & Hillenbrand 2009). We convert relative
brightness to mass using the theoretical evolutionary tracks of Baraffe et al. (2003)
for substellar companions and Girardi et al. (2002) for more massive companions.
Interpolation between the two sets of models provides reasonable results in the in-
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termediate domain near 125MJ . The resultant parameter space where a companion
could reside to cause the observed stellar acceleration is shown in Figure 3.6.



























Figure 3.7: Mass sensitivity for a 5σ detection of a companion object as a function
of projected angular separation for each of our four stars with long-term RV drifts.
The maximum projected separation eliminated corresponds to the field of view of
the AO system and thus varies for each star as a function of the distance to each
star. For all stars except HIP 57050, we rule out stellar mass companions beyond 1
arcsecond through our adaptive optics imaging. When our field of view is small, we
supplement our AO data with 2MASS seeing-limited images. Stellar companions at
small projected separations would have RV accelerations larger than those observed
in our sample.
The assumption of a 5 Gyr age for each star does not significantly affect our results.
For all plausible system ages, stellar mass companions would be easily detectable
by AO. Our sensitivity to stars is independent of assumed age, as luminosities of
M-dwarfs are constant over the age of the universe. At no ages > 1 Gyr are we
sensitive to any planetary mass companions. As shown in Figure 3.8, assuming
a different age for each star would only change the efficiency of detecting brown
dwarfs. Since the occurrence rate of brown dwarfs is only a few percent, much
smaller than the occurrence rate of planets or low-mass stars (Metchev & Hillen-
brand 2009; Dieterich et al. 2012), errors induced by assuming an incorrect stellar
age from missed brown dwarfs are small. “False negatives” such as these will be
discussed in Section 3.3.
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Figure 3.8: Adaptive optics mass exclusion plot for the star HIP 22627 showing
the relative insensitivity of our results to the assumed age of M-star planet hosts.
Adaptive optics observations rule out essentially all stellar mass companions. Sen-
sitivity to substellar objects is a function of age, but brown dwarfs are scarce at close
separations (Marcy & Butler 2000), and wide separations (Metchev & Hillenbrand
2009). Thus, our estimate of the planet frequency around M-stars is only weakly
dependent on our assumed age of the host stars.
3.3 Measuring the Giant Planet Occurrence Rate
We estimate the occurrence rate of giant planets orbiting M-dwarfs using statistical
inference. The fraction of stars which host giant planets, given some number of ob-
served accelerations N trends and some number of nondetections NND from a sample
of targets, is given such that
fpl =
N trendsP(planet|trend) + NNDP(planet|ND)
N targets
. (3.6)
To calculate the posterior probability that a given star hosts a gas giant planet, we
must estimate the a priori likelihood that a planet exists given the presence of an
RV acceleration (a true positive), the likelihood a planet would not be detected in
an RV survey (a false negative) and the likelihood that an observed acceleration is
caused by some effect other than the movement of a planet (a false positive).
False Negatives
There are multiple ways for a giant planet to be missed in our survey. For each
planet in a wide orbit, we observe only a fraction of a revolution. A planet near
its maximal sky-projected separation from its host star has acceleration primarily
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in the tangential, not radial, direction. In cases such as this the change in radial
velocity over our observing baseline may not be noticeable. Thus we may expect to
have a lower RV detection efficiency for planets near their maximal sky-projected
separation.
Similarly, we may expect to have a lower imaging detection efficiency for stars near
their minimal sky-projected separation, when the RV acceleration is the largest.
However, in these cases we would still expect to detect the binary companion. If
the companion is located directly along the line of sight to the star, then it will also
appear in the 0.85 arcsecond wide spectrograph slit used with HIRES. Therefore,
we would expect such systems to appear as SB2s. We explore this fully, and show
that we would detect all such systems, in Section 3.4.
To determine the likelihood that such a planet would be missed by our search, we
use our detectability matrices developed in Section 3.2. We assume the distribution
of planets follows a double power-law, such that
d2N
d logmd log a
∝ mαa β, (3.7)
similar to that assumed by Cumming et al. (2008) and Bowler et al. (2010), and
comparable to the power-law distributions applied in the analyses of microlensing
surveys. At a given companion mass and semimajor axis, we can then determine
the relative likelihood that a planet exists at this position. We multiply this by
the likelihood of detecting such a planet to determine the fraction of planets we
would find orbiting each star and the fraction we would miss. These numbers are
determined through our analysis of observations of simulated injected planets, as
developed in Section 3.2.
We can test our detectability calculation by analyzing the known wide-separation
companions in our sample. Of our 111 stars, four are known to host directly im-
aged brown dwarf companions. Of these, two (HD 71898B and HIP 63510B) were
detected as accelerations in our sample, while two (Gl 569B and Gl 229B) are at
very large separations and were not detected. The detection or nondetection of each
system is consistent with what would be expected from our analysis of injected
planets.
We detect the two brown dwarfs with high expected RV detection efficiency, and
do not detect the two with expected detection efficiencies near zero, both of which
have a > 40 AU. We would like a larger sample to test this method, but the limited
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number of brown dwarfs suggests our ability to detect giant planets is consistent
with expectations. This sample also suggests fBD is only a few percent, consistent
with complementary studies (Dieterich et al. 2012).
A giant planet could also be missed if it was in a system with multiple giant plan-
ets. We observe only the sum of all radial velocity signals from all planets orbiting a
star. For example, if a star hosts two giant long-period planets with one on each side
of the star, the two signals would destructively interfere. Even if the acceleration
was still detectable, this interference would cause us to measure an incorrect mag-
nitude of the acceleration, so our probability contours would be incorrect. Giant
planet multiplicity around M-dwarfs is not well understood, but since giant planet
occurrence is believed to be small (Bonfils et al. 2013) the multiplicity rate of giant
planets around M-dwarfs is likely also small. Presently, there are no known systems
with two planets larger than Jupiter orbiting one M-dwarf. Even in cases with two
large planets, one planet will dominate the RV signal. For example, OGLE-2006-
BLG-109L contains a 0.73 ± 0.06MJ planet at 2.3 ± 0.5 AU and a 0.27 ± 0.02MJ
planet (slightly less massive than Saturn) at 4.5+2.1−1.0 AU (Gaudi et al. 2008; Bennett
et al. 2010). In this case the Doppler amplitude of the inner planet would be a factor
of 3.3 larger than the Doppler amplitude of the outer planet. Similarly, an external
observer of the solar system would observe an RV signal from Jupiter 4.5 times
larger than that of Saturn. Thus we neglect this possible source of error.
We then claim that the likelihood of the existence of a giant planet given the non-
detection of an RV acceleration is
P(planet|ND) = fpl (1 − ηpl,?), (3.8)
where ηpl,? is the probability of detecting a giant planet around a given star as a
function of planet mass and orbital semimajor axis, estimated by simulating obser-
vations of injected planets. The true probability of missing a planet depends on the
true giant planet occurrence rate and the planet distribution function. We can de-
termine this value directly if the underlying planet distribution function (Equation
3.7) is assumed. By counting the observed trends and analyzing our RV detection
efficiencies for each star as a function of mass and separation, we can determine the
number of missed planets. We find our final result is not a strong function of mass




In some cases, observed accelerations may not be induced by the orbit of a giant
planet. If two smaller planets are orbiting one star, when they are both on the
same side of the star their RV signals would constructively interfere, giving the
appearance of a giant planet where none exists. Again, multiplicity rates of large
planets are unknown for these small stars but are likely small; we again neglect
this effect as a possible source of error. This is a reasonable assumption even if
the multiplicity rate of gas giant planets around M-dwarfs was much larger than
currently expected. Both the orientation of the system and the relative positioning
of the planets during our observations is random. Therefore, it is equally likely
that multiple planets would be in the “constructive” or “destructive” phase of their
orbits. Thus, similar numbers of false additional planets would be added to our
sample as missed true planets.
Secular Acceleration
A false positive can also be caused by secular acceleration. When a high proper
motion star moves quickly relative to the Sun, its peculiar velocity vector changes
direction in time, causing the star’s systemic radial velocity to increase. For a star
with proper motion µ at a distance d the magnitude of this effect is, to first order,








The secular acceleration γ˙ is always positive, so that the star’s radial velocity only
increases because of this effect. For several nearby stars secular acceleration is large
enough to create an apparent acceleration or cause an astrophysical RV acceleration
to be incorrectly measured. For example, Barnard’s star has a secular acceleration
of 4.515 ± 0.002 m s−1 yr−1 (Choi et al. 2013), larger than all of our observed ac-
celerations. Fortunately, the magnitude of the secular acceleration can be precisely
quantified if the star’s distance and proper motion are known. All of our stars have
measured proper motions and parallaxes, so we can determine the expected secular
contribution. This acceleration is subtracted from the observed radial velocity au-
tomatically by the CPS RV pipeline (Howard et al. 2010b), so this potential source
of error is automatically accounted for in our data. Moreover, none of our observed




Magnetic activity on a star can cause a false positive: rotating active regions can
affect the shape of the observed spectral lines and thus the apparent RV (Gray 1988).
A magnetic cycle can occur over years and hide or mimic a radial velocity signal.
We denote the fraction of stars with a magnetically-induced acceleration as f A.
Gomes da Silva et al. (2012) claim six stars from their sample of 27 M-dwarfs with
variability (22%±9%) have RVs induced by magnetic activity. We are interested in
the converse (how many trends are induced by variability?) but their result suggests
f A may be significant. To determine f A, we review all 165 M-dwarfs observed by
the CPS team, both as part of this survey and as part of the M2K survey (Apps et al.
2010; Fischer et al. 2012). Between these two programs, there are a total of 34
systems with RV trends. We analyze the SHK values for these stars and find the RV
correlates with SHK with a correlation coefficient |r | > 0.5 in 7 cases, suggesting
20.6%± 7.8% of long-term RV trends may be magnetically induced. We adopt this
value as f A. Even if the true value for f A is a factor of two larger, it would decrease
our planet occurrence rate from fpl = 6.5% to only fpl = 4.9%, still within our
uncertainties.
Brown Dwarfs
Our adaptive optics search is sensitive to all stellar-mass companions, but only to the
most massive brown dwarfs. We can detect brown dwarfs larger than approximately
50MJ , although this number varies from target to target. For each target, we can
determine the fraction of brown dwarfs we would expect to detect by our adaptive
optics imaging, given the assumption that a trend was caused by a brown dwarf. We
call this efficiency ηBD. Here, we assume a form for the brown dwarf mass function
where dn/d log(m) ∝ m0.4±0.2 (Peña-Ramírez et al. 2012). Thus we can estimate
the likelihood of detecting a brown dwarf around a star in our sample, given that a
brown dwarf exists. To estimate the probability a brown dwarf exists, we use the
result of Dieterich et al. (2012), who, through an HST/NICMOS snapshot program,
estimate that fBD = 2.3+5.0−0.7% (at 1σ) of M-dwarfs have an L or T companion
between 10 and 70 AU. This is consistent with the result of Metchev & Hillenbrand
(2009), who estimate a brown dwarf companion frequency of fBD = 3.2+3.1−2.7% (at
2σ) around solar-type (FGK) stars.
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White Dwarfs
Compact stellar remnants are often faint and such binary companions can evade
direct detection, especially when the compact object is cool (T < 4000K) so that
the infrared light is dominated by the primary star (Crepp et al. 2013b). Since
our targets are all M-dwarfs, it is not unreasonable to expect that some may have
formed as lower mass companions in binary systems with the higher mass object
having evolved off the main sequence to become a white dwarf. Napiwotzki (2009)
combine observations of local white dwarfs with galactic structure models and find
that in the thin disk there is a white dwarf number density of nWD = 2.9 × 10−3
pc−3. From an analysis of PanSTAARS data, Wheeler (2012) estimate 20% of all
white dwarfs have an M-dwarf companion ( fM |WD), somewhat larger than the 12%
found by Napiwotzki (2009). Considering the measurement by Chang et al. (2011)
of n? = 0.030±0.002 stars per cubic parsec, and that approximately 70% of all stars
are M-dwarfs ( fM |?, Henry et al. 2006), we can determine the fraction of M-dwarfs
in the thin disk with a white dwarf companion, a number we define as fWD. If we




= 2.2% ± 0.5%, (3.10)
where the error is dominated by the uncertainty in fM |WD.
By combining the false positive events from Section 3.3, Section 3.3, and Section
3.3, we conclude that given the existence of a trend in our data, the likelihood it is
caused by a giant planet is
P(planet|trend) = (1 − f A)[1 − fBD (1 − ηBD,?)](1 − fWD). (3.11)
Determining fpl
We determine the giant planet occurrence rate, fpl , by combining our estimate of the
number of false positives and false negatives with the number of observed accelera-
tions. Specifically, the occurrence of giant planets is given by Eq. 3.6 if the number
of observed accelerations is known, along with the probability of a false negative or
false positive in our sample. These probabilities are defined by Equations 3.8 and
3.11, respectively.
For each star in our sample, we use our map of giant companion detectability (e.g.
Figure 3.6) to estimate our efficiencies, ηBD and ηpl . We measure the total planet
fraction, fpl and its uncertainty through a Monte Carlo experiment. For each trial,
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we establish an expected number of observed accelerations, drawing from a bi-
nomial distribution with n = 111 and p = 4/111, representing the most likely
underlying distribution behind our observed sample. In practice, we draw from our
star list 111 times, with replacement, to determine a stellar sample. We then draw
randomly from our previously defined distributions to estimate f A, fBD, and fWD.
These values are sufficient to calculate the probability an observed acceleration is
caused by a false positive astrophysical event. In cases where known planets with
masses m > 1MJ exist in our sample, we include their presence in our calculation
of fpl .
The derivative of the RV acceleration (the “jerk”) for Gl 849 is nonzero, so we
can use the RV information to fit a two-planet model to this system, instead of a
planet plus a linear acceleration. We find the inner planet to have a mass m sin i =
0.90 ± 0.05MJ with a period of 5.24 ± 0.07 years, and the outer planet to have a
mass m sin i = 0.70± 0.31MJ with a period of 19.3+17.1−5.9 years. More data is needed
to determine the exact parameters of the orbit of Gl 849c, but from the existing RV
information we can determine the probability each planet has a mass m > 1MJ .
The exact value depends on the planet mass distribution function; assuming each
orientation has equal probability (so that α = −1) we find probabilities of 0.577 and
0.419, respectively. Following the method of Ho & Turner (2011), we find changing
the distribution function changes these values by less than 10%.
Since we know the region of mass-separation parameter space to which we are sen-
sitive to planets for each star, we can self consistently estimate the planet frequency
in this parameter space. We then assume the result from Cumming et al. (2008),
who find the power-law indices (Eq. 3.7) of α = −0.31± 0.20 and β = 0.39± 0.15.
We randomly select values for α and β from these distributions and use our de-
tection efficiencies to determine the number of false negative missed planets in our
sample. Through Equation 3.6, we then have enough information to estimate the
planet fraction as a function of each parameter. By repeating this process many
times, varying each of our assumed parameters, we can measure the overall planet
fraction and its uncertainty.
3.4 Results and Discussion
The Frequency of Giant Planets
Given an observed trend, we can estimate the likelihood the signal is caused by a
massive planet. By analyzing our 111 targets as described in Section 3.3, we recover
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a distribution in giant planet occurrence as shown in Figure 3.9. We find from this
analysis that 6.5%±3.0% of all M-dwarfs host a giant planet with a semimajor axis
smaller than 20 AU. This number is lower than previous studies of higher-mass
stars. Bowler et al. (2010) find 24+8−7% of “retired” A stars host Jupiter-mass planets
within 3 AU, while Cumming et al. (2008) find that fpl = 10% ± 1% of FGK stars
host Jupiter-mass planets within 20 AU.
If we consider multiplicity in situations where we have a giant planet and an RV
acceleration (or in the case of Gl 849, two giant planets), then we measure a giant
planet occurrence rate of 0.083 ± 0.019 giant planets per star. To estimate this,
we repeat the calculations of the previous section, but count known giant planets
separate from observed accelerations in the cases when we observe both a planet
and a “trend.” This number does implicitly assume that observed accelerations are
caused by the motion of one giant planet, not a combination of multiple planets in
motion. The multiplicity rate of giant planets around M-dwarfs appears to be lower
than the multiplicity rate of small planets, such as those detected by Kepler (Youdin
2011).
Our result is consistent with the result of microlensing surveys of M-dwarfs, which
suggest a total occurrence rate of 0.09+0.03−0.05 giant planets per star in the range 1MJ <
m < 10MJ and 0.5 AU < a <20 AU Cassan et al. (2012). However, the power-law
distribution determined by the microlensing studies is considerably different than
the Cumming et al. (2008) distribution assumed here. We discuss this further and
constrain α and β in Section 3.4.
This is the first study using observed RV accelerations to estimate the giant planet
occurrence rate. However, previous RV studies have discussed the presence or non-
detection of RV accelerations in their analysis. For example, Endl et al. (2003)
mentioned all RV accelerations in their sample are likely the cause of stellar bina-
ries. Our observations are generally more precise than theirs, as we detect some
planets that they miss (such as Gl 436 and Gl 849).
Bonfils et al. (2013) detect 15 long-term accelerations in their sample of 102 south-
ern M-dwarfs. Some of these can be attributed to long period binary companions
(such as Gl 250B and Gl 618A). Of the stars where we detect an RV acceleration,
only one (Gl 849) is in the HARPS sample; these authors also detect an accelera-
tion. Bonfils et al. (2013) also detect an acceleration around Gl 699 (Barnard’s star)
that we do not detect. Such an acceleration has also not been found by other stud-
ies: Choi et al. (2013) claim the RV of Barnard’s star is increasing at 4.515± 0.002
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Figure 3.9: Giant planet occurrence for our sample of 111 nearby M-dwarfs. We
find 6.5% ± 3.0% of M-dwarfs host a planet with mass 1MJ < m < 13MJ and
0 < a < 20 AU.
m s−1 yr−1, consistent with the expected secular acceleration but inconsistent with
the −3.043 ± 0.646 m s−1 yr−1 acceleration observed by Bonfils et al. (2013). With
more observations over a longer time baseline, this discrepancy will be resolved.
Potential Missed Binary Stars
We only collect AO images for systems with long term RV accelerations. For these
accelerations to be observable, the orbiting companion must have a component of its
movement along our line of sight so that the radial velocity changes during an orbit.
A giant planet would be missed if it was in a near face-on orbit, such that the star’s
reflex motion was primarily in the plane of the sky. Such systems are accounted for
in our detectability calculations (Figure 3.3), as we have determined the probability
of detecting a planet’s RV acceleration as a function of its mass and separation,
marginalized over all other orbital parameters. These calculations do not, however,
account for the possible presence of close stellar binary companions in face-on
orbits. Although less common than edge-on systems, any missed binary systems
that we have not rejected from our sample would cause our planet occurrence rate
to be artificially low (assuming these systems could not form dynamically stable
planets). Close binaries would be observable as double-lined spectroscopic systems
(SB2s) in the CPS data, while wider binary pairs would be easily imaged by AO
systems.
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The RV sample was originally selected to reject systems with known binary com-
panions within 2 arcseconds. We would expect companions with a flux ratio larger
than 0.01 (∆V = 5) to be detected as binaries (Robinson et al. 2007). For our
brightest targets, this would correspond to M6 dwarfs and brighter. As the cutoff
for hydrogen burning is the M6 spectral class (Luhman 2012), we would expect all
close stellar-mass binaries to be removed from our HIRES observations.
To determine how many missed binaries are in our sample, we simulate a population
of binary companions to M-dwarfs. We create binary companions such that their
semimajor axes are assigned following the observed distribution found by Fischer &
Marcy (1992). We randomly assign the other orbital parameters and determine there
is a 41.8% ± 0.3% chance a binary companion in our sample around a random star
would have a projected separation smaller than two arcseconds. Thus, considering
Fischer & Marcy (1992) find 42%± 9% of local M-dwarfs are in binary or multiple
systems, we would expect to have a total of 24 ± 6 binary systems in our sample,
which originally contained 137 stars before the removal of known binaries. As we
actually observe 22 binary systems (containing 26 stars), this result is consistent
with our expectation.
We then determine the radial velocity each simulated binary star would induce on
our host companion. For each binary that induces a measurable acceleration on the
host star, we simulate imaging observations to determine the probability this binary
companion would be detected in either our AO survey or, for very wide separa-
tion binaries, a seeing-limited ground based survey such as 2MASS. By applying
our joint AO/seeing-limited contrast curves, we find that if a binary star system in
our survey induces an RV acceleration, we would have a 96.0% ± 0.4% chance of
imaging this binary companion. Therefore the probability that one or more of our
observed accelerations is caused by a “missed” binary companion is negligible and
this possibility does not significantly affect our results.
Dependence on Stellar Mass
Previous RV studies have found a correlation between stellar mass and giant planet
occurrence at a < 2.5 AU, with more massive stars more likely to host giant plan-
ets (Johnson et al. 2010a). To test this relation inside the M-dwarf spectral class,
we analyzed the high mass stars separately from the low mass stars in our sample.
From our best fit masses, half of our sample is more massive than M = 0.41M.
We thus use this value as a dividing line to separate our sample into two groups.
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Our masses have typical uncertainties of 10%, so for each star, given its mass and
uncertainty, we determine the probability it is larger or smaller than 0.41M as-
suming normally distributed errors. We then use that value as a weighting factor to
assign a probability for each individual star to reside in our high mass or low mass
bin, and then repeat our analysis for each individual subsample.
We find an occurrence rate for the high mass subsample of 4.8 ± 3.3% and for the
low mass subsample of 7.9± 4.2% (Figure 3.10). Johnson et al. (2010a) find planet
occurrence is correlated with stellar mass such that fpl ∝ 10(1.2±0.2)[Fe/H]M (1.0±0.3)? .
The average star in our high-mass sample has a mass of 0.5 M while the average
star in our low-mass sample has a mass of 0.3 M, so we would expect the high-
mass subsample to have an occurrence rate larger than the low-mass sample by a
factor of 1.67. We find the true occurrence rate to change by a factor of 0.61± 0.87
in moving from the lower-mass to higher-mass bin. This is inconsistent with the
expected result from Johnson et al. (2010a), but the difference between the two bins
is not significantly different from zero. A larger sample is required to determine
if the small difference between these two populations of M-dwarfs is real or the
result of a statistical anomaly. However, our result is lower than the Cumming et al.
(2008) result for FGK stars, that fpl = 10% ± 1% of FGK stars host Jupiter-mass
planets within 20 AU. This difference is consistent with the Johnson et al. (2010a)
correlation between stellar mass and planet occurrence.
Dependence on Metallicity
Previous RV studies of giant planets have also found evidence for a correlation
between planet occurrence and metallicity (Fischer & Valenti 2005; Johnson et al.
2010a). To test if this correlation holds for more distant planets, we again split
our sample into two, using the same method from the previous section. In this
case, we use [Fe/H] = −0.10, the sample median metallicity, as the dividing line
for our subsamples. We assume all stars have metallicity uncertainties of 0.17 dex,
consistent with the scatter expected from the Neves et al. (2012) empirical relation.
Again, we assume Gaussian errors to determine the probability each star is in a
specific subsample. We then repeat our analysis on both groups.
In the high-metallicity subsample, we find an occurrence rate such that 12.4±5.4%
of M-dwarfs host giant planets. In the low metallicity sample the occurrence rate
drops to 0.96 ± 0.51%. In Figure 3.11 we plot a histogram of our posterior dis-
tribution of planet occurrence for our high-metallicity subsample. Vertical lines
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Figure 3.10: Planet occurrence for a low mass subsample (blue) and a high mass
subsample (gray) of M dwarfs. Both subsets have nearly similar giant planet occur-
rence rates, suggesting planet occurrence may not depend strongly on stellar mass
within the M spectral class. A larger sample is required to determine if the lack of
difference in occurrence rates is astrophysical or statistical variance.
represent (from left to right) 1σ and 3σ upper limits on the planet occurrence rate
for the low-metallicity subsample. From these distributions, the giant planet oc-
currence rate for metal-rich stars has only a 2.4% probability of being lower than
the 3σ upper limit on the planet occurrence rate for metal-poor stars. The dif-
ference between these subsamples may be suggestive of the same effect seen for
RV-confirmed planets within 2.5 AU (Johnson & Apps 2009; Johnson et al. 2012b).
An increase in the planet occurrence rate with metallicity for planets beyond a few
AU may suggest giant planets in wide orbits are commonly formed by the same
processes as the RV giant planet population. This study will be facilitated by the
development of reliable spectroscopic metallicity measurements (Rojas-Ayala et al.
2010).
The Stellar Mass-Metallicity Plane
We can quantify our giant planet occurrence rate with respect to stellar mass and
metallicity. Such an approach has been undertaken for planets with a < 2.5 AU
orbiting stars of all spectral types previously (Johnson et al. 2010a); we follow the
techniques of these authors but confine ourselves to strictly giant planets in the
range 0 < a < 20 AU orbiting stars of the M-dwarf spectral class.
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Figure 3.11: Planet occurrence for a high metallicity subsample (blue) and 1σ and
3σ exclusion regions for a low metallicity subsample (gray) of M dwarfs. In the
low metallicity subsample, we are able to rule out planet occurrence rates larger
than 1.2% at 1σ and 2.8% at 3σ, represented by the labeled vertical lines. The high
metallicity sample has a significantly higher occurrence rate than the low metallicity
sample, similar to the phenomenon observed for RV-detected planets at smaller
separations.
We assume that stellar mass and metallicity produce separate effects on the giant
planet occurrence rate, so that the fraction of stars with planets as a function of mass
and metallicity can be written as a double power-law,
f (M,F) = CMa10bF , (3.12)
where C, a, and b are constants, M ≡ M/M, and F ≡ [Fe/H].
In this analysis, we have a binary result: a star either has a giant planet, detectable
as an RV acceleration or closed orbit, or it does not. Therefore, each of the N stars
in our sample represents a Bernoulli trial. Given T total observed giant planets, if
we assume the probability of a Doppler detection of a giant planet around any given
star i is f (Mi,Fi), then by Bayes’ theorem, the probability of a given model X given
our data d is






[1 − f (Mj ,Fj )]. (3.13)
Our measurements of stellar masses and metallicities are imperfect. Therefore, we
treat the masses and metallicities of these stars as probability distributions. We con-
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sider each star’s mass and metallicity distribution to be a two-dimensional Gaussian
with mean Mi,Fi and standard deviation σM,i,σF,i and call this term p. In this case,
the predicted planet fraction for a star with mass Mi and metallicity Fi is
f (Mi,Fi) =
∫ ∫
p(Mi,Fi) f (M,F)dMdF. (3.14)
We can thus apply Eq. 3.13 with varying parameters, X = C,a,b, to maximize
L conditioned on the data. We elect to use uniform priors, instead of applying
the results of previous studies as a prior. Johnson et al. (2010a) and Mortier et al.
(2013) study a sample of stars including all stellar types F to M, so their results may
not represent our population well. More recent studies, such as Neves et al. (2013),
are restricted to M-dwarfs. However, while their techniques are similar, they only
attempt to constrain metallicity, implicitly assuming a = 0. Additionally on of
the three detected planets in their sample is a planet smaller than Jupiter around a
metal-poor star. As our sample is limited to planets larger than Jupiter, the resultant
distribution found by these authors may not be representative of the population of
giant planets (m > 1MJ).
We find our giant planet fraction is described by the distribution function
f (M,F) = 0.039+0.056−0.028M
0.8+1.1−0.910(3.8±1.2)F . (3.15)
The 1σ confidence interval for C is highly skewed, while the other two parame-
ters are approximately normally distributed. In Figure 3.12, we plot the marginal
posterior probability distribution functions for each pair of parameters. Perhaps not
surprisingly, we find a covariance between C and b. Because our metallicity pa-
rameter b is so steep, small changes in b must cause changes in C to keep the giant
planet fraction consistent at a given metallicity.
Our results are steeper in b than Neves et al. (2013), although the giant planet oc-
currence rates at [Fe/H] ∼ 0.1 are consistent between the two studies. This is likely
due to the inclusion of a planet with a minimum mass of 0.7 Jupiter masses in
the “Jovian” sample of these authors. This planet orbits a star with a metallicity
[Fe/H] = −0.19±0.08, flattening the distribution with metallicity. The fact remains
that, while the metallicity distribution of field stars is centered near [Fe/H] = 0.0
with a standard deviation of 0.13 dex, there are presently no giant planets orbiting
M-dwarfs with measured metallicities smaller than +0.08 in either the HARPS or
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Figure 3.12: Marginal posterior pdfs for the planet population model conditioned
on our M-dwarf data. We find, as by other methods in previous sections, that giant
planet occurrence is a strong function of stellar metallicity, but may not depend
strongly on stellar mass inside of the M spectral class.
function of stellar metallicity. Moreover, it is essential to develop improved meth-
ods to measure metallicities of low-mass stars, such as the techniques developed by
Rojas-Ayala et al. (2012) and Mann et al. (2013a).
The Effect of Distant Binary Companions
In the above analysis, we neglect binary stars where a test particle at 30 AU would
be in an unstable orbit, but include 14 binaries at wider separations. Although
these systems formally allow stable orbits, Kaib et al. (2013) suggest these orbits
can change significantly over time. Because the binary pair is weakly bound, in-
teractions with the galactic tidal field or nearby passing stars can vary the binary
orbit. The binary can then strongly perturb formerly stable planetary companions,
potentially resulting in the ejection of planets from the system within 5 Gyr, our
estimated age for the M-dwarfs in our sample. None of our 10 wide binary systems
show evidence for an RV acceleration, providing weak but tantalizing evidence in
favor of this theory. If we repeat our analysis but neglect these stars as potential
hosting systems, we find that 7.4% ± 3.3% of single stars host giant planets, com-
pared to 6.5% ± 3.0% of our full sample. With zero detections in a sample of 14
wide binaries, we can only place an upper limit of fpl ≤ 0.20 at 95% confidence on
the occurrence rate of giant planets in wide binary systems. With more observations
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of stars with wide binary companions, the occurrence rate of planets orbiting true
field stars can be compared to the rate for wide binaries.
Sensitivity to Power-Law Parameters
The result for fpl is dependent on the exact parameters of the planetary distribution
function, as that function determines the number of missed (false negative) planets
in our sample. To quantify the dependence of the planetary occurrence rate on
our choice of α and β we repeat our analysis over a grid of values for α and β.
The giant planet occurrence rate as a function of these two parameters is shown in
Figure 3.13. We find that there is only a weak relation between α and fpl in the
range −2.0 < α < 0.5, where we might reasonably expect α to reside. fpl depends
more strongly on β, but our overall result does not change by more than 1σ by
selecting any β in the range −1.0 < β < 1.0 for a given α. Selecting any α or β
over this range affects our final result by less than a factor of two.

























































Figure 3.13: Calculated giant planet occurrence rate, fpl , as a function of the mass
parameter index α and separation parameter index β. There is not a strong depen-
dence on α or β; selecting α < −1.0 and β > 0.5 is required to affect our result
at more than the 1σ level. Labeled points include the Cumming et al. (2008) result
for FGK stars, with α = −0.31 ± 0.15 and β = 0.39 ± 0.15, and the microlensing
result of Cassan et al. (2012), who find α = −0.73 ± 0.17 and assume β ≡ 0.
From our sample of targets alone, we are unable to place constraints on acceptable
values of α and β. To constrain α and β, the occurrence rate of giant planets at
a given mass or separation is required. We have determined the bulk occurrence
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rate of planets, but cannot uniquely determine their properties. With continued
observations, as our RV accelerations “turn over” and become closed orbits, we
will be able to determine the exact locations of giant planets around M-dwarfs and
constrain the power-law parameters. Alternatively, we can constrain α and β by
combining our results with those from microlensing observations.
Comparison with Microlensing Results
In Section 3.4, we showed that our bulk occurrence rate is not a strong function
of α and β. However, the types and locations of our planets is a function of these
parameters: if α is large, then most of our observed trends must be caused by large
planets in wide orbits. Since microlensing results are most sensitive at projected
separations corresponding to the Einstein radius, where RE ∼ 3.5AU(M?/M)1/2,
we can compare our results to microlensing planet occurrence studies. As our re-
sults will only be consistent with microlensing estimates of the planet occurrence
rate at the Einstein radius for specific values of α and β, comparisons between the
two methods will enable us to constrain α and β.
To compare the two sets of results, we assume the population of M-dwarfs observed
by microlensing studies is similar to that targeted by RV surveys in the local neigh-
borhood. We find evidence for a correlation between giant planet frequency and
metallicity in our sample, similar to that found by previous RV analyses of planets
with a < 2.5 AU (Fischer & Valenti 2005; Johnson & Apps 2009). M-dwarfs stud-
ied by microlensing are at distances larger than 1 kpc and in the direction of the
galactic bulge, along the galactic metallicity gradient (Rolleston et al. 2000). Mea-
surements of the metallicity of Cepheids suggest the iron content in the disk varies
such that d[Fe/H]/dr = −0.051 ± 0.004 dex kpc−1 between 5 and 17 kpc from the
galactic center (Pedicelli et al. 2009). Thus, the microlensing M-dwarfs may be
more metal-rich than stars in the local neighborhood, so fpl may be larger for the
microlensing population than the RV population. Without spectra of galactic stellar
planet-hosting lenses their true stellar properties are unknown. Programs dedicated
to collecting spectra of galactic stellar planet-hosting lenses would greatly inform
our knowledge of these stars and their planets.
If we assume the planet mass distribution function of Cumming et al. (2008), then
from our analysis we would expect microlensing studies to measure a planet occur-
rence rate fpl = 0.056 ± 0.023 bound Jupiter-mass planets per star by analyzing
signals from planets near the Einstein radius. Cassan et al. (2012) claim an occur-
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rence rate of 10−0.62±0.22 (0.24+0.16−0.10) Saturn-mass planets at this separation. If we
scale this occurrence rate to Jupiter-mass planets following the mass index observed
in microlensing studies, α = −0.73 ± 0.17, then the observed microlensing density
of Jupiter mass planets would be 0.101 ± 0.016 planets per star, different from our
expectation at 1.6σ. If (and only if) the two populations have intrinsically similar
occurrence rates of giant planets, then the difference between the number of planets
found must be due to a planet distribution different from the one used by Cum-
ming et al. (2008). As the RV planet distribution was developed from an analysis
of FGK stars, while the microlensing population generally consists of M dwarfs
that may be preferentially metal-rich compared to stars in the local neighborhood,
it may not be surprising if the RV planet population is intrinsically different from
the microlensing planet population.
Joint Constraints on α
We depart from our previously assumed values of α and β to determine what values
of α and β satisfy both our observed RV accelerations and the results of Cassan
et al. (2012). We assume the planet occurrence rate presented by Cassan et al.
(2012) is representative of the planet population at the Einstein radius. Moreover,
we assume planet orbital semimajor axes are distributed uniformly in logarithmic
space following Öpik’s Law (β = 0), as microlensing studies assume. This is
slightly shallower than what is observed in the RV planet population (β = 0.39 ±
0.15), but since the RV population of giant planets likely underwent considerable
migration this may be a reasonable assumption. We then vary α, and for each value
determine the space density of planets at 2.5 AU. We then compare our expected
result to the result from Cassan et al. (2012), which we scale to Jupiter-mass planets
according to our α parameter. We finally require α < 0: despite the uncertainties
in this mass parameter, previous studies agree that around M dwarfs, small planets
are more common than massive planets (Swift et al. 2013; Morton & Swift 2014).
We find microlensing results agree with our result for fpl when α = −0.94 ± 0.56
(Figure 3.14). This result is consistent with the best-fitting values for α found by
Gould et al. (2010) and Cassan et al. (2012). If we include the Cassan et al. (2012)
result as a prior in our analysis, we find α = −0.77±0.22. However, while our result
agree with microlensing studies, our result for α is different from the Cumming et
al. (2008) result for FGK stars at 1.1σ and significantly different from the Bowler et
al. (2010) constraints for A stars, which rule out all α < 0.25 with 90% confidence
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and all α < 1.75 with 50% confidence. Since microlensing predicts a larger number
of planets found at the Einstein radius relative to that expected by RV extrapolations,
it is not surprising that we find a smaller value for α is required for our result
to be consistent with the microlensing results: if the two populations are the same,
there must be many low-mass giant planets below the simultaneous RV and imaging
detectability limits than high-mass planets above the limits.
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Figure 3.14: Relative likelihood values for the mass parameter α, assuming the
planets in our sample and microlensing systems are members of the same popula-
tion. We find a maximum likelihood value of α = −0.94±0.56, consistent with val-
ues of α found from analyses of microlensing planets but steeper than previous RV
results for FGK stars at 1.1σ. This result may suggest the planet distribution func-
tion is different for M stars as compared to higher mass stars. When we include the
Cassan et al. (2012) result as a prior on our measurement, we find α = −0.77±0.22.
Simultaneous Constraints on α and β
We are not restricted to Öpik’s Law. We can allow both α and β to vary, and
compare the normalization of Cassan et al. (2012) for Saturn-mass objects at 2.5
AU to our projected planet density at that mass and separation (Figure 3.15). Per-
forming this exercise, we find the most acceptable values of α and β are correlated
approximately along the line α − β = −1. That is, for every 1 dex increase in α,
β must decrease by 1 dex to maintain a reasonable fit to both our result and the
microlensing results.
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Figure 3.15: Relative likelihood values for the mass parameter α and separation
parameter β. There is a maximum likelihood contour approximately along the line
α − β = −1, suggesting a relationship between the two parameters required to fit
both our result and the microlensing results, assuming the local planets in our sam-
ple and microlensing systems are members of the same population. Points included
in the plot are the Cumming et al. (2008) RV result (blue) and the Cassan et al.
(2012) microlensing result (cyan), the latter of which assumes an Öpik’s Law value
of β = 0. The small discrepancy between our result and the Cumming et al. (2008)
result may suggest the planet distribution function may differ between M-dwarfs
and FGK stars.
A Model-Independent fpl
We can apply these relative likelihood values as priors to the occurrence rate as
a function of α and β shown in Figure 3.13 to determine an occurrence rate in-
dependent of our choices of α and β, but dependent on the RV and microlensing
stars both being representative of similar populations. We assume our separation
parameter must be in the range −1.0 < β < 1.0, consistent with the assumptions
from previous microlensing studies, and allow our mass parameter to be any value
subject to the constraints of Figure 3.15. By weighting our occurrence rates found
in Section 3.4 in this manner, we find a most likely occurrence rate of 7.2 ± 3.1%,
consistent with that found by assuming the power-law distribution of Cumming et
al. (2008). As the measured planet frequency depends on the distribution function
parameters, an improved value of the planet occurrence rate, either by this method,
microlensing, or through astrometry measured by Gaia (Casertano et al. 2008), will
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provide immediate constraints on the distribution function of giant planets. Simi-
larly, improved constraints on the distribution parameters will enable an immediate
improvement of the determination of the giant planet occurrence rate.
The Cumming et al. (2008) power-law parameters α and β are less consistent with
our results. This may suggest the planet distribution function around FGK stars is
systematically different from the planet distribution function around M-dwarfs. As
Bowler et al. (2010) find an even larger value for α in their study of retired A stars
(excluding all α < 0), which matches comparison studies between RV surveys and
high-contrast imaging searches (Crepp & Johnson 2011), this possibility is certainly
plausible. With additional M-dwarfs targeted by a combination of RV observations
with longer time baselines and high-contrast imaging to improve the estimate of the
occurrence rate, we will be able to directly probe this possibility.
3.5 Summary and Conclusion
We have analyzed a collection of 111 nearby M-dwarfs observed in RV surveys with
a median time baseline of 11.8 years in a search for long-term RV accelerations. We
have developed a new technique to determine the incidence of giant planets in which
we target systems with such accelerations using adaptive optics imaging to “peer
beyond the horizon” set by Doppler time baselines. With a relatively short exposure
image using the Keck AO system, we can eliminate the possibility of binary stellar
companions and massive brown dwarfs. We conclude with high statistical confi-
dence that accelerations without a directly imaged companion are likely caused by
a planet in a wide orbit.
Accounting for false positive and false negative rates, we find that 6.5 ± 3.0% of
M-dwarfs host a giant planet with mass 1 < m/MJ < 13 and semimajor axis
0 < a < 20 AU, assuming such planets are distributed following the power-law
parameters estimated by Cumming et al. (2008). The exact integrated planet oc-
currence rate does not depend strongly on the distribution function parameters cho-
sen. We find evidence for a correlation between giant planet frequency and stellar
metallicity, similar to that observed in the RV-detected planet population. Addi-
tional follow-up work confirming this result would suggest giant planets in wide
orbits may form in the same way as the RV-detected giant planets. Observations of
more stars are needed to determine if a correlation exists between planet occurrence
at wide separations and stellar mass inside of the M-dwarf spectral class.
Our overall occurrence rate is consistent with what might be expected based on the
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results of microlensing planet search surveys. However, if the giant planet distribu-
tion is given as a double power law similar to that found by Cumming et al. (2008),
such that d2N ∝ Mαa βd ln Md ln a, with α = −0.31 ± 0.20 and β = 0.39 ± 0.15,
where α and β are planet distribution power-law indices defined in Eq. 3.7, then
microlensing studies overestimate the giant planet occurrence rate. From our bulk
occurrence rate, we determine an expected planet detection rate for microlensing
studies which depends on our chosen planet distribution function. By assuming an
Öpik’s Law distribution (i.e., flat in log a), the microlensing planet occurrence rate
is consistent with our result if the planet population is represented by the power-
law dN ∝ m−0.94±0.56d logm. This value for α is consistent with previous M-dwarf
studies conducted by microlensing planet search teams (Gould et al. 2010; Cassan
et al. 2012). We also find other non-Öpik distributions can be chosen to simultane-
ously explain our results and the microlensing results; these fall approximately on
the line α− β = −1. Moreover, an improved estimate of the giant planet occurrence
rate, as measured by Gaia, can be combined with our results to provide enhanced
constraints on α and β.
Our knowledge of planets around M-dwarfs has significantly improved in the last
few years thanks to both targeted RV searches and high contrast imaging campaigns
(Apps et al. 2010; Bowler et al. 2012). As such surveys continue, they will begin
to confirm and characterize planets in wider orbits, pushing into the domain cur-
rently only studied by microlensing studies. To directly compare these populations,
understanding the properties of host stars to planets found by microlensing will be
extremely important; when possible, every effort should be made to collect spectro-
scopic followup data on microlensing events to determine the physical properties
of lens host stars to better understand both the planet population around M-dwarfs
and how it changes across the galaxy.
The method developed in this paper can be extended to higher-mass stars with little
difficulty. For example, a large sample of K-dwarfs has been observed by the CPS
collaboration. This sample is larger, has more observations, and exhibits less as-
trophysical jitter than our M-dwarf sample; all of these factors improve our ability
to detect RV accelerations. However, the stars are more luminous and on average
more distant, complicating adaptive optics searches. Care must be taken to ensure
low-mass stellar companions are accounted for, as adaptive optics imaging may not
be sensitive to all M-dwarf companions to K-dwarfs without longer observations or
the use of ADI. In the future, we intend to apply this technique to the CPS K-dwarfs
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to determine the planet occurrence rate around higher mass stars and compare to the
M-dwarfs.
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Star RA Dec Mass (M) [Fe/H] Spectral Type V V Source d (pc)
Hip 428 00:05:10.9 +45:47:11.6 0.53 -0.07 M1 9.93 Gliese & Jahreiß (1991) 11.25
HD 225213 00:05:24.4 -37:21:26.5 0.39 -0.42 M1.5 8.57 Koen et al. (2010) 4.34
Hip 1734 00:21:56.0 -31:24:21.8 0.55 0.09 M1.5 11.1 Koen et al. (2010) 17.98
Gl 26 00:38:59.0 +30:36:58.5 0.43 0.02 M2.5 11.2 Høg et al. (2000) 12.6
Hip 3143 00:39:58.8 -44:15:11.6 0.55 -0.09 M0.5 11.4 Koen et al. (2010) 23.99
Gl 48 01:02:32.2 +71:40:47.3 0.48 0.06 M3 10.0 Høg et al. (2000) 8.24
Gl 49 01:02:38.9 +62:20:42.2 0.58 0.06 M1.5 9.56 Høg et al. (2000) 9.96
Hip 5643 01:12:30.6 -16.59.56.3 0.13 -0.43 M4.5 12.1 Koen et al. (2010) 3.69
Hip 8051 01:43:20.2 +04:19:18.0 0.41 -0.16 M2 10.9 Koen et al. (2010) 11.41
Gl 83.1 02:00:13.0 +13:03:07.0 0.15 -0.31 M4.5 12.3 Landolt (1992) 4.50
G244-047 02:01:35.3 +63:46:12.1 0.48 0.07 M3 11.0 Høg et al. (2000) 12.76
Gl 87 02:01:35.3 +63:46:12.1 0.45 -0.32 M1.5 10.0 Koen et al. (2010) 10.41
Hip 11048 02:22:14.6 +47:52:48.1 0.62 -0.08 M0.5 9.41 Gliese & Jahreiß (1991) 11.94
Gl 105B 02:36:15.3 +06:52:19.1 0.27 -0.10 M4 11.6 Jenkins et al. (2009) 7.73
Gl 109 02:44:15.6 +25:31:24.1 0.35 -0.18 M3 10.6 Koen et al. (2010) 7.51
Hip 21556 04:37:42.9 -11:02:19.9 0.48 -0.11 M1.5 10.3 Koen et al. (2010) 11.10
Gl 179 04:52:05.7 +06:28:35.6 0.36 0.13 M3.5 12.0 Koen et al. (2010) 12.29
Hip 22762 04:59:50.0 -17:46:24.3 0.42 -0.20 M2 10.9 Koen et al. (2010) 12.12
Hip 23512 05:03:20.1 -17:22:24.7 0.27 -0.25 M3 11.7 Koen et al. (2010) 9.21
HD 33793 05:11:40.6 -45:01:06.3 0.27 -0.81 M1 8.85 Koen et al. (2010) 3.91
Hip 24284 05:12:42.2 +19.39.56.4 0.45 -0.16 M2 10.7 Koen et al. (2010) 12.29
HD 36395 05:31:27.4 -03:40:38.0 0.60 -0.05 M1.5 7.92 Koen et al. (2010) 5.66
G097-054 05:34:52.1 +13:52:47.2 0.37 0.05 M3.5 11.9 Kharchenko (2001) 12.39
HD 233153 05:41:30.7 +53:29:23.3 0.60 0.05 M0.5 9.75 Gliese & Jahreiß (1991) 12.44
Hip 26857 05:42:09.3 +12.29:21.6 0.22 -0.24 M4 11.5 Landolt (1992) 5.83
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G192-13 06:01:11.1 +59:35:50.8 0.27 -0.11 M3.5 11.7 van Altena et al. (1995) 7.93
Hip 29052 06:07:43.7 -25:44:41.5 0.30 -0.22 M4 11.9 Koen et al. (2010) 11.35
Gl 226 06:10:19.8 +82.06:24.3 0.41 -0.14 M2 10.5 Gliese & Jahreiß (1991) 9.37
Gl 229B 06:10:34.6 -21:51:52.7 0.58 -0.07 M1 8.13 Koen et al. (2010) 5.75
Gl 250B 06:52:18.1 -05:11:24.2 0.45 -0.12 M2 10.1 Gliese & Jahreiß (1991) 8.71
HD 265866 06:54:49.0 +33:16:05.4 0.35 -0.03 M3 10.11 Høg et al. (2000) 5.59
Gl 273 07:27:24.5 +05:13:32.8 0.29 -0.07 M3.5 9.87 Koen et al. (2010) 3.80
Hip 36338 07:28:45.4 -03:17:53.4 0.40 0.03 M3 11.4 Koen et al. (2010) 12.29
Hip 36834 07:34:27.4 +62:56:29.4 0.40 -0.50 M0.5 10.4 Høg et al. (2000) 11.47
Hip 37217 07:38:41.0 -21:13:28.5 0.29 -0.27 M3 11.7 Koen et al. (2010) 10.60
Hip 37766 07:44:40.2 +03:33:08.8 0.31 0.27 M4.5 11.2 Koen et al. (2010) 5.96
GJ 2066 08:16:08.0 +01:18:09.3 0.46 -0.10 M2 10.1 Koen et al. (2010) 9.12
Gl 317 08:40:59.2 -23:27:23.3 0.43 0.20 M3.5 12.0 van Altena et al. (1995) 15.31
HD 75732B 08:52:40.8 +28:18:59.0 0.27 0.15 M4 13.1 Gliese & Jahreiß (1991) 13.02
Hip 46655 09:30:44.6 +00:19:21.6 0.29 -0.17 M3.5 11.7 Koen et al. (2010) 9.67
Hip 46769 09:31:56.3 +36.19:12.8 0.53 -0.27 M0 10.1 Høg et al. (2000) 13.91
Gl 357 09:36:01.6 -21:39:38.9 0.33 -0.31 M2.5 10.9 Koen et al. (2010) 9.02
Hip 47513 09:41:10.4 +13:12:34.4 0.48 -0.12 M1.5 10.4 Koen et al. (2010) 11.26
Hip 47650 09:42:51.7 +70:02:21.9 0.41 0.13 M3 11.4 Høg et al. (2000) 11.35
Hip 48714 09:56:08.7 +62:47:18.5 0.64 -0.03 M0 9.00 Gliese & Jahreiß (1991) 10.56
Gl 382 10:12:17.7 -03:44:44.4 0.54 0.02 M1.5 9.26 Koen et al. (2010) 7.87
Gl 388 10:19:36.3 +19:52:10.1 0.41 0.10 M3.5 9.46 Høg et al. (2000) 4.69
Hip 51007 10:25:10.8 -10:13:43.3 0.54 -0.07 M1 10.1 Koen et al. (2010) 12.35
Gl 393 10:28:55.6 +00:50:27.6 0.44 -0.14 M2 9.65 Landolt (2009) 7.07
Hip 53020 10:50:52.0 +06:48:29.2 0.26 0.00 M4 11.7 Landolt (1992) 6.76
Gl 406 10:56:28.9 +07:00:52.8 0.10 0.22 M5.5 13.5 Landolt (1992) 2.39
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Gl 408 11:00:04.3 +22:49:58.6 0.38 -0.15 M2.5 10.0 Koen et al. (2010) 6.66
HD 95650 11:02:38.3 +21:58:01.7 0.59 -0.10 M0 9.57 Koen et al. (2010) 11.77
HD 95735 11:03:20.2 +35.58:11.6 0.39 -0.32 M2 7.52 Oja (1985) 2.55
Hip 54532 11:09:31:3 -24:35:55.1 0.46 -0.08 M2 10.4 Koen et al. (2010) 10.75
HD 97101B 11:11:01.9 +30:26:44.4 0.58 0.52 M1.5 10.7 Høg et al. (2000) 11.87
Hip 55360 11:20:04.8 +65:50:47.3 0.49 -0.35 M0 9.30 Høg et al. (2000) 8.92
Gl 433 11:35:26.9 -32:32:23.9 0.47 -0.15 M1.5 9.81 Koen et al. (2010) 8.88
Hip 57050 11:41:44.6 +42:45:07.1 0.35 0.08 M4 11.9 Kharchenko (2001) 11.10
Gl 436 11:42:11.2 +26:42:22.6 0.44 -0.03 M2.5 10.6 Høg et al. (2000) 10.14
Gl 445 11:47:41.4 +78:41:28.2 0.25 -0.27 M3.5 10.8 Høg et al. (2000) 5.35
Hip 57548 11:47:44.4 +00:48:16.4 0.17 -0.23 M4 11.1 Landolt (1992) 3.36
Gl 450 11:51:07.3 +35:16:19.3 0.46 -0.21 M1 9.72 Høg et al. (2000) 8.59
Hip 59406 12:11:11.8 -19:57:38.1 0.35 -0.13 M3 11.7 Koen et al. (2010) 12.59
Hip 59406b 12:11:17.0 -19:58:21.4 0.25 -0.25 M4 12.6 Gliese & Jahreiß (1991) 12.59
Hip 60559 12:24:52.5 -18:14:32.2 0.26 -0.56 M4 11.3 Koen et al. (2010) 8.85
Gl 486 12:47:56.6 +09:45:05.0 0.32 0.01 M3.5 11.4 Koen et al. (2010) 8.37
Hip 63510 13:00:46.6 +12:22:36.6 0.594 0.04 M0.5 9.76 Koen et al. (2010) 11.4
Gl 514 13:29:59.8 +10:22:37.8 0.53 -0.15 M0.5 9.03 Koen et al. (2010) 7.66
HD 119850 13:45:43.8 +14:53:29.5 0.50 -0.16 M1.5 8.50 van Belle & von Braun (2009) 5.39
Hip 67164 13:45:50:7 -17:58:05.6 0.31 -0.06 M3.5 11.9 Koen et al. (2010) 10.24
HD 122303 14:01:03.2 -02:39:17.5 0.52 -0.16 M1 9.71 Koen et al. (2010) 10.03
Hip 70865 14:29:29.7 +15:31:57.5 0.52 0.00 M2 10.7 Koen et al. (2010) 14.00
Hip 70975 14:31:01.2 -12:17:45.9 0.32 -0.05 M3.5 11.9 Koen et al. (2010) 10.82
Hip 71253 14:34:16.8 -12:31:10.4 0.28 0.11 M4 11.3 Koen et al. (2010) 6.06
Hip 71898 14:42:21.6 +66:03:20.9 0.361 -0.35 M3 10.8 Høg et al. (2000) 9.87
Gl 569A 14:54:29.2 +16:06:03.8 0.48 -0.03 M2.5 10.2 Koen et al. (2010) 9.65
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Gl 581 15:19:27.5 -07:43:19.4 0.30 -0.18 M3 10.6 Høg et al. (2000) 6.21
HD 147379B 16:16:45.3 +67:15:22.5 0.47 0.09 M3 10.7 Gliese & Jahreiß (1991) 10.74
Gl 625 16:25:24.6 +54:18:14.7 0.32 -0.39 M1.5 10.2 Høg et al. (2000) 6.52
Gl 649 16:58:08.9 +25:44:39.0 0.54 -0.10 M1 9.66 Høg et al. (2000) 10.34
Hip 83762 17:07:07.5 +21:33:14.5 0.38 -0.10 M3 11.7 Koen et al. (2010) 13.4
Hip 84099 17:11:34.7 +38:26:33.9 0.38 -0.05 M3.5 11.5 Høg et al. (2000) 12.00
Hip 84790 17:19:52.7 +41:42:49.7 0.37 -0.21 M2.5 11.4 Gliese & Jahreiß (1991) 12.38
Gl 687 17:36:25.9 +68:20:20.9 0.40 -0.06 M3 9.15 Høg et al. (2000) 4.53
Gl 686 17:37:53.3 +18:35:30.2 0.44 -0.31 M1 9.58 Koen et al. (2010) 8.09
Gl 694 17:43:56.0 +43:22:43.0 0.44 -0.02 M2.5 10.5 Høg et al. (2000) 9.48
Gl 699 17:57:48.5 +04:41:36.2 0.16 -0.61 M4 9.51 Koen et al. (2010) 1.82
HD 165222 18:05:07.6 -03:01:52.8 0.48 -0.22 M1 9.36 Koen et al. (2010) 7.76
G205-028 18:31:58.4 +40:41:10.4 0.31 -0.14 M3.5 12.0 Gliese & Jahreiß (1991) 11.9
GJ 4063 18:34:36.6 +40:07:26.4 0.19 -0.61 M3.5 11.8 Høg et al. (2000) 7.25
Hip 91699 18:41:59.0 +31:49:49.8 0.37 -0.13 M3 11.3 Kharchenko (2001) 11.45
Hip 92403 18:49:49.4 -23:50:10.4 0.17 -0.43 M3.5 10.5 Koen et al. (2010) 2.97
Gl 745A 19:07:05.6 +20:53:17.0 0.30 -0.48 M1.5 10.8 Koen et al. (2010) 8.51
Gl 745B 19:07:13.2 +20:52:37.2 0.31 -0.45 M1.5 10.7 Koen et al. (2010) 8.75
G207-019 19:08:30.0 +32:16:52.0 0.34 -0.10 M3 11.8 Kharchenko (2001) 12.39
HD 180617 19:16:55.3 +05:10:08.1 0.48 0.02 M2.5 9.12 Koen et al. (2010) 5.87
Gl 793 20:30:32.0 +65:26:58.4 0.38 -0.03 M2.5 10.7 Høg et al. (2000) 8.00
Gl 806 20:45:04.1 +44:29.56.7 0.44 -0.16 M1.5 10.8 Høg et al. (2000) 12.32
Hip 103039 20:52:33.0 -16:58:29.0 0.23 -0.10 M4 11.4 Koen et al. (2010) 5.71
HD 199305 20:53:19.8 +62:09:15.8 0.58 -0.02 M0.5 8.60 Høg et al. (2000) 7.05
Hip 104432 21:09:17.4 -13:18:09.0 0.36 -0.51 M1 10.9 Landolt (2009) 12.17
HD 209290 22:02:10.3 +01:24:00.8 0.60 -0.10 M0 9.15 Koen et al. (2010) 10.24
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Gl 849 22:09:40.3 -04:38:26.6 0.49 0.22 M3.5 10.4 Koen et al. (2010) 9.10
Hip 109555 22:11:30.1 +18:25:34.3 0.55 0.13 M2 10.2 Koen et al. (2010) 11.62
Gl 876 22:53:16.7 -14:15:49.3 0.34 0.13 M4 10.2 Landolt (2009) 4.69
HD 216899 22:56:34.8 +16:33:12.4 0.58 0.03 M1.5 8.64 Koen et al. (2010) 6.84
HD 217987 23:05:52.0 -35:51:11.0 0.47 -0.33 M0.5 7.34 Gliese & Jahreiß (1991) 3.28
Hip 114411 23:10:15.7 -25:55:52.7 0.46 -0.13 M2 11.3 Koen et al. (2010) 16.08
Hip 115332 23:21:37.4 +17:17:25.4 0.40 0.27 M4 11.7 Koen et al. (2010) 10.99
Hip 115562 23:24:30.5 +57:51:15.5 0.59 0.08 M1 10.0 Gliese & Jahreiß (1991) 12.96
Gl 905 23:41:55.0 +44:10:40.8 0.14 0.05 M5 12.3 Jenkins et al. (2009) 3.16
Gl 908 23:49:12.5 +02:24:04.4 0.42 -0.39 M1 8.99 Landolt (2009) 5.98
Table 3.1: M-dwarf stars analyzed in this study. Metallicity uncertainties are taken to be 0.17 dex, while mass uncertainties are taken as
10%, following the method of Delfosse et al. (2000)
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Star Nobs Baseline (yr) Med. σγ (m s−1) Jitter (m s−1) RMS (m s−1) RV Planets Binary Companion
Hip 428 41 12.2 1.6 4.2 4.8 0 K6 (Bidelman 1954)
HD 225213 67 9.9 1.1 3.2 3.1 0 -
Hip 1734 8 8.1 2.6 4.7 7.6 0 -
Gl 26 40 11.6 2.8 2.9 7.7 0 -
Hip 3143 8 9.8 5.6 2.6 11.6 0 -
Gl 48 41 15.2 1.3 2.5 3.5 0 -
Gl 49 22 14.2 1.4 7.9 5.0 0 -
Hip 5643 15 7.1 3.4 13.2 7.8 0 -
Hip 8051 33 12.7 1.5 3.0 5.0 0 -
Gl 83.1 21 8.2 3.3 12.5 20.2 0 -
G244-047 10 7.5 2.8 3.6 4.0 0 -
Gl 87 62 13.0 1.3 2.5 7.4 0 -
Hip 11048 44 12.6 1.1 4.8 5.4 0 -
Gl 105B 12 9.1 2.7 3.7 13.0 0 K3 (Gray et al. 2006)
Gl 109 32 13.1 1.4 2.8 4.4 0 -
Hip 21556 31 12.7 1.3 2.5 4.3 0 -
Gl 179 42 12.2 2.5 4.4 19.7 1 -
Hip 22762 39 12.6 1.6 2.7 4.6 0 -
Hip 23512 11 6.7 4.1 5.0 6.7 0 -
HD 33793 36 13.8 1.4 2.9 3.2 0 -
Hip 24284 30 9.1 1.4 2.3 5.4 0 -
HD 36395 33 15.8 1.7 5.7 7.8 0 -
G097-054 11 6.6 3.6 3.4 8.7 0 -
HD 233153 11 6.7 2.3 5.8 6.6 0 K1 (Montes et al. 2001)
Hip 26857 10 6.7 4.7 4.6 11.8 0 -
85
G192-13 16 7.8 4.3 4.1 11.4 0 -
Hip 29052 16 7.7 4.6 3.5 10.5 0 -
Gl 226 35 14.7 1.6 2.3 8.7 0 -
Gl 229B 33 15.9 1.2 4.5 5.1 0 T7 (Faherty et al. 2009)
Gl 250B 29 8.0 1.3 3.7 3.4 0 K3 (Gliese & Jahreiß 1991)
HD 265866 61 14.8 1.3 2.6 4.6 0 -
Gl 273 41 14.8 2.1 2.3 5.0 0 -
Hip 36338 10 10.7 2.9 2.3 5.8 0 -
Hip 36834 22 6.4 2.7 5.8 14.6 0 -
Hip 37217 11 11.8 3.4 25.7 5.3 0 -
Hip 37766 22 11.1 3.1 87.9 95.2 0 -
GJ 2066 37 14.8 1.5 2.5 5.3 0 -
Gl 317 45 12.1 2.2 4.5 56.9 1 -
HD 75732B 21 9.1 5.2 4.9 17.1 0 G8 (Montes et al. 2001)
Hip 46655 11 6.0 3.9 2.9 18.6 0 -
Hip 46769 23 8.0 1.4 3.5 6.3 0 -
Gl 357 36 14.2 1.8 2.1 6.1 0 -
Hip 47513 29 12.1 1.4 3.8 6.1 0 -
Hip 47650 10 6.2 3.2 16.2 11.0 0 -
Hip 48714 16 11.2 1.4 6.3 9.6 0 -
Gl 382 29 12.9 1.5 5.3 6.4 0 -
Gl 388 39 5.7 1.8 24.0 17.9 0 -
Hip 51007 19 11.1 2.2 4.2 6.1 0 -
Gl 393 42 14.4 1.2 3.3 3.9 0 -
Hip 53020 12 6.3 3.4 6.5 13.0 0 -
Gl 406 21 13.0 6.8 20.1 15.0 0 -
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Gl 408 39 14.8 1.4 3.1 4.2 0 -
HD 95650 30 11.1 1.8 10.8 14.8 0 -
HD 95735 211 15.2 1.0 2.7 3.9 0 -
Hip 54532 26 12.2 2.6 2.9 12.9 0 -
HD 97101B 25 10.5 1.4 4.7 4.7 0 K8 (Gliese & Jahreiß 1991)
Hip 55360 30 11.9 2.4 2.2 8.2 0 -
Gl 433 27 13.1 2.4 2.4 6.8 0 -
Hip 57050 40 11.8 3.1 3.4 25.9 1 -
Gl 436 257 12.0 1.7 2.2 12.0 1 -
Gl 445 48 13.3 1.7 2.4 7.0 0 -
Hip 57548 17 12.8 2.8 9.2 5.9 0 -
Gl 450 31 14.1 2.0 4.7 7.0 0 -
Hip 59406 11 7.0 4.4 2.2 11.4 0 M4 (Table 3.1)
Hip 59406b 12 6.2 6.1 3.2 13.2 0 M3 (Table 3.1)
Hip 60559 14 6.3 3.4 3.1 8.9 0 -
Gl 486 20 8.2 3.0 2.5 11.3 0 -
Hip 63510 41 11.3 3.4 6.0 1011.0 0 M7 (Beuzit et al. 2004)
Gl 514 50 13.9 1.4 3.5 6.0 0 -
HD 119850 42 13.9 1.3 2.2 3.2 0 -
Hip 67164 14 6.2 4.0 2.2 8.3 0 -
HD 122303 37 11.8 1.3 3.4 6.9 0 -
Hip 70865 21 8.5 1.8 2.7 7.5 0 -
Hip 70975 15 11.3 2.9 2.8 8.5 0 -
Hip 71253 21 7.9 2.7 4.2 8.1 0 -
Hip 71898 30 14.1 2.4 2.9 41.0 0 L0 (Faherty et al. 2009)
Gl 569A 13 5.1 2.5 14.7 6.6 0 M8.5+M9 (Mason et al. 2001)
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Gl 581 197 12.5 1.3 2.8 9.9 4 -
HD 147379B 14 5.9 2.2 4.1 4.8 0 M1 (Herbig 2007)
Gl 625 48 14.0 1.7 2.7 3.6 0 -
Gl 649 50 12.6 1.4 5.6 9.4 1 -
Hip 83762 8 2.9 1.3 2.8 7.1 0 -
Hip 84099 16 6.2 2.8 2.6 6.6 0 -
Hip 84790 17 4.9 3.0 2.2 5.6 0 -
Gl 687 100 13.8 1.2 2.3 5.9 0 M3.5 (Jenkins et al. 2009)
Gl 686 60 14.4 1.1 2.4 3.4 0 -
Gl 694 38 14.4 2.2 3.1 4.6 0 -
Gl 699 230 15.3 1.3 7.0 4.1 0 -
HD 165222 142 14.4 1.2 3.1 3.4 0 -
G205-028 12 6.2 3.8 27.6 8.1 0 -
GJ 4063 14 6.9 2.7 2.5 6.1 0 -
Hip 91699 17 12.0 2.9 3.4 11.6 0 -
Hip 92403 27 8.1 2.8 7.7 18.8 0 -
Gl 745A 26 13.3 1.5 2.9 3.9 0 M1.5 (Table 3.1)
Gl 745B 21 10.4 2.5 2.9 5.5 0 M1.5 (Table 3.1)
G207-019 12 6.2 3.3 9.7 7.9 0 -
HD 180617 143 9.8 1.3 3.3 4.7 0 M8 (Jenkins et al. 2009)
Gl 793 30 14.2 1.6 4.9 5.0 0 -
Gl 806 63 15.3 1.6 3.1 6.5 0 -
Hip 103039 19 8.2 3.4 5.5 6.7 0 -
HD 199305 45 15.3 1.1 4.5 3.3 0 -
Hip 104432 34 12.3 1.7 3.1 5.0 0 -
HD 209290 56 11.0 1.0 4.6 3.7 0 -
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Gl 849 84 14.4 1.6 3.1 21.5 1 -
Hip 109555 16 11.1 2.5 12.5 8.4 0 -
Gl 876 207 14.4 2.1 4.0 150.4 4 -
HD 216899 50 15.1 1.1 4.2 4.6 0 M2 (Zakhozhaj 2002)
HD 217987 69 14.3 1.2 3.3 4.9 0 -
Hip 114411 11 8.9 2.7 3.3 7.2 0 -
Hip 115332 14 6.7 3.4 3.2 9.2 0 -
Hip 115562 10 8.8 1.6 6.2 9.0 0 -
Gl 905 17 8.0 3.8 8.6 8.8 0 -
Gl 908 89 16.0 1.2 2.6 2.9 0 -
Table 3.2: RV observations for all stars in the sample
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Star Planet m sin i (MJ ) Period (days) Discovery Updated Parameters
Gl 179 0.82 ± 0.07 2288 ± 59 Howard et al. (2010b) Howard et al. (2010b)
Gl 317 1.80 ± 0.05 691.8 ± 4.7 Johnson et al. (2007b) Anglada-Escudé et al. (2012b)
Hip 57050 0.298 ± 0.025 41.397 ± 0.016 Haghighipour et al. (2010) Haghighipour et al. (2010)
Gl 436 0.0737 ± 0.0052 2.643899 ± 0.000001 Butler et al. (2004) Southworth (2010)
Gl 581 0.049 ± 0.001 5.369 ± 0.002 Bonfils et al. (2005) Tadeu dos Santos et al. (2012)
0.017 ± 0.001 12.931 ± 0.002 Udry et al. (2007) Tadeu dos Santos et al. (2012)
0.006 ± 0.003 1.0124 ± 0.0001 Udry et al. (2007) Tadeu dos Santos et al. (2012)
0.006 ± 0.003 2.149 ± 0.002 Mayor et al. (2009) Tadeu dos Santos et al. (2012)
Gl 649 0.328 ± 0.032 598.3 ± 4.2 Johnson et al. (2010b) Johnson et al. (2010b)
Gl 849 0.82 ± 0.07 1890 ± 130 Butler et al. (2006) Butler et al. (2006)
Gl 876 1.9506 ± 0.0039 61.1166 ± 0.0086 Marcy et al. (1998) Rivera et al. (2010)
0.612 ± 0.003 30.0881 ± 0.0082 Marcy et al. (2001) Rivera et al. (2010)
0.018 ± 0.001 1.93778 ± 0.00002 Rivera et al. (2005) Rivera et al. (2010)
0.039 ± 0.005 124.26 ± 0.70 Rivera et al. (2010) Rivera et al. (2010)
Table 3.3: Previously published RV planets
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Star RV Slope (m s−1 yr−1) AO Observation Date Instrument Filter ADI Cause of Acceleration
Gl 317 2.51 ± 0.62 2010 October 13 NIRC2 K ′ Yes Presumed Companion
Gl 179 −1.17 ± 0.29 2012 February 2 NIRC2 K ′ Yes Presumed Companion
Hip 57050 1.39 ± 0.39 2012 December 27 NIRC2 Ks No Presumed Companion
Gl 849 N/A1 2011 June 24 NIRC2 L Yes Identified Companion
Hip 63510 N/A1 N/A N/A N/A N/A Brown Dwarf2
Hip 71898 8.6 ± 0.4 N/A N/A N/A N/A Brown Dwarf3
1Curvature in RV
2Beuzit et al. (2004)
3Golimowski et al. (2004)
Table 3.4: Stars with measured RV accelerations and imaging nondetections
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3.6 Notes on Individual Targets
Gl 849
The RV data for Gl 849 exhibits a clear planetary signal from the known compan-
ion Gl 849b. The residuals to the best-fitting orbit for this planet exhibit strong
curvature, motivating our two-planet fit. Moreover, there is no correlation between
this long period signal and stellar magnetic activity, suggesting the planet is not the
result of an apparent velocity change during the star’s magnetic cycle. To deter-
mine the orbital parameters of both planets, we utilize emcee, an affine invariant
MCMC ensemble sampler (Foreman-Mackey et al. 2013). For both planets, we fit
five orbital parameters: the eccentricity e, argument of periapsis ω, time at which a
transit would occur t$=90, Doppler semiamplitude K (or the product of the planet
mass and the inclination m sin i), and planet orbital period P. We also include the
systemic radial velocity γ as a free parameter, as well as a velocity offset between
observations taken before August 18, 2004 and after that date, corresponding to an
upgrade of the HIRES CCD detector (Wright et al. 2011).
Due to the curvature in the outer planet’s orbit, we are able to constrain the mass
and period of both companions. As shown in Figure 3.16, the orbit of the outer
planet is only weakly constrained. Nevertheless, the data can rule out orbits with
m sin i > 2.5MJ . Moreover, we refine the inner planet’s parameters: we find the
“b” component’s best-fitting mass and period increase slightly, but the distributions
for each are consistent with those found by Butler et al. (2006). Our parameters for
each planet are included in Table 3.5.
Parameter Mean 50% 15.8%2 84.2%2
Planet b
Orbital period P (yr) 5.241 5.243 -0.067 +0.064
Planet mass1 m sin i (MJ ) .899 0.900 -0.045 +0.043
Time of potential transit t$=90 (JD-2440000) 537.3 536.9 -161.3 +164.7
e1/2 cosω -0.048 -0.059 -0.105 +0.122
e1/2 sinω 0.099 0.116 -0.161 +0.114
Planet c
Orbital period P (yr) 24.04 19.35 -5.93 +17.20
Planet mass1 m sin i (MJ ) 0.773 0.702 -0.203 +0.344
Time of potential transit t$=90 (JD-2440000) 3586.3 5660.3 -7356.0 +2387.6
e1/2 cosω -0.311 -0.346 -0.185 +0.260
e1/2 sinω -0.348 -0.361 -0.234 +0.253
System Parameters
HIRES detector upgrade offset (m s−1) 17.07 17.18 -5.25 +5.01
1Assuming a stellar mass of 0.49 M
2Values given relative to the 50% data point
Table 3.5: Orbital Parameters for Gl 849
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Figure 3.16: Position of (left) Gl 849b and (right) Gl 849c in the mass-period plane.
The orbital parameters for the inner planet are much more tightly constrained than
the outer planet. Depending on the exact shape of the planet distribution function,
the inner planet may have more than a 50% probability of being more massive than
Jupiter when orientation uncertainties are taken into account.
HIP 109555
When observing HIP 109555 we detected a possible faint companion object located
tens of arcseconds away. To prove this companion is not associated with the pri-
mary but is instead unrelated, we compare the proper motion of both objects by
identifying them in the 2MASS catalog (Skrutskie et al. 2006) and the Palomar Ob-
servatory Sky Survey (Abell 1959). Comparing the POSS data collected 16 July
1950 to the 2MASS observation, we detect a proper motion for HIP 109555 of 0.36
arcsec/yr, consistent with previously published results (van Leeuwen 2007). The
hypothetical companion motion, however, is only 5 miliarcseconds per year. Ad-
ditionally, the companion is bluer in colors derived using the 2MASS J, H, and
K filters than HIP 109555. These are both consistent with the companion being a
distant background object, and we neglect its presence in our analysis.
HIP 57050
We observed HIP 57050 (=GJ1148) on December 27, 2012 using the Ks filter on
NIRC2. Our imaging is only complete at separations smaller than 1 arcsecond,
corresponding to a projected separation of 11 AU. This does not enable us to rule
out most stellar companions that could cause our observed RV trends, as shown
in Figure 3.17. If the observed trend is caused by a stellar-mass companion, the
companion is likely beyond 10 AU, which corresponds to a separation of 0.9 arc-
seconds. Thus any stellar companions at their maximum separation that could cause
this trend would be expected to be found in a seeing-limited survey. We find no ev-
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Figure 3.17: Probability contours displaying the location of a giant companion or-
biting HIP 57050, given that exactly one such planet exists, when the RV data is
combined with adaptive optics imaging and 2MASS data. Because the AO imagery
only extends to 11 AU, there is a small region of parameter space where a low-mass
M-dwarf companion could reside. Additional AO observations with a wider field
of view would be required to rule out this possibility. Lower-mass companions are
allowed in shorter orbital periods due to possible curvature in the radial velocity
data.
idence for such a companion. While unlikely, additional AO observations with a
wider field of view are required to fully eliminate the possibility that a low-mass
star exists.
HIP 63510
HIP 63510B (Ross 458) is an M7 brown dwarf orbiting an M0.5 dwarf at approx-
imately 3 AU (Beuzit et al. 2004). Twelve years of RV observations suggest an
orbit with a period of 13.9 years, an eccentricity of 0.32, and a minimum mass
m sin i = 67.9MJ , suggesting a nearly edge-on orbit. We estimate a detection ef-
ficiency of 1.000 in an RV survey, which is not surprising considering the stellar
RV semiamplitude is K = 1.24 km s−1. This system contains a second companion




HIP 71898B is an L0 dwarf in a wide orbit around an M3.5 dwarf. Golimowski
et al. (2004) report a projected separation of 30.01 ± 3.78 AU. This target has an
RV baseline of 14 years, over which 30 observations were collected. From these
observations we measure an acceleration of 8.6 ± 0.4 m s−1 yr−1. At 30 AU, this
would suggest a minimum dynamical mass m sin i > 45MJ , consistent with an L0
dwarf. A detectability plot for companions to HIP 71898 is shown in Figure 3.18.
The observed acceleration lies near a contour representing a 0.9 probability of RV

























































Figure 3.18: Probability contours displaying the likelihood that a planet of a given
mass and semimajor axis would be detected around HIP 71898 in the CPS RV sur-
vey. The diagonal line represents companions that would produce an acceleration
of 8.6±0.4 m s−1 yr−1 in an edge on system when the companion was moving along
the observer’s line of sight. The + marks the spot at which a 45MJ companion at
30 AU would reside; this is the minimum mass and semimajor axis expected from
this companion.
Gl569
Gl 569B is a brown dwarf binary, with an M8.5+M9 pair orbiting each other every
870 ± 9 days. The system has a combined mass of 0.140+0.009−0.008M (Dupuy et al.
2010) and is separated from the primary, an M3.5 dwarf, by a projected separation
of 5 arcsec, or 47 AU (Femenía et al. 2011). The maximum RV acceleration from
such a companion is 3.7 m s−1 yr−1. For this star, we have a 5.1 year baseline and
the median σ is 15 m s−1. By injecting simulated companions, we estimate an RV
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detection efficiency near zero for these companions. Thus it is not surprising that it
is missed in our sample.
Gl 229B
Gl 229B (HD 42581) is a T7 dwarf at a projected separation of 44 AU (Faherty et
al. 2009). This companion has been directly imaged (Nakajima et al. 1995) but not
detected as a strong acceleration through RV variations. As with Gl 569, this object
is beyond our range for efficient brown dwarf detection through RV observations.
If we assume a mass of 40 MJ , we would expect a maximal RV acceleration of 1.1
m s−1 yr−1. Thus, again we should not be surprised it is not detected.
3.7 A Brief Note on Radial Velocities and Magnetic Activity
We account for the possibility that any apparent RV accelerations may be induced
by magnetic activity statistically, as described in Section 3.3. Often, the SHK value,
a measure of the ratio of flux in the Ca II line cores to flux in nearby continuum
regions, is taken as a proxy for chromospheric activity (Wilson 1968; Henry et
al. 1996). While not a perfect measure, it is comforting to note that the observed
radial velocities do not correlate with SHK in any of our stars with long-term RV
accelerations. The RVs for our systems with detected accelerations as well as SHK
for observations after the HIRES detector upgrade are included in Figure 3.19 and
Table 3.6.
JD-2440000 RV (m s−1) σRV (m s−1) SHK JD-2440000 RV (m s−1) σRV (m s−1 SHK
Gl 317
11550.993 369.80 5.83 N/A 14544.905 456.22 4.92 0.97
11552.990 395.68 6.74 N/A 14545.894 455.37 4.96 1.11
11582.891 397.16 6.08 N/A 14603.777 415.82 5.00 0.97
11883.101 321.88 5.83 N/A 14806.029 344.83 5.02 1.13
11973.795 292.84 7.74 N/A 14807.069 337.39 5.70 1.01
12243.073 386.34 7.95 N/A 14808.138 343.93 4.94 1.11
12362.949 451.96 7.50 N/A 14809.059 335.15 4.95 1.22
12601.045 325.69 6.93 N/A 14810.161 339.65 4.87 1.20
12989.125 442.81 6.64 N/A 14811.128 341.51 4.93 1.21
13369.016 337.48 4.90 1.26 14839.107 342.36 5.26 1.09
13753.983 479.22 4.85 1.13 14963.795 388.95 4.98 1.46
14084.001 337.88 5.29 1.22 15134.090 489.75 4.90 1.24
14086.141 342.52 5.21 1.20 15173.079 479.92 4.79 1.09
14130.082 351.80 5.37 1.21 15199.017 478.18 4.98 1.16
14131.014 341.73 5.11 1.07 15255.869 447.15 4.89 1.19
14138.932 335.57 4.86 1.12 15289.857 424.86 4.82 1.16
14216.733 358.57 4.95 1.04 15522.057 333.93 4.97 0.85
14255.743 376.54 4.92 1.45 15613.960 366.70 4.92 1.24
14255.749 380.38 4.79 1.20 15672.848 392.45 4.92 1.14
14400.110 476.46 4.91 0.98 15878.127 460.49 4.81 1.03
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14428.062 479.05 5.29 1.02 15903.017 457.41 4.79 1.02
14492.901 479.46 5.05 1.13 15960.986 422.57 4.98 1.01
14543.948 448.01 5.34 0.97
Gl 849
10606.068 190.31 4.78 N/A 14455.744 165.29 3.45 1.06
10666.001 205.60 4.69 N/A 14456.733 163.51 3.48 1.11
10715.957 205.19 4.99 N/A 14460.742 173.41 3.53 1.00
10983.038 217.69 4.67 N/A 14634.083 176.64 3.34 1.10
10984.084 224.23 4.55 N/A 14635.042 173.89 3.32 1.00
11410.021 254.67 4.08 N/A 14636.051 176.71 3.33 1.01
11439.865 245.85 4.30 N/A 14637.116 176.23 3.31 1.00
12095.081 225.97 4.52 N/A 14638.059 177.42 3.41 0.96
12096.046 219.06 4.38 N/A 14639.067 174.78 3.42 1.00
12133.013 221.49 4.39 N/A 14640.115 171.70 3.36 1.08
12160.909 211.60 4.10 N/A 14641.117 173.84 3.38 1.07
12161.846 207.39 4.19 N/A 14644.113 177.39 3.40 1.01
12162.887 209.34 4.22 N/A 14674.936 176.17 3.40 1.02
12486.968 194.80 4.66 N/A 14688.952 177.11 3.40 1.06
12535.852 194.96 4.43 N/A 14690.005 183.22 3.51 1.06
12807.011 209.44 4.30 N/A 14721.949 183.11 3.52 1.03
12834.013 208.07 4.39 N/A 14790.752 184.27 3.43 1.04
12989.720 217.41 4.08 N/A 14807.793 183.33 3.47 1.00
13014.710 222.75 4.27 N/A 14989.063 213.37 4.17 0.98
13015.711 221.97 4.60 N/A 15015.047 199.35 3.42 1.04
13016.706 222.33 4.07 N/A 15016.074 202.71 3.36 0.98
13154.080 228.16 4.76 N/A 15029.019 201.72 3.52 0.98
13180.108 231.43 4.45 N/A 15043.042 212.32 3.40 1.02
13196.931 228.82 4.63 N/A 15048.996 209.45 3.39 0.98
13238.929 230.55 3.44 1.01 15075.082 205.14 3.55 1.00
13301.838 228.44 3.39 1.00 15080.084 215.78 3.50 0.90
13302.742 228.98 3.32 1.05 15082.073 213.97 3.44 0.99
13303.798 228.40 3.27 1.02 15134.922 210.04 3.41 1.02
13603.939 221.04 3.43 0.93 15135.876 210.90 3.37 1.03
13724.712 207.52 3.39 0.98 15169.797 210.64 3.55 1.01
13746.715 205.70 3.60 1.01 15188.725 223.58 3.42 1.07
13746.721 203.74 3.72 1.03 15352.082 238.03 4.18 0.98
13749.698 194.88 3.51 0.87 15376.032 226.26 3.36 1.01
13927.015 187.71 3.42 0.93 15395.958 229.16 3.32 0.98
13959.087 191.03 3.34 1.90 15397.048 227.85 3.36 1.00
13960.955 188.72 3.31 0.95 15436.111 227.10 3.40 0.99
13960.962 191.05 3.32 0.95 15521.801 216.77 3.53 0.99
13983.000 191.46 3.36 1.11 15555.792 228.55 3.38 1.04
14083.750 174.45 3.67 1.05 15736.122 221.64 3.86 1.10
14337.074 164.82 3.45 1.00 15770.878 212.94 3.41 1.09
14343.872 165.90 3.35 1.03 15807.063 210.62 3.40 1.04
14429.742 166.12 3.44 1.05 15851.759 205.57 3.33 1.00
Hip 22627
11580.831 139.11 6.00 N/A 14838.995 115.36 5.10 1.15
11882.888 138.64 6.58 N/A 14846.957 102.80 5.28 2.81
11901.002 131.80 6.77 N/A 14864.957 105.69 5.05 1.97
12235.849 155.64 7.57 N/A 14928.732 99.68 4.86 1.25
12536.088 105.11 6.31 N/A 14929.726 94.02 5.14 1.00
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12572.991 129.52 6.78 N/A 14934.731 82.53 5.28 1.53
12573.950 118.58 6.32 N/A 15077.110 92.45 4.91 1.23
12575.047 106.25 6.29 N/A 15170.784 80.88 5.08 1.23
12575.991 110.57 7.00 N/A 15170.791 84.01 5.07 1.27
12898.116 92.25 6.13 N/A 15174.093 77.01 5.12 1.26
13014.818 93.28 6.34 N/A 15187.837 72.99 5.07 1.07
13015.832 84.39 6.15 N/A 15261.771 79.05 5.15 1.20
13016.832 71.79 5.78 N/A 15429.120 83.25 5.07 1.17
13302.975 91.91 4.79 1.34 15487.096 81.47 4.81 1.17
13984.089 127.34 4.92 1.09 15522.938 88.05 4.89 0.95
14130.853 128.24 5.10 1.22 15545.819 89.25 4.89 1.35
14397.938 129.88 4.87 1.04 15636.775 90.74 4.87 1.24
14778.991 109.83 5.06 1.11 15879.984 113.81 4.90 1.09
14790.995 103.81 5.07 1.05 15960.761 109.29 7.51 1.28
14807.917 102.51 4.97 1.02 15960.765 107.53 4.93 1.08
14838.988 102.33 5.11 0.98 16019.733 113.58 4.78 1.29
Hip 57050
11581.046 -63.25 4.53 N/A 15172.138 -9.58 4.64 0.81
11705.827 -67.09 4.79 N/A 15174.138 -14.72 4.67 0.80
11983.009 -9.42 5.27 N/A 15188.151 -14.99 4.64 0.82
12064.864 -0.39 5.34 N/A 15189.155 6.60 4.25 0.86
12308.077 4.98 5.01 N/A 15190.153 25.56 4.11 0.93
12391.034 6.53 5.63 N/A 15191.133 28.40 4.36 0.83
12681.050 -1.92 5.15 N/A 15197.136 42.23 4.28 0.79
12804.885 10.26 5.05 N/A 15198.054 35.70 4.59 0.81
13077.104 -38.83 5.83 N/A 15199.170 36.95 4.42 0.87
13398.975 -33.44 4.33 1.02 15229.114 -28.84 4.45 0.74
13753.068 12.88 4.64 0.96 15229.958 -10.72 4.71 0.72
14131.092 1.32 4.96 0.90 15232.054 4.35 4.63 0.78
14545.002 15.61 4.55 0.79 15251.997 0.76 4.38 0.81
14546.007 22.29 4.29 0.80 15284.858 9.29 4.64 0.73
14671.811 -3.54 5.13 5.32 15636.023 -32.36 4.31 0.90
14955.894 9.12 4.47 0.83 15671.915 -13.93 4.34 0.92
14963.930 -13.66 4.43 0.80 15698.820 16.56 5.97 7.95
15014.782 -46.65 4.50 0.70 15707.812 -12.89 4.66 0.88
15015.804 -47.40 4.41 0.72 15723.769 -34.04 4.41 0.92
15041.758 11.31 5.04 0.83 15903.064 12.42 4.40 0.83
Table 3.6: RVs and SHK values for systems with long-term RV accelerations
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Figure 3.19: (left) RV time series for our four systems exhibiting long-term RV
accelerations. The vertical line in 2004 represents the HIRES detector upgrade in
August of that year. (right) RVs as a function of SHK. All four RV accelerations are
visible, but none of the RV data appear to correlate with SHK, commonly used as a
proxy for stellar chromospheric activity.
99
C h a p t e r 4
PHYSICAL PROPERTIES OF THE TRANSITING BROWN
DWARF LHS 6343 C
In this chapter I focus on LHS 6343 C, a brown dwarf transiting one member of
an M+M binary in the Kepler field. Given the relative brightness of the host star
and the high signal-to-noise ratio on the individual transits themselves, analyzing
this system was a test of the limits of Kepler data: given a sufficiently high signal
transit, what limits our precision? Are there any assumptions we often make, such
as details of limb darkening, that will eventually break down? Are there any robust
methods to characterize the star without relying on the fine details of any particular
set of stellar models? This chapter was originally published as “Characterizing
the Cool KOIs. VII. Refined Physical Properties of the Transiting Brown Dwarf
LHS 6343 C,” ApJ, 800, 134 (2015) by BTM, John Johnson, Phil Moorhead, Ashley
Villar, Corinne Vassallo, Cristoph Baranec, Nick Law, Reed Riddle, Geoff Marcy,
Andrew Howard, and Howard Isaacson.
4.1 Introduction
The growth of brown dwarf astronomy has closely mirrored that of exoplanetary as-
tronomy. Although Latham et al. (1989) discovered a likely brown dwarf candidate,
the first confirmed detection of a brown dwarf was announced two months before
the announcement of the first exoplanet orbiting a main sequence star (Mayor &
Queloz 1995; Rebolo et al. 1995). That same year also saw the discovery of the
first brown dwarf orbiting a stellar-mass companion (Nakajima et al. 1995). To-
day, more than 2,000 brown dwarfs have been discovered. The majority of these
substellar objects have no detected companions, so characterization is often limited
to spectroscopic observations. In these cases, the atmosphere of the brown dwarf
can be extensively studied (e.g. Burgasser et al. 2014; Faherty et al. 2014), but its
physical parameters, including mass and radius, cannot be measured directly.
When a brown dwarf with a gravitationally bound companion is detected, detailed
characterization of its physical properties is possible. Radial velocity (RV) sur-
veys have produced a significant number of brown dwarf candidates with minimum
mass determinations (e.g. Patel et al. 2007). Astrometric monitoring of directly im-
aged brown dwarf companions to stars has led to dynamical mass measurements of
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brown dwarfs (Liu et al. 2002; Dupuy et al. 2009; Crepp et al. 2012b). While there
are many brown dwarfs with measured masses, radii can only be directly measured
in transiting or eclipsing systems. The first eclipsing brown dwarf system, discov-
ered by Stassun et al. (2006) in the Orion Nebula, produced the first measurement of
a brown dwarf’s radius and the first test of theoretical mass-radius relations. Today,
there are eleven brown dwarfs with measured masses and radii (Díaz et al. 2014a).
Of this sample, eight transit a stellar-mass companion and only four are not inflated
due to youth or irradiation. If the brown dwarf is assumed to be coeval with its
host star, the brown dwarf’s age and metallicity can be estimated. Both properties
are expected to affect the brown dwarf mass-radius relation, making observations
of transiting brown dwarfs especially valuable (Burrows et al. 2011).
Recently, four brown dwarfs have been detected by the Kepler mission (Bouchy et
al. 2011a; Johnson et al. 2011b; Díaz et al. 2013; Moutou et al. 2013). Launched in
2009, the Kepler telescope collected wide-field photometric observations of approx-
imately 200,000 stars in Cygnus and Lyra every 30 minutes for 4 years (Borucki et
al. 2010). The mission was designed as a search for transiting planets. As brown
dwarfs have radii similar to Jupiter, brown dwarfs were also easily detected; only a
few RV observations are necessary to distinguish between a giant planet and brown
dwarf companion (e.g. Moutou et al. 2013).
The first unambiguous brown dwarf detected from Kepler data was found in the
LHS 6343 system and announced by Johnson et al. (2011b, hereafter J11). The
authors analyzed five transits of the primary star observed in the first six weeks of
Kepler data, combined with one transit observed in the Z-band with the Nickel tele-
scope at Lick observatory and 14 RV observations with Keck/HIRES. The authors
also obtained PHARO adaptive optics imaging data from the Palomar 200 inch tele-
scope, imaging a companion 0.5 magnitudes fainter than the primary at a separation
of 0.7 arcsec. From these observations, the authors were able to measure a mass for
the brown dwarf of 62.7± 2.4 MJup, a radius of 0.833± 0.021 RJup, and a period of
12.71 days, corresponding to a semimajor axis of 0.0804±0.0006 AU. The authors
define LHS 6343 A as the primary star, LHS 6343 B as the widely-separated binary
M dwarf, and LHS 6343 C as the brown dwarf orbiting the A component, and note
the architecture of this system is very similar to the NLTT 41135 system discovered
by Irwin et al. (2010).
Additional papers have expanded our knowledge of LHS 6343. Southworth (2011)
re-fit the Kepler light curve, using data through Quarter 2 from the mission. By
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fitting the observations using five different sets of stellar models, he attempted to
reduce biases caused by any one individual stellar model. He found different models
provide a consistent brown dwarf radius at the 0.08 RJup level, but found a higher
mass than J11: his best fitting mass for LHS 6343 C was 70 ± 6 MJup. Oshagh et
al. (2012) analyzed the lack of transit timing variations in the system, finding that
any additional companions to LHS 6343 A with an orbital period smaller than 100
days must have a mass smaller than that of Jupiter. With 6 quarters of Kepler data,
Herrero et al. (2013) measured a photometric rotation period of 13.13 ± 0.02 days
for LHS 6343 A. The authors also claimed to observe spot-crossing events during
the transits of LHS 6343 A, as well as out-of-transit photometric modulation with
a period consistent with the orbital period of LHS 6343 C. Herrero et al. (2014)
updated this work, concluding that the out-of-transit variations are dominated by
relativistic Doppler beaming.
In many of the papers about the LHS 6343 system after the discovery paper, the
authors assumed the physical parameters of J11. This is not necessarily an ideal as-
sumption to make. J11 used a limited dataset during their analysis. Their photome-
try consisted of only six transits and 14 RVs, and they estimated the third light con-
tribution of LHS 6343 B by extrapolating from near-IR observations to the Kepler
bandpass. Moreover, the derived stellar parameters in that paper were based only
on photometric observations and depend strongly on the accuracy of the Padova
model grids (Girardi et al. 2002) upon which they are based.
The conclusion of the primary Kepler mission affords us an opportunity to rean-
alyze the LHS 6343 system using the complete Kepler dataset. Such a reanalysis
enables us to better measure the brown dwarf’s mass and radius. There are only
three non-inflated brown dwarfs with both a mass and radius measured to 5% or
better: LHS 6343 C, KOI-205 b (Díaz et al. 2013), and KOI-415 b (Moutou et al.
2013). To test theoretical brown dwarf evolutionary models, we would like to mea-
sure the masses, radii, and metallicities of these objects as precisely as possible. In
this work, we analyze the full Kepler dataset for this object to measure the transit
profile. We combine this light curve with additional RV observations, near-infrared
spectroscopy of LHS 6343 AB, and Robo-AO visible-light adaptive optics. Without
any reliance on stellar models beyond an empirical main sequence mass-radius re-
lation, we are able to measure the mass of LHS 6343 C to a precision of 3% and the
radius to a precision of 2%. Beyond the empirical main-sequence relation, the mass
and radius measurements depend only on the following parameters, all measured
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directly from the data: the orbital period, stellar density ρ?, reduced semimajor
axis a/R?, Doppler semiamplitude K , eccentricity, and inclination. Our technique
allows one to calculate the mass and radius for both members of a transiting system.
We also combine our data with the predictions for the mass of LHS 6343 A from the
Dartmouth stellar evolutionary models of Dotter et al. (2008). These combined data
enable us to measure a model-dependent mass and radius of LHS 6343 C to better
than 2% each; we also measure a metallicity of the system of 0.02 ± 0.19 dex.
In Section 4.2 we describe the observations used in this paper. In Section 4.3 we
outline our data analysis pipeline. In Section 4.4 we present our results. In Section
4.5 we summarize our present efforts and outline our future plans to measure the
brown dwarf’s luminosity.
This study presents, to date, the most precise mass and radius measurements of
a non-inflated brown dwarf. Observations such as these are essential for future
detailed characterization of field brown dwarfs.
4.2 Observations
Kepler Photometry
The LHS 6343 system (KIC 10002261, KOI-959) was part of the initial Kepler tar-
get selection and was observed during all observing quarters in long cadence mode.
Between 22 February 2011 and 14 March 2011, the system was also observed using
Kepler’s short cadence mode, with observations collected every 58.84876 seconds
in the reference frame of the spacecraft. We downloaded the entire dataset from the
NASA Multimission Archive at STScI (MAST).
For both long and short cadence observations, Kepler data consist of a postage
stamp containing tens of pixels, a small number of which are combined to form an
effective aperture. The flux from all pixels in the aperture are combined to create
a light curve. The Kepler team defines an aperture for all targets and performs
aperture photometry as a part of their Photometric Analysis (PA) pipeline, which
produces a light curve from the pixel-level data (Jenkins et al. 2010). This pipeline
also removes the photometric background and cosmic rays.
In analyzing the pipeline-generated light curve, we detected occasional anomalies
during transit events, with the recorded flux systematically larger than expected.
These anomalies were also detected by Herrero et al. (2013), who attribute them to
occultations of spots on LHS 6343 A by LHS 6343 C. The anomalies occur only in
the long cadence data, and only when the transit is symmetric around one data point
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in the Kepler time series, so that the central in-transit flux measurement would be
expected to be significantly lower than the surrounding data points. By investigating
the pixel-level data, we find that each anomaly has been registered as a cosmic ray
by the PA pipeline, and “corrected” to an artificially large value.
Using the pixel-level data, recorded before the cosmic ray correction in the pipeline,
we removed these artificial corrections. We find the anomalies can be completely
explained as false cosmic ray detections: there is no evidence for transit-to-transit
variability in the Kepler data.
We expect stellar granulation to induce correlated photometric variability only at
a level significantly below the precision of our observations. Correlated noise at-
tributed to stellar granulation has been previously observed when modeling transits
of companions to higher mass stars (e.g. Huber et al. 2013) and used to derive funda-
mental parameters of the stars themselves (Bastien et al. 2013). Both the timescale
and magnitude of the correlated noise are inversely proportional to the stellar den-
sity (Gilliland et al. 2010). For an M dwarf with a mass around 0.3M, we expect
granulation to induce correlated noise with a period of approximately 10 seconds
and an amplitude of 50 ppm (Winget et al. 1991). Therefore, given the precision
and cadence of the Kepler observations we do not expect to observe correlated noise
due to granulation in the LHS 6343 system.
We tested for correlated noise on transit timescales by calculating the autocorre-
lation matrix for out-of-transit sections of the data. For both long cadence and
short cadence data, all off-diagonal elements have absolute values less than 0.03;
we found no periodic structure to the autocorrelation matrix. Therefore, on transit
timescales the noise can be treated as white.
We converted all times recorded by Kepler to Barycentric Dynamical Time (TDB),
not UTC, which was mistakenly recorded during the first three years of the mission.
As a result, our times differ from those reported in the analysis of J11 by 66.184
seconds.
We then detrended the light curve to remove the effects of stellar and instrumental
variability. For all transit events with at least four data points recorded continuously
before and after the transit, we selected a region bounded by a maximum of three
transit durations on either side of the nominal transit center. If there is any space-
craft motion, such as a thruster fire or data downlink, we clipped the fitting region
to not include these data. We then fit a second-order polynomial to the out of transit
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flux. We normalized the light curve by dividing the observed flux values by the
calculated polynomial. We repeated this procedure near the midpoint between suc-
cessive transits in order to search for evidence of a secondary eclipse. We estimated
the noise level in the data by measuring the variance observed in the out of transit
segments of the data.
Keck/HIRES Radial Velocities
We obtained spectroscopic observations of LHS 6343 using the HIgh Resolution
Echelle Spectrometer (HIRES, R ≈ 48,000) at the W. M. Keck Observatory. All
observations were taken using the C2 decker. With a projected length of 14.0 arc-
sec, the decker enables accurate sky subtraction. The first four observations were
obtained using a 45 minute exposure time and the standard iodine-cell setup de-
scribed by Howard et al. (2010b). Once LHS 6343 C was identified as an transiting
brown dwarf, the remaining observations were obtained with 3 minute exposure
times and without the iodine cell. For all observations, the slit was aligned along
the binary axis so that light from both stars fell upon the detector.
To measure the RV of LHS 6343 A, we used LHS 6343 B as a wavelength reference.
We began with an iodine-free spectrum of HIP 428, oversampled onto a grid with
resolution 15 m s−1. For each observation, we restricted our analysis to the 16 orders
covered by the “green” CCD chip, which covers the region typically used in iodine
cell analyses, as well as the first two orders covered by the “red” chip where telluric
contamination is negligible. From these 18 orders, we first estimated and divided
out the continuum flux level following the method of Pineda et al. (2013). We then
removed the regions of the spectrum contaminated by telluric lines. We added to
this template a shifted, scaled version of itself to represent LHS 6343 B. We varied
the positions of both stars and compared to the observed spectrum of LHS 6343 in
order to find the maximum likelihood velocity separation between the two stars.
By assuming the relative RV of LHS 6343 B does not change over our observing
baseline, our method enables us to measure the RV of LHS 6343 A relative to that
of a stationary wavelength calibration source observed simultaneously.
There is no evidence of orbital motion of LHS 6343 B at the level of our RV pre-
cision. From an observed projected separation and mass estimate we can estimate
the maximum expected RV acceleration induced by a companion. Following Tor-
res (1999) and Knutson et al. (2014), the maximum RV acceleration is defined such
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for a system at a distance d, with a companion with mass Mcomp at an angular
separation ρ. For a companion with a mass approximately 30% of the Sun’s and
a projected separation (dρ) of approximately 20 AU, we expect a maximum RV
acceleration of 40 m s−1 yr−1. We would only observe this RV acceleration if we
happened to observe the two stars at the time of their maximum orbital separation
and if their orbit was edge-on to our line of sight. Our RV signal is considerably
larger than any effects induced by LHS 6343 B; any RV acceleration over our three-
year baseline is similar in size to our measurement uncertainties.
The median RV precision of our observations is 85 m s−1. Our RV precision is
much lower (≈ 400 m s−1) for the first four observations when the spectra are con-
taminated by the iodine cell. Our RV precision is also impeded when the difference
between the RV of LHS 6343 A and LHS 6343 B is smaller than one-half of a pixel,
about 500 m s−1.
A table of our RVs is included as Table 4.1.
Visible-light Adaptive Optics Imaging
J11 estimated the third-light contribution of LHS 6343 B in the Kepler bandpass by
extrapolating from JHK adaptive optics observations using the Padova model at-
mospheres of Girardi et al. (2002). To minimize any potential biases that may be
induced by their reliance on stellar models, we obtained adaptive optics imaging
of LHS 6343 with the Robo-AO laster adaptive optics and imaging system on the
Palomar Observatory 60-inch telescope (Baranec et al. 2014). Robo-AO success-
fully observed thousands of KOIs; we used their standard setup (Law et al. 2014).
With SDSS g, r , and i filters (York et al. 2000), we imaged the system on UT 2013
21 July; we observed the system again in g band on UT 2013 27 July. Each ob-
servation consisted of full-frame-detector readouts at 8.6 Hz for 90 seconds. We
use 100% of the frames during each integration. The images were then combined
using a shift-and-add processing scheme, using LHS 6343 A as the tip-tilt star. At
all wavelengths, we detected both LHS 6343 A and LHS 6343 B, as shown in Figure
4.1. While we would be sensitive to a change in the position angle between the two
M dwarfs of two degrees, we do not detect any orbital motion of LHS 6343 B rel-
ative to LHS 6343 A between the original Palomar/PHARO data in 2010 and these
observations in 2013.
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Table 4.1: Radial Velocities for LHS 6343 A
To calculate the relative flux ratio of the two stars in each bandpass, we sky-subtract
our observations and measure the flux inside a 0.5 arcsec aperture centered on each
star. The point spread functions of each star are larger than the apertures, so each
aperture contains light from both stars. We subtract out the contamination from




g band, UT 2013 Jul 21
g band, UT 2013 Jul 27
r band, UT 2013 Jul 21
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Figure 4.1: Robo-AO adaptive optics imaging of the LHS 6343 system taken with
three different bandpasses. Both the scale and orientation are held constant across
all images. We obtained two images of the system in the g-band, six days apart. We
obtained a single image of the system in both the r- and i-bands.
In our g-band data we observed tripling, induced when the shift-and-add processing
algorithm temporarily locks on LHS 6343 B instead of LHS 6343 A. Tripling causes
the appearance of an artificial third object coaxial with the two real objects. The
third object is observed to have the same projected separation between the primary
as the true secondary, at a position angle offset of 180 degrees, as discussed by Law
et al. (2006). By measuring the flux ratios between the primary star and the two









where F1 is the observed flux from the primary component, F2 the observed flux
from the secondary component, and F3 the observed light from the tertiary, “tripled”
component. When F3 = 0 this equation is undefined, but the asymptotic behavior is
correct.
We find the third light contributions in each bandpass are given such that ∆g =
0.93 ± 0.07, ∆r = 0.74 ± 0.06, and ∆i = 0.57 ± 0.05. From these, we interpolate
108
using the Dartmouth stellar models to calculate a value for the third light in the
Kepler bandpass, which encompasses roughly the g, r , and i filters. We find ∆Kp =
0.71±0.07 magnitudes. This is consistent with the extrapolation of J11, who predict
a third-light in the Kepler bandpass of ∆Kp = 0.74 ± 0.10.
NIR Spectroscopy
The transit light curve itself can be used to measure some properties of LHS 6343 A,
such as the stellar density. Other parameters such as the stellar temperature, as well
as all physical properties of LHS 6343 B, can only be estimated by relying on stel-
lar models. To inform the models, on UT 2012 July 05 we obtained simultaneous
JHK spectroscopy with the TripleSpec Spectrograph on the 200" Hale Telescope at
Palomar Observatory. TripleSpec is a near-infrared slit spectrograph with a resolv-
ing power (λ/∆λ) of 2700 (Wilson et al. 2004; Herter et al. 2008).
Observations were collected on four positions along the slit, ABCD, to minimize
the effects of hot and dead pixels on the spectrograph detector. Each exposure was
30 seconds long in order to achieve a signal-to-noise ratio of 60. We then observed a
nearby, rapidly rotating A0V star to calibrate absorption lines caused by the Earth’s
atmosphere.
To reduce the data, we followed the methodology of Muirhead et al. (2014), using
the SpexTool reduction package of Cushing et al. (2004). We differenced the A
and B observations and the C and D observations separately, then extracted the
combined-light spectrum and combined the separate observations with SpexTool.
To remove the system’s absolute radial velocity of -46 km s−1, we cross-correlated
the spectrum with data from the IRTF spectral library (Cushing et al. 2005; Rayner
et al. 2009), then applied an offset to the wavelength solution corresponding to the
peak of the cross-correlation function. The result is a single spectrum displaying
the combined light from LHS 6343 A and LHS 6343 B, as shown in Figure 4.2
4.3 Data Analysis
Temperature and Metallicity of LHS6343 A and B
We measured the temperature of each star following the method of Rojas-Ayala et
al. (2012), who built on the efforts of Covey et al. (2010) to determine a relation
between K-band spectroscopic features and the temperature and metallicity of M
dwarfs. Specifically, Rojas-Ayala et al. define a temperature-sensitive “H2O–K2
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Figure 4.2: Combined-light K-band spectrum for the LHS 6343 system. The broad,
blue shaded regions are used to derive the “H2O–K2 water index,” as described
in Section 4.3. The narrow, red shaded regions encompass the sodium doublet
and calcium triplet. Together, these regions have been used to develop empirical
relations for the temperature and metallicity of M dwarfs (Rojas-Ayala et al. 2012).
water index," representing the water opacity between 2.07 µm and 2.38µm:
H2O–K2 =
〈F (2.070 − 2.090)〉/〈F (2.235 − 2.255)〉
〈F (2.235 − 2.255)〉/〈F (2.360 − 2.380)〉 . (4.3)
Here, 〈F (a − b)〉 represents the median flux level in the region [a,b], with both a
and b in µm. They also defined a relation between a star’s metallicity, the H2O–
K2 index, and the equivalent width of the 2.21 µm sodium doublet and 2.26 µm
calcium triplet. We calculated H2O–K2 and the two equivalent widths, as well as
their uncertainties, by creating a sequence of simulated spectra in which random
noise is added to the observed flux consistent with the flux uncertainty at each
wavelength. We found the calculated H2O–K2 values to be normally distributed
such that H2O–K2 = 0.919 ± 0.002. The equivalent width of the sodium doublet is
5.533 ± 0.101 Å and the equivalent width of the calcium triplet is 3.863 ± 0.089 Å.
If our spectrum consisted of the flux from only one star, we could convert our value
directly into a stellar effective temperature and metallicity. In this case, each value
is really the combination of two separate values, one for each M dwarf. However,
if we assume the two stars have the same metallicity, useful information can still
be extricated. We first drew from the posterior of ∆K values from our PHARO
near-infrared adaptive optics observations and our posteriors for H2O–K2 and the
equivalent widths. From these, we used the relations of Rojas-Ayala et al. (2012) to
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calculate the system metallicity. We then interpolated the table provided in that pa-
per to find a relation between H2O–K2 and effective temperature for a given metal-
licity. Using the Dartmouth stellar evolution models, we then determined which
two modeled stars best fit both the observed flux ratio and combined H2O–K2 in-
dex value. By repeating this process many times, continuously drawing from the
posteriors for each measured value we determined a posterior on the temperature,
and by extension the mass, of each star. The joint posterior on the temperature of
the two stars is shown as Figure 4.3.
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Figure 4.3: Joint posterior on the effective temperature of LHS 6343 A and
LHS 6343 B. Marginalizing over the temperature of each star separately, we find
the A component has a temperature of 3431 ± 21 K and the B component has a
temperature of 3354 ± 17 K. The dashed line and shaded region correspond to the
temperature of LHS 6343 A expected based on our model-independent mass mea-
surement from the combined transit and RV fit.
Transit Parameters
To measure the parameters of LHS 6343 C, we forward modeled the LHS 6343 A-C
system over the timespan from the launch of Kepler to the date of the final RV ob-
servation in 2013. At each time corresponding to an RV observation, we calculated
the expected radial velocity relative to a stationary LHS 6343 B assuming a Keple-
rian orbit. At each Kepler timestamp during a transit or near the expected time of
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secondary eclipse, we calculated the expected relative flux assuming a Mandel &
Agol (2002) light curve model. We fit four limb darkening parameters using the
prescription of Claret & Bloemen (2011), allowing the value for each limb dark-
ening coefficient to float as a free parameter. In calculating the light curves, we
used an adapted version of the PyAstronomy package1, modified to allow eccentric
orbits.




e sinω, time of central transit, or-
bital period, brown dwarf mass, orbital inclination, LHS 6343 A-C radius ratio, four
limb darkening parameters, the third light from LHS 6343 B, log(g) of LHS 6343 A,
the secondary eclipse depth, the stellar mass, and the RV zeropoint (relative to
LHS 6343 B). We did not use an RV jitter term, as our RV uncertainties of ∼ 100
m s−1 are significantly larger than the jitter expected for a main-sequence M dwarf.
We used emcee, an affine-invariant ensemble sampler described by Goodman &





















Here, fLC corresponds to the observed flux in the Kepler long cadence data and
fSC corresponds to the short cadence data. The period we fit and report here is the
period observed in the frame of an observer at the barycenter of the solar system,
not in the frame of the LHS 6343 system. That is, we do not correct for relativistic
effects induced by the star system’s systemic velocity.
We imposed two different priors on the stellar mass, reflecting various levels of trust
in theoretical stellar evolutionary models. First we apply the stellar empirical mass-
radius relation of Boyajian et al. (2012), which encodes no direct model-dependent
information, as a prior We use their relation for “single stars.” While our star has a
wide binary companion at tens of AU, the single collection is more representative
of LHS 6343 A than the short-period eclipsing binaries used to build the eclipsing
binary main sequence of Boyajian et al. (2012). Given a precise measurement of
the stellar density ρ?, semimajor axis a/R?, Doppler semiamplitude K , eccentricity,
1https://github.com/sczesla/PyAstronomy
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and inclination, the mass and radius of both the primary and secondary star can then
be calculated.
We next repeated this analysis, applying a prior on the stellar mass using the spec-
troscopic parameters from our TripleSpec analysis, as described in Section 4.3.
In each of these cases, we can calculate the mass and radius of LHS 6343 B through
the Dartmouth models by comparing the relative brightness of LHS 6343 A and
LHS 6343 B in conjunction with the (now known) mass of LHS 6343 A. We can
also measure a model-dependent distance to the system, which depends both on our
measured mass and the mass-luminosity relation encoded in the stellar models.




































Figure 4.4: Phase-folded transit light curve, fit to the maximum likelihood model.
Blue points represent long cadence data and red points represent short cadence data.
The scale of the residuals is a factor of five larger than the scale of the light curve.
4.4 Results
The orbital parameters for LHS 6343 C are listed in Table 4.2. The physical prop-
erties of the LHS 6343 system are listed in Table 4.3. In the latter table, we include
two columns of values. The first set of values represents the values we find using
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Figure 4.5: Phase-folded RV curve, fit to the maximum likelihood model. For
the majority of observations, the data points are larger than the size of the error
bars. The gray shaded regions represent an extension of the RV data beyond one
phase to provide clarity for the reader. Observations marked with an cross represent
data collected while using the iodine cell. The dashed line represents the RV of
LHS 6343 B, which does not change at the level of our precision over the 3-year RV
baseline.
et al. (2012) without any direct use of stellar models. The second set of values cor-
responds to the inclusion of a model-dependent prior on the stellar mass. In this
case, we impose as a prior our mass derived from the near-IR spectroscopy, found
in Section 4.3.
We find that we are able to measure the observed transit depth, uncorrected for the
third light contributions of LHS 6343 B, to a precision of 0.5%. We are additionally
able to measure the Doppler semiamplitude K to 0.3%. Therefore, our uncertainties
in the brown dwarf’s physical parameters are dominated by the uncertainties on the
absolute physical parameters of the two M dwarfs in the system.
We can measure the stellar mass directly from the light curve and RV observations
without any direct reliance on theoretical stellar models, as shown in the Discussion.
In this case, we measure a mass for LHS 6343 A of 0.381 ± 0.019 M and a radius
of 0.380 ± 0.007 R. We then find a mass and radius of LHS 6343 C of 64.6 ± 2.1
MJup and 0.798 ± 0.014 RJup, respectively. Thus, in this case we can measure the
mass of the brown dwarf to a precision of 3.2% and the radius to 1.8%.
From our near-IR spectroscopic analysis of the system, we measure a temperature
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for LHS 6343 A of 3431 ± 21 K, which gives us a mass of 0.339 ± 0.016 M. We
repeat our analysis, using this value as a prior on our stellar mass. In this case, we
find a value for the stellar mass between our empirical value and that imposed by
our model prior: 0.358 ± 0.011 M. We then find a mass for the brown dwarf of
62.1±1.2 MJup and a radius of 0.782±0.013 RJup. This is a model-dependent mass
measured to a precision of 1.9% and a model-dependent radius to 1.4%.
Our brown dwarf mass is consistent with that found by J11, while our radius is
smaller at the 1.4σ level. Part of this discrepancy may be due to the choice of
models used: these authors used the Padova model grids of Girardi et al. (2002).
These models predict a larger mass than both the Dartmouth models we use and the
BT-Settl models (Allard & Freytag 2010). Using the Padova models, the authors
of the discovery paper adopted a slightly smaller log(g), which for a given mass
implies a larger star, and therefore a larger planet. The discrepancy may also be
affected by our choices of limb darkening models: the authors of the discovery
paper use a quadratic limb darkening model. With only five transits observed, this
is a reasonable choice. Given the signal to noise obtained from fitting four years of
Kepler data simultaneously, we require a four-parameter limb darkening solution to
develop an appropriate model fit.
Our mean density for LHS 6343 C is 40% larger than that reported in the discovery
paper. This appears to be because the authors of that paper misreported their density,
as it is inconsistent with their reported mass and radius. These authors may have
reported the density relative to Jupiter, not in units of g cc−1 as listed in their Table
5. Even with this correction, the density we report is larger than the density of J11
due to the difference in the radius of the brown dwarf described in the previous
paragraph.
We measure a period of 12.7137941 ± 0.0000002 days in the frame of the solar
system. The uncertainty in the period is 17 milliseconds, and the period is measured
to a precision of 15 parts per billion.
We measure the total mass in the LHS 6343 AC system to a precision of 4.8 percent.
Neglecting our uncertainty in the measured period, from differentiating Kepler’s
Third Law we expect our measurement of the semimajor axis to be three times
more precise than that of the total mass. In fact, we measure a semimajor axis of
0.0812 ± 0.0013 AU, a precision of 1.6 percent.
115
Secondary Eclipse Observation
J11 do not detect a secondary eclipse and can only place an upper limit of 65 parts
per million on the potential eclipse depth. With a full four years of Kepler data,
we are considerably more sensitive to eclipses. From the RVs and shape of the
primary eclipse alone, we know the A-C system has a nonzero eccentricity: we find
e cosω = 0.024 ± 0.003. As a result, we expect the secondary eclipse to occur
approximately 4.5 hours after the midpoint between consecutive primary transits.
When we include a secondary eclipse in our system model, we detect a signal at
3.5σ, as shown in Figure 4.6. This eclipse has a depth of 25 ± 7 parts per million
and occurs 4.44 ± 0.16 hours after the midpoint between primary transits. From
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Figure 4.6: Secondary eclipse of LHS 6343 C as observed by Kepler. (top) In black,
the Kepler data are phase-folded and plotted; we bin every 0.03 days of observations
together to reduce the apparent scatter, as shown in red. As the noise is nearly
completely white, this is justified for plotting purposes. In blue is our best-fitting
secondary eclipse model. We treat the brown dwarf as a uniform sphere in our
modeling efforts. (bottom) Same as the above, excluding the raw data. We detect
an eclipse depth of 25± 7 ppm after accounting for the correction for the third light
contribution from LHS 6343 B. The dashed blue lines represent the 1σ deviation in
eclipse depth from the best-fitting model.
Distance to the LHS 6343 System
There is, at present, no measured parallax to the LHS 6343 C system. We must
therefore rely on stellar models to convert the measured apparent magnitudes to dis-
tance estimates. J11, using the Padova model atmospheres, announced a distance to
the system of 36.6±1.1 pc. The Dartmouth models predict a lower mass, and there-
fore a lower luminosity for LHS 6343 A, so to maintain the observed brightness of
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the system from g to Ks-band, these models require a smaller distance modulus.
We find a model-dependent distance to the system of 32.7 ± 1.3 pc. A measured
parallax to this system, either from the ground or from Gaia, will be useful for re-
solving the 2σ discrepancy between these distances, informing the upcoming next
generation of stellar evolution models.
Parameter Value 1σ Confidence
Interval
Orbital Period, P [days] 12.7137941 ± 0.0000002
Transit Center (TDB −2440000) 15008.07259 ± 0.00001
Radius Ratio, (RP/R?) 0.216 ± 0.004
Observed Transit Depth (percent) 3.198 ± 0.015
Scaled Semimajor axis, a/R? 46.0 ± 0.4
Orbital Inclination, i [deg] 90.45 ± 0.03
Transit Impact Parameter, b 0.36 ± 0.02
Argument of Periastron ω [degrees] -40 ± 4
Eccentricity 0.030 ± 0.002
Secondary Phase (e cosω) 0.0228 ± 0.0008
Secondary Depth (ppm) 25 ± 7
Velocity semiamplitude KA [km s−1] 9.69 ± 0.02
Star A-B RV Offset [km s−1] 3.64 ± 0.02
Table 4.2: Orbital Parameters for the LHS 6343 AC System. All parameters cal-
culated by simultaneously fitting to the RV data and Kepler data near the times of
transit and secondary eclipse.
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Parameter Value 1σ Confidence Value 1σ Confidence Comment
(Empirical Prior) Interval (Model Prior) Interval
Stellar Parameters
MA [M] 0.381 ± 0.019 0.358 ± 0.011 A
MB [M] 0.292 ± 0.013 A
RA [R] 0.380 ± 0.007 0.373 ± 0.005 A
RB [R] 0.394 ± 0.012 A
ρA [ρ] 6.96 ± 0.19 6.93 ± 0.19 A
log gA [cgs] 4.86 ± 0.01 4.85 ± 0.01 A
Metallicity [Fe/H] 0.03 ± 0.26 B
Metal Content [a/H] 0.02 ± 0.19 B
Distance [pc] 32.7 ± 1.3 C
Flux Ratio FB/FA,Kp 0.461 ± 0.055 0.518 ± 0.032 A
∆Kp [magnitudes] 0.84 ± 0.12 0.71 ± 0.07 A
Te f f ,A [K] 3431 ± 21 B
Te f f ,B [K] 3354 ± 17 B
Brown Dwarf Parameters
MC [MJup] 64.6 ± 2.1 62.1 ± 1.2 A
RC [RJup] 0.798 ± 0.014 0.783 ± 0.011 A
Semimajor Axis, A-C System (AU) 0.0812 ± 0.0013 0.0797 ± 0.0008 A
Mean Planet Density, ρC [g cm−3] 170 ± 5. 173 ± 5 A
log gC [cgs] 5.419 ± 0.008 5.420 ± 0.008 A
Teq (Te f f (
R?
2a )
1/2) [K] 358 ± 3 A,B
Table 4.3: Physical Parameters for LHS 6343 ABC.
(A) Calculated by simultaneously fitting to the RV data and Kepler data near the times of transit and secondary eclipse.
(B) Measured from near-IR spectroscopy following the method of Rojas-Ayala et al. (2012).
(C) Calculated by fitting the observed apparent magnitudes to model-predicted absolute magnitudes.
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4.5 Discussion







































Figure 4.7: Mass-radius diagram for known transiting brown dwarfs. The dashed
lines represent the Baraffe et al. (2003) isochrones for (top to bottom) ages of 0.5,
1.0, 5.0, and 1.0 billion years. The dotted lines are isodensity contours for (top
left to bottom right) densities corresponding to 10, 25, 50, 100, and 150 times the
density of Jupiter. LHS 6343 C has a density of 130 ± 4ρJup and appears to have
an age of 3-5 Gyr. Data taken from Deleuil et al. (2008), Bouchy et al. (2011b,a),
Siverd et al. (2012), Díaz et al. (2013), Moutou et al. (2013), Triaud et al. (2013),
Díaz et al. (2014a), and Littlefair et al. (2014). Not shown are the components of
the young binary brown dwarf system 2MASS 2053-05 (Stassun et al. 2006), which
have radii well above the plot range.
There are now nine brown dwarfs with measured masses and radii (Moutou et al.
2013). Of this sample, there are only four that are not inflated due to youth or
irradiation. LHS 6343 C is effectively a field brown dwarf: the equilibrium temper-
ature for an object at its orbital separation is 360 K while a 65 MJup brown dwarf
is expected to cool to only 700 K over a Hubble time (Burrows et al. 2001). Thus,
the irradiation from the primary star on the brown dwarf is negligible. Addition-
ally, since the system has a nonzero eccentricity, the system is not tidally locked,
minimizing any effects the primary star may have on any one point on the brown
dwarf’s surface. LHS 6343 C can be used as a laboratory to study the physics of
solitary brown dwarfs, as it is effectively a field brown dwarf with a known mass,
radius, and metallicity. The sample of transiting brown dwarfs that can be used to
probe the physics of field brown dwarfs is highly limited, making each individual
system extremely valuable.
There is some evidence that our current best understanding of the physics of brown
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dwarfs is incomplete. Dupuy et al. (2009) find evidence for a “substellar luminosity
problem,” in which the brown dwarf binary HD 130948 BC is twice as luminous as
predicted by evolutionary models. A similar result is found in the Gl 417 BC system
(Dupuy et al. 2014). As these are the only two brown dwarf systems with reliable
measurements of both mass and age, this result is suggestive of a fundamental issue
with substellar models.
We have only a lower limit on the age of the system: J11 find no youth indicators
present in the LHS 6343 system so it is likely not less than 1-2 Gyr old. Therefore,
a measured luminosity would be most useful as a probe of this specific plane if the
luminosity were consistent with extreme youth (< 1 Gyr) or extreme age (> 14
Gyr). A measured luminosity is still useful, as it allows us to locate the brown
dwarf’s position in the mass-radius-luminosity plane. While there is a collection of
non-inflated brown dwarfs with masses and luminosities measured, there are only
three with mass and radius and none with both radius and luminosity. Moreover, we
also know the metallicity of the brown dwarf, assuming it has the same composition
as LHS 6343 AB.
There is a degeneracy between the inferred age of the system and the atmosphere
of the brown dwarf. Specifically, a brown dwarf with the mass and radius of
LHS 6343 C would be expected to be significantly older if it were covered with
optically-thick clouds, as the clouds would keep the brown dwarf at a hotter in-
ternal adiabat. The models of Baraffe et al. (2003), which do not include clouds,
suggest an age of approximately 5 Gyr, consistent with the cloudless models of
Saumon & Marley (2008). However, Saumon & Marley (2008) predict a cloudy
brown dwarf with a mass of LHS 6343 C and an age equal to the age of the universe
would have a radius 2σ larger than that observed for this object. This is consistent
with the models of Burrows et al. (2011), who find the system must be very old if
LHS 6343 C has a thick layer of clouds. These authors claim thinner clouds or no
clouds may be preferred by the data. Therefore, any additional observations which
suggest the presence of clouds on LHS 6343 C would be at odds with the predictions
from theoretical brown dwarf model atmospheres.
The luminosity of LHS 6343 C can be measured by observing its secondary eclipses
as it passes behind LHS 6343 A. In the Kepler bandpass, we find the eclipse depth
is 25 ± 7 parts per million. Between 1 and 3 microns, the depth is expected to be
0.1%, observable with ground-based telescopes. In the 4.6 µm Spitzer bandpass,
the eclipse depth may be as large as 0.5% if the brown dwarf’s atmosphere is cloud-
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free. We will observe this system during four secondary eclipse events in Spitzer
Cycle 10, observing two eclipses in each available IRAC bandpass. In addition
to probing for extreme variability caused by patchy clouds in the atmosphere of
LHS 6343 C, combining these observations with the Kepler secondary and ground-
based JHK photometry will enable us to measure a luminosity of this brown dwarf
from the visible to the mid-infrared. These observations will allow us to place
the first data point on the brown dwarf mass-radius-metallicity-luminosity plane,
testing the underconstrained brown dwarf atmospheric models in this parameter
space for the first time.
Derivation of Direct Mass and Radius Measurement
Seager & Mallén-Ornelas (2003) derive four directly observable parameters in an
exoplanet light curve under a specific set of assumptions. Namely, they assume
circular orbits, M2  M1, and that the third light contribution from a blended star
is zero. None of these are true for the LHS 6343 system. As a result, the deriva-
tion which follows provides an analytic result which is exactly true when written
in terms of physical parameters, but when common approximations for these pa-
rameters in terms of observables such as the transit duration, impact parameter, and
relative flux decrement during transit are substituted for these parameters, the re-
sults below only approximate the truth. When calculating physical parameters using
this method, care should be taken to avoid using these oversimplified expressions.
Following Seager & Mallén-Ornelas (2003), the transit light curve enables a direct
measurement of the stellar density ρ? and the reduced semimajor axis and the stellar
radius, a/R?. From these, if the stellar mass-radius relation is known, then the
stellar mass can be measured directly from the light curve.
We know from Kepler’s Third Law that, for two orbiting bodies with masses M?






where G is Newton’s constant. The mean stellar density is defined for a star of mass





We can combine these two in such a way that we recover an expression for the mass
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Here, i is the orbital inclination and e the eccentricity, while all other variables
retain their previous meaning. Rearranging this equation, we can once again write










With two equations and two unknown masses, we can solve for the primary and




































































From the stellar density, the calculated mass can be used to measure the stellar































From a known stellar radius, the transit depth can be used to measure the planet




Therefore, by measuring the stellar density, reduced semimajor axis, orbital period,
transit depth, inclination, eccentricity, and Doppler semiamplitude, we can mea-
sure the stellar and planetary mass and radius. Moreover, since the companion is
transiting, we know sin i ≈ 1.
Dawson & Johnson (2012) present equations for the physical parameters above in
terms of parameters directly observable from the light curve. Specifically, they find,


















) ( √1 − e2
(1 + e sin w)
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. (4.17)
Here, δ = (Rp/R?)2 is the fractional transit depth, or the relative areas of the tran-
siting companion and the host star. T14 is the transit duration from first to fourth
contact (including ingress and egress), and T23 is the transit duration from second
to third contact (excluding ingress and egress).
If we substitute these into our above equations for the stellar mass and radius, we
find our expressions for the mass and radius are undefined. Specifically, our de-
nominator, c1 − 1 is undefined at m = 0. Our equations above work specifically
in the case where the mass of the companion is not negligible. This is because the
stellar density cannot be measured exactly from the light curve alone. While often
neglected in exoplanet studies, the true observable is (M?+mp)/R3?. In cases where
the mass ratio is large, this value approaches M?/R3?, enabling the stellar density
to be approximated well. For the case of a Jupiter-sized planet transiting a sun-
like star, such an approximation is reasonable. However, this approximation breaks
down for small mass ratios. In this case, an additional constraint is required.
An additional constraint can be provided by using the mass ratio, which can be
measured by observing ellipsoidal variations in the full phase curve (Loeb & Gaudi
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2003). Ellipsoidal variations have been used both to confirm transiting planets (e.g.
Mislis et al. 2012) and to measure the mass ratios of already-confirmed planets
(e.g. Welsh et al. 2010; Jackson et al. 2012). By including such an observation, the
degeneracy between the stellar density and mass ratio can be broken and the stellar
mass measured directly.
When both the mass ratio is small and ellipsoidal variations cannot be observed
from the light curve, the masses can still be measured directly if the star can be
assumed to fall on the main sequence, as outlined by Seager & Mallén-Ornelas
(2003). For a fixed transit depth, reduced semimajor axis, and Doppler semi-
amplitude, a star’s inferred mass is related to the star’s predicted radius such that
M ∝ R>3, with the exact coefficient depending on the host-companion mass ratio
(and approaching 3 as the mass ratio becomes infinite). Since the stellar main-
sequence has a significantly different mass-radius relation, this information can be
used to rule out many unphysical transit models. An example of this is shown as
Figure 4.8.

































Figure 4.8: (green) Mass-radius relation for LHS 6343 A from the observed tran-
sit light curve and RV observations, plotted with (blue) the mass-radius relation
for K and M dwarfs of Boyajian et al. (2012). There are many possible stellar
masses and radii which are formally allowed, but are unphysical. By combining
weak constraints from empirical observations of the main sequence, a robust direct
measurement on the mass and radius of both LHS 6343 A and LHS 6343 C can be
made.
Because a nonzero mass ratio is required, this method is likely only applicable when
the companion is a hot Jupiter, transiting brown dwarf, or low-mass stellar compan-
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ion. Moreover, it requires precise knowledge of both the Doppler semiamplitude
and transit parameters. Therefore, the potential of this method is likely limited at
present to hot transiting companions orbiting bright host stars. Yet for these cases
this technique may be very useful, especially when stellar evolutionary models may
have systematic errors, such as when the host is an M dwarf or subgiant star.
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C h a p t e r 5
SPITZER SECONDARY ECLIPSE OBSERVATIONS OF
LHS 6343 C YIELD BRIGHTNESS TEMPERATURE AND MID-T
SPECTRAL CLASS
In this chapter I continue the discussion of LHS 6343 C. Given the precise mass
and radius measured in the previous chapter, we considered what observations
would be necessary to compare this object to the field brown dwarfs with well-
characterized atmospheres but no direct measurements of their masses and radii.
We concluded the best opportunity to measure the atmosphere of the brown dwarf
would be through secondary eclipses observations of the system as observed with
Spitzer, leading to a successful Cycle-10 proposal to observe four eclipses, two in
each Spitzer bandpass. In this chapter I analyze these data and compare them to
both theoretical models of brown dwarfs and empirical observations of field brown
dwarfs. This chapter was originally published as “Benchmark Transiting Brown
Dwarf LHS 6343 C: Spitzer Secondary Eclipse Observations Yield Brightness Tem-
perature and mid-T Spectral Class,” ApJL, 822, 6 (2016) by BTM, John Johnson,
Jonathan Fortney, and Jean-Michel Desert.
5.1 Introduction
There are only eleven brown dwarfs with measured masses and radii (Montet et
al. 2015a, hereafter M15, and references therein). These objects serve as useful
benchmark stars to compare theoretical predictions of physical parameters for the
thousands of known brown dwarfs with measured luminosities, colors, or other
atmospheric parameters (Faherty et al. 2013; Mace et al. 2013; Helling & Casewell
2014). Such comparisons are not currently possible as the only brown dwarfs with
measured masses and radii and inferred atmospheric parameters are larger than field
objects due to youth or irradiation and therefore not representative of their old,
isolated counterparts (Stassun et al. 2006; Siverd et al. 2012).
Recently, M15 announced refined physical properties of the transiting brown dwarf
LHS 6343 C (Johnson et al. 2011b), measuring a mass of 62.1 ± 1.2 MJup and a
radius of 0.783 ± 0.011 RJup. These authors also detected a secondary eclipse in
the Kepler dataset with a depth of 25 ± 7 ppm. This 3.6σ detection is insufficient
for atmospheric characterization, but it allows for the possibility of observations
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at other wavelengths to probe the temperature, age, and atmospheric properties of
the brown dwarf. LHS 6343 C presents the first opportunity to robustly measure
the atmospheric properties of an old, non-inflated brown dwarf with a known mass
and radius, enabling a key connection between the field and transiting brown dwarf
populations.
Spitzer (Werner et al. 2004) enables us to obtain observations of the secondary
eclipse of LHS 6343 C behind LHS 6343 A, providing an opportunity to measure
the emitted near-IR radiation from the brown dwarf. Given the low level of irra-
diation from the host star, LHS 6343 C should behave like a field brown dwarf for
which direct mass and radius measurements are generally unobtainable (Section
5.5.1)
In this paper, we present detections of the secondary eclipse of LHS 6343 C in both
Spitzer IRAC bandpasses. We measure the eclipse depths by jointly fitting a Gaus-
sian process (GP) model to the instrumental systematics and a physical model of the
astrophysical signal. We use these data to infer a temperature and age of the system
through theoretical models of brown dwarf evolution, making LHS 6343 C the first
non-inflated brown dwarf with a known mass, radius, and direct measurement of its
atmospheric properties.
5.2 Data Collection and Analysis
We collected data during four separate eclipses with Spitzer, two each in the 3.6 and
4.5 µm IRAC bands (Fazio et al. 2004). These data were collected on 2014 July 06,
July 19, September 21, and October 16 as a part of Spitzer Cycle 10 program 10122
(PI Montet). Data in both bandpasses were collected in subarray mode with 2.0
second exposures. In all observations, a 30-minute peak-up preceded the science
observations to place the star on the detector “sweet-spot” to minimize pixel-phase
effects (e.g. Ballard et al. 2010). Each set of science observations contains a total of
8768 frames spread over 4.9 hours approximately centered on the time of eclipse.
For computational feasibility, we binned the observations by a factor of eight, giving
a cadence of ≈16 seconds per binned data point, shorter than any astrophysical
quantity of interest.
We measure the observed flux in each binned frame by performing aperture pho-
tometry, repeating this procedure 11 times with circular apertures between 1.6 and
3.5 pixels. By fitting a two-dimensional Gaussian to the 5x5 region of the detector
directly surrounding the brightest pixel, we measure the position of the star on the
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detector in each frame (Agol et al. 2010). We find a scatter of ∼0.1 pixels during
each observation. A background estimate is calculated by fitting a Gaussian to the
histogram of flux values obtained over each full frame.
Noise Model
The Spitzer light curves are dominated by instrumental systematics largely caused
by intrapixel variability in the sensitivity of the InSb detector (Charbonneau et al.
2005; Knutson et al. 2008). To account for these systematics, we fit an instrumental
model simultaneously with our secondary eclipse model. Our instrumental model
is the GP model of Evans et al. (2015), who employ a covariance kernel which is a
function of the centroid xy coordinates of the star and the time t of the observation.
For any two points i and j, their covariance is defined such that
Ki j = kxy + kt , (5.1)
where
kxy = A2xy exp
[
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Here, xi and yi are the centroid positions of the star during the ith observation, taken
at time ti. Axy and At define the magnitude of the correlation between data points
and Lx , Ly, and Lt define the length scales of said correlation. A larger value of
Ki j , when the temporal or spatial separation between two points is small relative to
Lt , Lx , or Ly, implies a stronger correlation.
Our noise model then has 19 free parameters. As each observation falls on a differ-
ent region of the detector, Axy, At , Lx , and Ly are not shared between observations.
Lt is shared between observations. We also fit for two white noise parameters, one
for each bandpass, added in quadrature to our covariance kernels.
Physical Model
Simultaneously we fit a physical model of the secondary eclipses of LHS 6343 C
behind LHS 6343 A. We use the transit model of Mandel & Agol (2002) with no
limb darkening, as the primary star is not being occulted: the observed flux should
be unchanging between second and third contact. We fit for four separate eclipse
depths, allowing for the possibility of variability similar to that observed in Spitzer
surveys of field brown dwarfs (Buenzli et al. 2012; Metchev et al. 2015). We also
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e sinω, reduced semimajor axis a/R?,
and impact parameter. For each of these, we apply a prior following the results
of the simultaneous RV and transit fit of M15. With 11 parameters defining the
astrophysical model, we have 30 parameters total. Our model is shown in Figure
5.1.
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Figure 5.1: (Left) Observed secondary eclipses of LHS 6343 C. The solid line repre-
sents the maximum likelihood joint fit of the instrumental and astrophysical models.
The observations are arranged chronologically from top to bottom. The top two, in
blue, are eclipses in the IRAC 1 3.6µm bandpass. The bottom two, in red, are taken
in the IRAC 2 4.5µm bandpass. (Right) The same eclipses, with the maximum
likelihood instrumental model divided out for illustration.
Parameter Estimation
We first calculate a maximum likelihood solution for each eclipse with each of our
eleven apertures. We then choose the single aperture which maximizes our likeli-
hood function and restrict ourselves to that aperture. For the first 3.6µm eclipse and
both 4.5µm eclipses, we find the likelihood function is maximized with a 2.0 pixel
aperture; for the other 3.6µm eclipse, we use a 2.3 pixel aperture. In all cases, these
apertures include both M dwarfs in the system. To compute the covariance matrix
and likelihood function for each model, we use george1, an implementation of the
hierarchically off-diagonal low-rank matrix solver of Ambikasaran et al. (2016).
To infer the eclipse depths, we then explore the parameter space using emcee
1http://dan.iel.fm/george
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(Foreman-Mackey et al. 2013), an implementation of the affine-invariant ensemble
sampler of Goodman & Weare (2010). We initialize 200 walkers clustered around
the maximum likelihood values for each eclipse. We then allow these walkers to
evolve for 1,500 steps, limiting each noise parameter to values within a factor of
e10 of the maximum likelihood value. We remove the first 600 steps as burn-in
and verify our system has converged through the test of Geweke (1992) and visual
inspection.
5.3 Results
Our results are shown in Table 5.1. We find less correlated noise in the 4.5µm
bandpass, in line with previous Spitzer analyses (Hora et al. 2008). We do not find
significant evidence for variability between eclipses. In the 3.6µm bandpass the
two depths are consistent at 1.4σ; at 4.5µm, 0.8σ. We consider these observations
to represent the system in similar states and combine the likelihoods on the eclipse
depth through a kernel density estimation of each individual depth. From this, we
measure an eclipse depth of 1.06 ± 0.21 parts per thousand (ppt) at 3.6µm and
2.09 ± 0.08 ppt at 4.5µm, as shown in Figure 5.2. We also calculate brightness
temperatures for each bandpass using the BT-Settl model spectra of Allard et al.
(2012) to infer the expected blackbody flux from the brown dwarf, finding Tb =
1026 ± 57 K at 3.6µm and Tb = 1249 ± 36 K at 4.5µm.
To test the robustness of our GP model, we calculate the maximum likelihood so-
lutions with two different instrumental models. Following Knutson et al. (2008),
we fit a second-order polynomial to the inferred centroid positions of the star to
decorrelate the telescope motion from the astrophysical signal. We also apply the
pixel-level decorrelation method of Deming et al. (2015), which decorates the ob-
served fluxes against the pixel counts inside a subarray centered on the PSF of the
star. In both cases, we find no statistical difference on the inferred eclipse depths.
5.4 Temperature and Age of LHS 6343 C
Given the Spitzer eclipse depths and the known mass and radius of LHS 6343 C,
we can infer the temperature of LHS 6343 C and the age of the system. The eclipse
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. (5.4)
We have no direct measurement of the brightness of the two M dwarfs in the IRAC





Transit Depth, 2014 July 06 (ppt) 0.74 ± 0.27
Transit Depth, 2014 July 19 (ppt) 1.26 ± 0.24
Transit Depth, Combined (ppt) 1.06 ± 0.21
MA (Vega)1 6.56 ± 0.08
MB (Vega)1 6.97 ± 0.10
MC (Vega) 13.43 ± 0.23
Tb (K) 1026 ± 57
IRAC 2 Parameters
Transit Depth, 2014 September 21 (ppt) 2.16 ± 0.12
Transit Depth, 2014 October 16 (ppt) 2.03 ± 0.12
Transit Depth, Combined (ppt) 2.09 ± 0.08
MA (Vega)1 6.45 ± 0.07
MB (Vega)1 6.86 ± 0.09
MC (Vega) 12.58 ± 0.07
Tb (K) 1249 ± 36
System Parameters
Time of Secondary Eclipse (BJD - 2400000) 56845.401 ± 0.001
Orbital Period (days)2 12.7137941 ± 0.0000002
Eccentricity Vector e cosω 0.0229 ± 0.0001
Star C Surface Gravity (m s−2)2 2630 ± 50
Star C Luminosity (log(L?/L))3 -5.16 ± 0.04
Star C Temperature3 (K) 1130 ± 50
Star C Age (Gyr)3 5 ± 1
Table 5.1: Measured parameters for the LHS 6343 ABC system.
(1) Inferred through VRJHK photometry and the Dartmouth models of Dotter et
al. (2008)
(2) From M15
(3) Dependent on the BT-Settl evolutionary models of Allard et al. (2012)
models of Dotter et al. (2008) to infer a mass and radius for each star given available
VRJHK photometry. Here, we use the posterior distributions on the stellar masses
and the Dartmouth models to predict the absolute magnitudes of the stars at 3.6 and
4.5µm(Table 5.1). This technique also reproduces the expected brightness of the M
dwarfs to within the photometric uncertainties in all bandpasses where we do have
data. We then use these predictions and the observed eclipse depths to calculate
the absolute magnitude of LHS 6343 C in both IRAC bandpasses: we determine
MC,3.6 = 13.43 ± 0.23 and MC,4.5 = 12.58 ± 0.07 so that [3.6 − 4.5] = 0.85 ± 0.24.
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Figure 5.2: (Left) Observed secondary eclipses in each bandpass, with different
transits in each bandpass labeled with red triangles and blue circles. A representa-
tive instrumental model has been removed for clarity. Red and blue lines represent
draws from the transit model posterior distributions. (Right) Marginalized poste-
rior distributions of the eclipse depth for each individual transit (red, blue) and
combined (black). The observed eclipse depths are consistent at 1.4σ in the 3.6µm
IRAC 1 bandpass and 0.8σ in the 4.5µm IRAC 2 bandpass. We find depths of
1.06 ± 0.21 ppt at 3.6µm and 2.09 ± 0.08 ppt at 4.5µm.
We repeat this procedure with the resolved flux measurements and the BT-Settl
evolutionary models of Allard et al. (2012), finding no difference in the extrapolated
IRAC absolute magnitudes of the M dwarfs at the 1σ level.
Brown dwarf evolutionary models can be used to determine a temperature and age
of LHS 6343 C. We investigate the predictions of several models.
The BT-Settl models provide the best fit to the available data. We use the isochrones
calculated for the CIFIST 2011 abundances and opacities (Caffau et al. 2010; Allard
et al. 2012), the most recent for which magnitudes have been tabulated at these
masses and ages. With this model grid, we infer a brown dwarf with t = 5 ± 1 Gyr,
T = 1130±50 K, and log(L?/L = −5.16±0.04 by evaluating the likelihood of the
model fit to our calculated absolute magnitudes in each bandpass and marginalizing
over all other parameters. This strategy provides an estimate of the statistical error,
but not the systematic error caused by uncertainty or errors in the models. We
note that of field brown dwarfs with measured temperatures and colors, this model
set predicts the correct temperatures with a scatter of ∼ 50K, consistent with the
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Figure 5.3: Color-magnitude diagram showing the absolute magnitude in the IRAC
2 4.5µm bandpass against the IRAC 1 - IRAC 2 color. Contours represent the
allowed parameter space in which LHS 6343 C could reside. The labeled lines
represent the theoretical evolutionary tracks of a brown dwarf with the mass of
LHS 6343 C from (left to right) the BT-Settl, Saumon et al. (2012), and AMES-
Cond models. Dots correspond to model predictions at (white to dark blue) 2, 4,
6, 8, and 10 Gyr; diamonds correspond to model predictions for temperatures of
(white to dark red) 900, 1000, 1100, 1200, and 1300 K.The BT-Settl model pro-
vides a good fit at 5 ± 1 Gyr; the AMES-Cond and Saumon models fit the data at
lower significance at 8 ± 1 Gyr. Red ellipses represent field brown dwarfs from
Dupuy & Liu (2012) and Filippazzo et al. (2015); labels represent the spectral sub-
type inside the T class.
published uncertainties in temperature.
The AMES-Cond models of Allard et al. (2001) provide a fit to the Spitzer photom-
etry, mass, and radius of LHS 6343 C such that t = 8± 1 Gyr and T = 1000± 50 K.
However, this model grid underpredicts the 3.6µm luminosity, leading to an overes-
timation of the [3.6 - 4.5] color at all ages (Figure 5.3). The AMES-Dusty models,
meanwhile, do not provide a good fit, overpredicting the luminosity even if the sys-
tem were the age of the universe, as is common with brown dwarf models (Rice
et al. 2010; Dupuy et al. 2015).
The isochrones of Saumon & Marley (2008) combined with synthetic photometry
from Saumon et al. (2012) predict IRAC photometry as a function of temperature
and system age. These models provide a slightly better fit to the data than the
AMES-Cond models for an 1100 ± 50 K brown dwarf, but still overpredict the
[3.6 - 4.5] color. Their hybrid models, meant to model the L/T transition, suggest
an older brown dwarf with an age of 8 ± 1 Gyr. Their cloudy L dwarf models
do not provide a good fit at any age. Given the inability of the cloudy models to
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explain the observations, as well as the consistency between models in predicting
temperatures below the L/T transition (Burgasser et al. 2002b; Golimowski et al.
2004), we confirm LHS 6343 C as a T dwarf.
Objects near the L/T transition with temperatures 1000-1400 K are particularly
challenging for brown dwarf evolutionary models. The uncertainties in all mod-
els are dominated by systematics, so we cannot develop one statistical posterior on
the temperature or age. We note the BT-Settl models provide the best fit to these
data and to the population of similar mid-T dwarfs in color-magnitude space. This
system compares favorably to other known T5-6 dwarfs (Dupuy & Liu 2012, Figure
5.3). Of the field brown dwarfs with measured luminosities and temperatures, it is
consistent with being between T4.5 dwarf 2MASS 0000+2554 (1227 ± 95 K) and
T6 dwarfs 2MASS 0243-2453 (973 ± 83 K) and 2MASS 1346-0031 (1011 ± 86 K,
Filippazzo et al. 2015) in its evolution. This age measurement, while model depen-
dent, is the first measurement of the age of the system: previously, Johnson et al.
(2011b) were able to only place a lower limit of 1-2 Gyr on the system age.
5.5 Discussion
Irradiation from LHS 6343 A
We ignore irradiation from LHS 6343 A. Given the (Dartmouth model-dependent)
temperature of the host of 3430 ± 20 K and semi major axis a/R? = 46.0 ± 0.4, the
equilibrium temperature of the brown dwarf is Teq = 365 ± 3 K, assuming a Bond
albedo of 0.07, expected for a massive brown dwarf around an M2V dwarf (Marley
et al. 1999). Therefore, the emitted flux as a result of the absorption and reemission
of stellar radiation from LHS 6343 A is ≈ 1% the total flux. While irradiation may
affect the thermal profile of the brown dwarf, it should be negligible considering the
≈ 0.1 mag uncertainties on the brown dwarf’s magnitude.
Moreover, given the advanced age of the system, we expect high energy irradiation
from the host star to be negligible. West et al. (2008) find a rapid decay in M
dwarf magnetic activity over stellar age; Shkolnik & Barman (2014) find the same
to be true for UV emission, with a steep drop in UV emission at ages above 1 Gyr.
Stelzer et al. (2013) study nearby M dwarfs to find X-ray emission decays even
more quickly for M dwarfs than UV emission, with a difference of three orders of
magnitude between young M dwarfs in TW Hydra and old, field M dwarfs. Any
high energy radiation that may have once influenced the atmosphere of LHS 6343 C
has been at a low level for billions of years, allowing the brown dwarf to achieve an
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equilibrium representative of field brown dwarfs.
Metallicity of LHS 6343 C
M15 infer a metallicity for the two M dwarfs in the system [a/H] = 0.02 ± 0.19. If
the brown dwarf formed through core accretion, it may be expected to have a higher
metallicity than its host stars (Pollack et al. 1986; Podolak et al. 1988), as is the case
for the planet orbiting GJ 504 (Skemer et al. 2016). Because of the low mass of the
host star and likely low mass of its protoplanetary disk (Andrews et al. 2013), it is
considerably more likely this brown dwarf formed like a binary star system so that
the metallicity of LHS 6343 C is likely not significantly different from its host star
(Desidera et al. 2004). Additional observations that infer a spectrum of LHS 6343 C
can provide tests of theoretical brown dwarf spectra given the known metallicity
of the system. These tests are especially important for mid/late T dwarfs, where
metallicity effects can affect near-IR colors by as much as 0.3 dex (Burningham
et al. 2013).
Dynamical History of LHS 6343
The secondary eclipses are centered at phase 0.5146 ± 0.0001, corresponding to
times of transit 0.185 ± 0.001 days after half-phase between successive primary
transits, or an eccentricity vector e cosω = 0.0229±0.0001. This value is consistent
with that inferred from RV observations and Kepler photometry (0.0228 ± 0.0008,
M15)
The eccentricity in the LHS 6343 A-C subsystem may be primordial or the re-
sult of dynamical perturbations from star B. LHS 6343 B is presently at a sky-
projected separation of ∼20 AU from the A-C subsystem. Depending on the orbit
of LHS 6343 B, the system may be susceptible to Kozai-Lidov oscillations (Kozai
1962; Lidov 1962). Kozai-Lidov cycles would lead to oscillations in the orbital
inclination and eccentricity of the A-C subsystem on a timescale




(1 − eAC−B)3/2, (5.5)
where PC is the orbital period of the brown dwarf, MAC the A-C subsystem mass,
MB the perturber mass, aAC−B and eAC−B the orbital semimajor axis and eccentricity
of star B around the AC subsystem, and aAC the orbital semimajor axis of C around
A. The two M dwarfs have similar masses. The semimajor axis aAC = 0.08 AU
is known, but we only know the instantaneous sky-projected separation between
AC and B is ≈20 AU. Taking this value as a proxy for the true semimajor axis,
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we find τ ∼ 106(1 − eAC−B)3/2 years. Even for significantly larger orbits of star
B and high eccentricities, the timescales for Kozai-Lidov cycles would be shorter
than the ∼ 1010 year age of the system, suggesting the system may be susceptible
to Kozai-Lidov oscillations given appropriate initial conditions.
The current orbit can provide clues about the dynamical history of this system.
Measurement of an inclined orbit of LHS 6343 B through astrometric monitoring
could provide evidence for Kozai-Lidov cycles, as would a misalignment between
the spin axis of LHS 6343 A and the orbit of LHS 6343 C. While close binaries are
not always neatly aligned (Albrecht et al. 2014), they often are, especially for low-
mass binaries (Harding et al. 2013; Triaud et al. 2013).
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C h a p t e r 6
MASSES AND ORBITAL PARAMETERS OF GJ 3305 AB, THE
WIDE BINARY COMPANION TO THE IMAGED EXOPLANET
HOST 51 ERI
In this chapter I continue comparing observations of low-mass stars to predictions
from theoretical models. Throughout my graduate studies I have led a long-term
program to measure masses of M dwarfs in young moving groups through astro-
metric and RV observations of their orbits using the Differential Speckle Survey
Instrument (DSSI) at the Discovery Channel Telescope and Gemini Observatory
and the Tillinghast Reflector Echelle Spectrograph at Mt. Hopkins. As we must
observe a substantial fraction of the orbit before we can determine a unique mass,
this is a long-term project not intended to be completed during this thesis. As a part
of this thesis, we published the first results from this survey, outlining our methods
and presenting the first binary system with a closed orbit, the GJ 3305 AB binary.
This chapter was originally published as “Dynamical Masses of Young M Dwarfs:
Masses and Orbital Parameters of GJ 3305 AB, the Wide Binary Companion to the
Imaged Exoplanet Host 51 Eri,” ApJL, 813, 11 (2015) by BTM, Brendan Bowler,
Evgenya Shkolnik, Katherine Deck, Ji Wang, Elliott Horch, Michael Liu, Lynne
Hillenbrand, Adam Kraus, and Dave Charbonneau.
6.1 Introduction
Loose associations of young, nearby (<70 pc) stars with common ages, kinematics,
and origins have been a subject of increasing interest (Zuckerman et al. 2004; Shkol-
nik et al. 2012; Malo et al. 2013). Because of their proximity to Earth, these young
moving groups (YMGs) are excellent targets to study pre-main sequence (PMS)
stellar and substellar evolution, protoplanetary and debris disk structure, and giant
planet formation at ages between distant star-forming regions and old field stars
(e.g. Close et al. 2005; Nielsen & Close 2010). About 10 YMGs containing hun-
dreds of objects between 8 and 120 million years old are known (e.g. Torres et al.
2008).
As these moving groups are amenable to numerous age dating methods, including
kinematic techniques, they provide the opportunity to measure dynamical masses of
PMS low-mass binary objects and test stellar evolution models (Stassun et al. 2014).
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Generally, PMS stellar masses are inferred by comparing a star’s temperature, lumi-
nosity and metallicity to model predictions (e.g. Schaefer et al. 2014). These models
are poorly constrained by observations and may induce systematic offsets (Dupuy et
al. 2009, 2014). Worse yet, different models predict disparate masses, primarily due
to uncertainties in the treatment of convection in low-gravity atmospheres (Baraffe
et al. 2002), stellar accretion history (Baraffe & Chabrier 2010), and molecular line
lists (Baraffe et al. 2015). In some cases, model-predicted masses can differ by
a factor of two or more (Hillenbrand & White 2004; Schlieder et al. 2014). Dy-
namical mass measurements of binary stars with known ages are essential to test
models.
Recently, Macintosh et al. (2015) presented 51 Eri b, the first exoplanet discovery
from the Gemini Planet Imager. The planet has a mass of ≈ 2 MJup (assuming a
hot start model), a projected separation of 13 AU, a temperature of 600-750 K, and
a T4.5-T6 spectral type. GJ 3305 is known to be a binary with combined spectral
type M0 (Kasper et al. 2007). Feigelson et al. (2006) identified GJ 3305 and 51 Eri
as an F0-M0 common proper motion pair, separated by 66 arcsec or ∼2000 AU.
As a binary system, a dynamical mass can be measured for both stars in GJ 3305 AB.
As both stars are members of the β Pictoris moving group, an approximate age of
the system is known (24 ± 3 Myr; Binks & Jeffries 2014; Mamajek & Bell 2014;
Bell et al. 2015). While most dynamical masses of M dwarfs are limited by dis-
tance uncertainties, 51 Eri has a parallax from Hipparcos measured to a precision
of 1%. Combining this parallax with 15 years of imaging and RV data enables us to
determine the system orbital parameters, elucidating the architecture of this 4—or
more—body system.
In this paper, we combine RV and astrometric observations of GJ 3305 AB to mea-
sure orbital parameters and masses for each star. We compare these masses to
model predictions and discuss the possible implications of this binary pair on the
long-term evolution of the orbit of 51 Eri b.
6.2 Data Collection and Reduction
GJ 3305 AB has been imaged and resolved many times (Kasper et al. 2007; Bergfors
et al. 2010; Delorme et al. 2012; Janson et al. 2012, 2014). The system was
also imaged with NIRC2 (Wizinowich et al. 2000) in one unpublished epoch in
2001 available in the Keck Observatory Archives (KOA, PI Zuckerman). In this
work, we combine these data with five observations from 2002 to 2015, three us-
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ing Keck/NIRC2 and one with the Differential Speckle Survey Instrument (DSSI,
Horch et al. 2009) at the Discovery Channel Telescope at Lowell Observatory.
All NIRC2 data were obtained with the narrow camera mode, which has a field of
view of 10.2 arcsec × 10.2 arcsec and a plate scale of 9.952 mas pixel−1 (Yelda et al.
2010). All images were flat fielded and cleaned of bad pixels and cosmic rays. As-
trometry and relative photometry of GJ 3305 was derived by simultaneously fitting
three bivariate Gaussians to each component following Liu et al. (2010).
DSSI allows for simultaneous observations in two filters. We use the DSSI R and
I filters, with central wavelengths 692 and 880 nm and FWHMs of 40 and 50 nm.
We obtained 1000 40-ms exposures in each channel simultaneously. The data were
then reduced following Horch et al. (2015). Specifically, the autocorrelation of
each frame was calculated and summed over all exposures, and the near-axis sub-
planes of the image bispectrum were calculated. To create a reconstructed image,
the Fourier transform of the autocorrelation of the binary was divided by that of a
nearby point source (HR 1415). The square root of this value is taken, and the result
combined with a phase function derived from the bispectral subplanes. The pixel
scale (19 mas pixel−1 in R and 20 mas pixel−1 in I) and orientation of the detector
were found by observing several widely separated binaries with known astrometry.
Our astrometry is listed in Table 6.1.
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Epoch Bandpass RV Contrast Separation Position Angle Source
(Year) (km s−1) (∆ mag) (mas) (deg)
2001.910 H2(ν=1–0) 1.00 ± 0.02 286 ± 1 198.1 ± 0.1 This Work
2002.162 H 1.02 ± 0.02 275.4 ± 1.5 197.9 ± 0.2 This Work
2003.05 K 0.94 ± 0.05 225 ± 51 195.0 ± 1.51 Kasper et al. (2007)
2003.195 H 0.99 ± 0.01 217 ± 1 196.8 ± 0.1 This Work
2004.02 L′ 159 ± 2 194 ± 1 Delorme et al. (2012)
2004.95 L′ 0.88 ± 0.28 93 ± 2 189.5 ± 0.4 Kasper et al. (2007)
2008.88 SDSS z′ 1.39 ± 0.16 218 ± 2 20.3 ± 0.3 Bergfors et al. (2010)
2008.88 SDSS i′ 2.57 ± 0.05 218 ± 2 20.3 ± 0.3 Bergfors et al. (2010)
2009.13 SDSS i′+z′ 231 ± 2 19.2 ± 0.3 Janson et al. (2012)
2009.90 L′ 269 ± 3 18.6 ± 1.0 Delorme et al. (2012)
2009.98 L′ 272 ± 3 19.2 ± 1.0 Delorme et al. (2012)
2010.10 SDSS z′ 1.34 ± 0.01 284 ± 3 18.5 ± 0.6 Janson et al. (2012)
2010.10 SDSS i′ 3.73 ± 0.01 Janson et al. (2012)
2010.81 SDSS z′ 297 ± 3 19.4 ± 0.3 Janson et al. (2014)
2011.67 L′ 303 ± 3 18.1 ± 1.0 Delorme et al. (2012)
2011.87 SDSS z′ 295 ± 4 18.5 ± 0.3 Janson et al. (2014)
2012.01 SDSS z′ 307 ± 3 18.2 ± 0.3 Janson et al. (2014)
2014.629 Brγ 0.92 ± 0.01 244 ± 1 16.8 ± 0.1 This Work
2014.746 DSSI R 1.89 ± 0.04 239 ± 1 16.4 ± 0.2 This Work
2014.746 DSSI I 1.17 ± 0.03 240 ± 1 16.1 ± 0.2 This Work
2015.653 K 0.93 ± 0.01 199 ± 1 15.6 ± 0.1 This Work
2015.653 H 0.99 ± 0.01 198 ± 1 15.6 ± 0.1 This Work
2015.653 J 0.97 ± 0.01 199 ± 1 15.6 ± 0.2 This Work
2015.653 Y 1.06 ± 0.03 200 ± 1 15.6 ± 0.1 This Work
2003.796 HIRES V 19.41 ± 0.38 This work
2004.884 NIRSPEC K 19.86 ± 0.05 Bailey et al. (2012)
2005.862 NIRSPEC K 20.55 ± 0.06 Bailey et al. (2012)
2005.971 HIRES V 21.70 ± 0.30 Shkolnik et al. (2012)
2006.014 NIRSPEC K 20.82 ± 0.05 Bailey et al. (2012)
2006.016 NIRSPEC K 20.95 ± 0.05 Bailey et al. (2012)
2006.019 NIRSPEC K 20.95 ± 0.05 Bailey et al. (2012)
2011.778 UVES Blue 24.40 ± 0.04 Elliott et al. (2014)
2001.994 UVES Blue 23.30 ± 0.02 Elliott et al. (2014)
2012.022 UVES Blue 23.80 ± 0.02 Elliott et al. (2014)
Table 6.1: Data for GJ 3305 AB. In some previous analyses, contrast ratios were not listed for specific epochs. Observations without
listed separations correspond to simultaneous multiband photometry.
(1) Observations published without uncertainty estimates; we choose conservative values.
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The GJ 3305 binary system has also been monitored spectroscopically with a 12-
year observational baseline. One Keck/HIRES spectrum from 2003 exists in the
KOA (PI Zuckerman); we measure the RV following Kraus et al. (2015). We com-
bine this spectrum with nine additional spectra from Bailey et al. (2012), Shkolnik
et al. (2012), and Elliott et al. (2014). In all cases, the RVs were calculated treating
the system as an SB1. We take the reported RV and uncertainty for each obser-
vation, but assume the flux from the secondary is non-negligible, as explained in
Section 6.3.
6.3 Analysis
We infer the orbital parameters of GJ 3305 AB by comparing the astrometric and
RV data to a Keplerian orbit model at each of the observation times. A parallax,
astrometric orbit, and SB1 RV data can be combined to measure individual masses
of each star (e.g. Bean et al. 2007). There is no measured parallax for GJ 3305, so
we adopt the Hipparcos distance to 51 Eri/HIP 21547: 29.43±0.30 pc (van Leeuwen
2007). These two comoving systems have a projected separation of 1940±20 AU, or
0.01 pc. It is unlikely that the radial distance between the two could be significantly
larger while remaining bound; we apply this parallax as a prior on the distance to
GJ 3305.
We then fit for nine additional parameters that define the orbits of the two stars as
viewed from Earth. Of these, seven can be obtained from astrometry. These pa-




e sinω, the time of periapsis
tP, the period P, the total mass M1 + M2, the inclination i, and the longitude of the
ascending node Ω. We parameterize the eccentricity vector in this manner follow-
ing Eastman et al. (2013). The RV data can provide additional information about
several of these (not M1 + M2 or Ω directly), also allowing us to fit the systemic RV
γ and the secondary mass M2.
We include ten additional terms to account for possible systematics in the datas.
This star has been imaged, resolved, and published by four different groups. We
account for the possibility each group may have underestimated their uncertainties
on the orbital separation and position angle by a multiplicative factor by including
a systematic error term on the measured positions from each group, allowing out-
lier points to be downweighted without manually choosing specific points to down-
weight. We do the same with our reductions of both archival and new data, allowing
for separate systematic error terms on our data from Keck/NIRC2 and DCT/DSSI,
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providing a total of six systematic error terms. We allow the uncertainties on each
dataset to be inflated up to a factor of five.
Similarly, we allow for the possibility that the uncertainties in the RVs may be
underestimated, possibly due to stellar variability (Moulds et al. 2013), errors in
systemic RVs of standard stars, or drifts in the stability of the spectrographs. As our
RV data originate from four sources, we allow each to have its own systematic error
term, analogous to the jitter term commonly applied in RV orbit fits of exoplanets
















Here, L is the likelihood of the data given some underlying physical model, σo,i
is the observed uncertainty on the ith data point, σs the systematic error associated
with each particular set of observations, fi (t) the RV model evaluated at time t, and
vi (t) the observed RV at each t. Maximum likelihood jitter values range from 0.13
km s−1 for the 2003 HIRES data to 0.57 km s−1 for the UVES data, suggesting
stellar jitter is significant in the RV data, as expected for young stars.
In all cases, one set of lines are observed because the RV separation is smaller than
the line width. We expect each RV measurement to be the flux-weighted sum of
the two individual RVs. At each step, we calculate the RVs for each star, weight-
ing them according to their expected flux contribution in each bandpass, using the
observed flux ratios in the visible and near-IR as priors and assuming an additional
0.1 mag of variability in the optical and 0.05 mag in the near-IR.
We neglect the possibility that 51 Eri could contribute significantly to the observed
RV signal. Following Equation 1 of Montet et al. (2015a), the maximum RV accel-
eration expected from 51 Eri is 3 cm s−1 yr−1, well below our sensitivity.
We calculate posterior distributions for all parameters using the emcee package
(Foreman-Mackey et al. 2013), an implementation of the affine-invariant Markov
Chain Monte Carlo ensemble sampler of Goodman & Weare (2010). After per-
forming a local optimization to determine a maximum-likelihood fit, we move 3000
walkers each 4000 steps. We discard the first 2000 steps of each walker as burn-in,
and use the test of Geweke (1992) and visual inspection to verify the system has
converged. The data and allowed orbits are shown in Figure 6.1. Summary statis-
tics for the orbital parameters are given in Table 6.2. We note the fitted systemic RV
of 20.76±0.18 km s−1 is consistent with the measured RV for 51 Eri, 21.0±1.2 km
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s−1 (Bobylev 2006) and the UVW velocities are consistent with Mamajek & Bell
(2014). Our samples are available online.1
Parameter Median Uncertainty
(1σ)√
e cosω 0.160 ± 0.019√
e sinω -0.406 ± 0.015
Eccentricity 0.19 ± 0.02
Argument of Periastron ω [deg] -69 ± 3
Time of Periastron [Year] 2007.14 ± 0.16
Orbital Period [Year] 29.03 ± 0.50
GJ 3305 A Mass [M] 0.67 ± 0.05
GJ 3305 B Mass [M] 0.44 ± 0.05
Total System Mass [M] 1.11 ± 0.04
Mass Ratio MB/MA 0.65 ± 0.10
Orbital Inclination, i [deg] 92.1 ± 0.2
Orbital Semimajor Axis, a [AU] 9.78 ± 0.14
Long. of Ascending Node, Ω [deg] 18.8 ± 0.2
Systemic RV Velocity, γ [km s−1] 20.76 ± 0.18
RV semiamplitude KA [km s−1] 4.01 ± 0.38
U [km s−1] -13.76 ± 0.24
V [km s−1] -16.40 ± 0.40
W [km s−1] -9.71 ± 0.36
GJ 3305 A Luminosity [L] 0.112 ± 0.007
GJ 3305 B Luminosity [L] 0.043 ± 0.005
Table 6.2: Measured orbital parameters for GJ 3305 AB
We estimate bolometric luminosities for both of the stars in the system by inte-
grating the CFHIST2011_2015 model spectra of Baraffe et al. (2015). We use the
3700 and 3500 K models with log g = 4.5 (cgs) as spectral templates, scaling them
until they match the observed combined and differential magnitudes in each avail-
able bandpass. We add in quadrature 0.10 mag of uncertainty in our visible-light
magnitudes and 0.05 mag in the near-IR to account for stellar variability.
6.4 Comparison with BHAC15 Evolutionary Models
Given the known distance to the system from Hipparcos we can test if theoretical
stellar evolution models accurately predict the inferred stellar masses and age of the
β Pic moving group. Combined-light photometry spanning from B (0.4 µm) to Ks
(2.3 µm) was measured by the APASS, 2MASS, and WISE surveys (Table 6.3). We
add an uncertainty of 0.03 mag in quadrature to the listed APASS uncertainties due
1http://www.astro.caltech.edu/∼btm/research/gj3305.html
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Figure 6.1: (Top Left) Astrometry for GJ 3305 AB. Data points correspond to the
observations listed in Table 6.1. Blue lines correspond to random draws from the
posterior distributions of orbital elements. The red, dashed line corresponds to the
maximum likelihood orbit. (Top Right) RV data for GJ 3305 A from the literature.
The published uncertainties are in black; in gray are the best-fitting uncertainties,
incorporating an RV jitter model. The red, dashed line corresponds to the max-
imum likelihood orbit. The blue shaded regions correspond to the 1−, 2−, and
3σ uncertainties in the RV of GJ 3305 A. (Bottom Left) Measured separations for
GJ 3305 AB and residuals from the maximum likelihood model. Each feature on
the plot retains its meaning from the previous subplot. (Bottom Right) Measured
position angles for GJ 3305 AB and residuals from the maximum likelihood model.
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to the presence of systematics in APASS DR9 at that level (Henden et al. 2012).
We also have obtained one epoch of differential photometry in two visible-light
bandpasses with DSSI and two near-IR bandpasses (H and Brγ) with Keck/NIRC2.
Bandpass Source Magnitude Uncertainty
Combined
B APASS DR9 11.94 0.03
V APASS DR9 10.56 0.05
g′ APASS DR9 11.27 0.03
r′ APASS DR9 10.03 0.07
J 2MASS 7.30 0.02
H 2MASS 6.64 0.05
K 2MASS 6.41 0.02
W1 WISE 6.34 0.03
W2 WISE 6.21 0.02
W3 WISE 6.16 0.02
W4 WISE 6.00 0.04
Resolved
∆692 DSSI 1.89 0.04
∆880 DSSI 1.17 0.03
∆H2 Keck/NIRC2 1.00 0.02
∆Brγ Keck/NIRC2 0.92 0.01
∆H Keck/NIRC2 1.00 0.02
Table 6.3: Photometry for GJ 3305 AB
We compare the observed brightness of GJ 3305 AB to that predicted by the newest
evolutionary models of Baraffe et al. (2015) for two stars of masses consistent with
those inferred during our analysis as a function of age. We find models of 25 Myr
old stars accurately predict the combined-light near-IR flux for these stars, although
the models predict brighter V magnitudes than those observed (Figure 6.2). How-
ever, star B is brighter than these same models predict: a 25 Myr old GJ 3305 B
would be significantly brighter than what is observed. Assuming the stars are co-
eval, the models then predict a mass for GJ 3305 B that is 20% lower than the ob-
served mass.
We create a simulated spectral energy distribution for each star, given the measured
masses and the average age of β Pic as measured from higher-mass stars. We inter-
polate absolute magnitudes predicted by the updated BHAC15 models of Baraffe
et al. (2015) along isochrones and isomass contours to predict apparent magnitudes
for these stars in each bandpass. We find that the total received flux is lower than
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predicted by the BHAC15 models in each bandpass. While the flux for GJ 3305 A
is consistent with the model predictions, GJ 3305 B is fainter than predicted.
Given the observed masses, we then vary the age of the system, assuming both stars
are coeval, to determine which system age would be predicted by these models
given the observed combined and differential magnitudes. We apply a flat prior on
the age of the system, finding the BHAC15 models predict an age of 37 ± 9 Myr,
consistent with the overall age of the moving group (24 ± 3 Myr, Bell et al. 2015).
As the system is unambiguously young, we can also confirm 51 Eri b as a planetary
mass object.
6.5 Discussion
We have measured the masses and orbits of GJ 3305 AB, finding both to be consis-
tent with the BHAC15 models at the 1.5σ level. In the future GJ 3305 AB and the
gravitationally bound 51 Eri Ab will be able to act as an isochronal test as a coeval,
co-metallicity quadruple system spanning stellar to planetary mass regimes.
The derived period of GJ 3305 (29.03 ± 0.50 year) is longer than the 21 year found
by Delorme et al. (2012). The authors of that paper did not have sufficient data to
fit all orbital parameters, so they fixed the total system mass to 1.3 M. Given our
lower mass measurement, it is not surprising that our measured orbital period is
longer.
Current Limitations
It is possible that an unseen very low-mass star or brown dwarf orbiting GJ 3305 B
could cause us to overestimate its mass, causing the observed 20% discrepancy.
For the system to be stable over 20 Myr, such a companion would have to be in
a close (P < 50 day) orbit. The companion would then have to be in a nearly
face-on (i < 10◦) orbit to evade RV detection. Such companions could be found
through continued astrometric monitoring of GJ 3305. Such a companion would not
affect our astrometry due to its small separation from GJ 3305 B and would likely
not affect our photometry due to its low luminosity relative to the other stars in the
system.
Most PMS M dwarfs have distance measurements to a precision no better than 5%,
meaning the total mass cannot be measured to better than 15% (e.g. Shkolnik et al.
2012). The uncertainty in the mass of GJ 3305 AB is only 4%: the dominant source
of uncertainty in this value is the 1% Hipparcos parallax to 51 Eri, making this
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system an ideal low-mass benchmark. With a Gaia parallax forthcoming in the next
few years, parallaxes for low-mass PMS stars will be improved substantially. Long-
term astrometric and RV monitoring of wide M dwarfs is essential as parallaxes are
obtained over the next few years.
The uncertainty in the individual mass of each star is dominated by the uncertainty
in the Doppler semiamplitude. While additional astrometric observations will not
significantly improve the measured physical properties of GJ 3305, additional RV
observations will be important. RV observations behind AO would be especially
beneficial, as the RV from each star could be measured separately, instead of a
flux-weighted RV centroid.
Dynamical Effects on 51 Eri b
GJ 3305 AB and 51 Eri Ab exist in a dynamical configuration that may be sus-
ceptible to Kozai-Lidov oscillations (Kozai 1962; Lidov 1962), as suggested by
Macintosh et al. (2015). In this scenario, the planet-star binary (51 Eri Ab) interacts
secularly with GJ 3305 AB, leading to oscillations in inclination and eccentricity of
Figure 6.2 (preceding page): (Top) (Left) Combined-light, unresolved and (Right)
differential, resolved photometry for GJ 3305 AB (black) compared to predictions
(red) of the BHAC15 models as a function of age given the observed masses and
parallax. The data are consistent with an age larger than 25 Myr. Plotted bars
along the abscissa correspond to the width of each filter and are meant to guide
the eye: they do not represent an uncertainty. (Middle left) SED for the system,
assuming a 24 ± 3 Myr age and the observed masses. Combined-light photom-
etry is in black and resolved photometry in purple. While the model accurately
reproduces the observed flux from GJ 3305 A, it overpredicts the received flux from
GJ 3305 B. (Middle right) Joint posterior probability distributions on the masses of
the two stars, (black) inferred from the astrometry and RV data and (red) predicted
by the BHAC15 models given the observed combined-light and differential pho-
tometry assuming an age of 24 ± 3 Myr. Contours correspond to the 1-, 2-, and
3-σ confidence regions. The BHAC15 models predict a mass for GJ 3305 B consis-
tent with the mass inferred from the data, but underpredicts the mass of GJ 3305 A
by 20%. (Bottom left) CMD showing the absolute H magnitudes and H − K col-
ors of GJ 3305 AB compared to theoretical models. The models provide a more
accurate fit for GJ 3305 A than GJ 3305 B. (Bottom right) Posterior probability dis-
tribution on the age of the GJ 3305 system, calculated by marginalizing the joint
mass-age posterior over all allowed masses, assuming both stars are the same age.
The BHAC15 models predict an age of 37 ± 9 Myr; the dashed line represents the
Bell et al. (2015) age of the β Pictoris system.
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the planet-star sub-system. The timescale for such an interaction is




(1 − e2pert)3/2, (6.2)
where Pplanet is the orbital period of a planet with a semimajor axis of aplanet about
a host of mass M?, Mpert is the mass of a distant perturber, and apert and epert are the
semimajor axis and eccentricity of the perturber/planet-star “binary” orbit (see e.g.
Holman et al. 1997).
Although we have limited information about this system, we can estimate the time-
scale for Kozai-Lidov cycles should the mutual inclination of the 51 Eri Ab system
and (51 Eri Ab)-(GJ 3305 AB) system satisfy 140◦ . im & 40◦. Taking the instan-
taneous sky-projected separations as a proxy for the semimajor axes and inferred
masses of M? = 1.75 M (Simon & Schaefer 2011) and Mpert = 1.1 M yields
a timescale of τ ∼ 2 × 108 yr (1 − e2pert)3/2. Therefore, unless the eccentricity of
GJ 3305 about the 51 Eri subsystem satisfies epert & 0.9, the timescale for Kozai-
Lidov oscillations is longer than the age of the system, so we do not expect the
Kozai-Lidov mechanism to have had time to induce a large eccentricity or spin-
orbit misalignment within the 51 Eri sub-system. If future observations indicate
non-zero spin-orbit misalignment or a high eccentricity for the orbit of 51 Eri b, a
primordial origin unrelated to the distant perturbers would be suggested.
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C h a p t e r 7
STELLAR AND PLANETARY PROPERTIES OF K2
CAMPAIGN 1 CANDIDATES AND VALIDATION OF 17
PLANETS, INCLUDING A PLANET RECEIVING EARTH-LIKE
INSOLATION
In the final two science chapters I turn my attention to large surveys. The first of
these is K2 the extended Kepler mission. The large systematics inherent to K2 data
make detecting planets more challenging than in Kepler; the stellar target list is put
together only months before each field as a conglomeration of many other catalogs,
making stellar parameters uncertain and potentially systematically biased. Here, we
attempt to solve both of these issues. Following a systematic search for transiting
planets, we combine RV data, AO imaging, and archival data on the stars to better
infer stellar parameters and statistically validate the transiting planets, applying our
methods to Campaign 1 of the K2 mission. We validate 17 planets, including one
which receives an Earth-like level of insolation and has an equilibrium temperature
of 272 ± 15 K. This chapter was originally published as “Stellar and Planetary
Properties of K2 Campaign 1 Candidates and Validation of 17 Planets, Including a
Planet Receiving Earth-like Insolation,” ApJ, 809, 25 (2015) by BTM, Tim Morton,
Dan Foreman-Mackey, John Johnson, David Hogg, Brendan Bowler, Dave Latham,
Allyson Bieryla, and Andrew Mann.
7.1 Introduction
The Kepler telescope (Borucki et al. 2010) has led to a revolution in stellar and
planetary astrophysics, with 7305 “objects of interest” and 4173 “planet candidates”
discovered to date (Borucki et al. 2011b,a; Batalha et al. 2013; Burke et al. 2014;
Rowe et al. 2015; Mullally et al. 2015). The fidelity of this sample is high: most
of these candidates are truly planets (Morton & Johnson 2011; Fressin et al. 2013;
Désert et al. 2015). The mechanical failure of two reaction wheels on the spacecraft
led to a repurposing of the spacecraft into the K2 mission, in which the telescope
points at fields near the ecliptic plane for ∼ 75 days at a time (Howell et al. 2014).
In this observing strategy, two axes of motion of the spacecraft are controlled by
the two remaining reaction wheels, while the roll of the spacecraft is balanced with
solar radiation pressure and quasi-periodic thruster firing. As a result, the detector
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drifts relative to the sky at the rate of ∼ 1 arcsec hr−1, with rapid corrections due
to thruster fires approximately once every six hours. Over the full duration of each
campaign, the targets remain near the same location on the detector but both the
slow drift and the corrections are observable by eye (Barentsen 2015).
K2 light curves produced with aperture photometry contain substantial pointing-
induced photometric variations caused by the star’s apparent motion over a poorly-
defined flat field. Worse yet, these variations occur on timescales similar to transit
signals, potentially masking the observational signature of a planet passing between
Kepler and its host star.
There has been considerable effort to recover these planetary signals, and to date
six planets have been confirmed orbiting three stars in the K2 data (Armstrong et al.
2015; Crossfield et al. 2015; Vanderburg et al. 2015). What is common to all of
these methods are that removal of systematics is considered a step to be undertaken
before the search for planets. Under this strategy, it is implicitly assumed that the
systematics are removed perfectly, while retaining all of the astrophysical signal.
Of course, it is impossible to perfectly separate the astrophysical and instrumental
signal, and such a technique is prone to either over-fitting, in which some of the
astrophysical signal is also removed, or under-fitting, in which some of the instru-
mental systematics remain. A better strategy is to simultaneously fit both the signal
and the systematics, as is common practice in cosmology and, increasingly, in ra-
dial velocity searches for planetary systems (e.g. Ferreira & Jaffe 2000; Boisse et al.
2011; Haywood et al. 2014; Grunblatt et al. 2015).
Foreman-Mackey et al. (2015) simultaneously fit both the systematics and poten-
tial planetary transit signals in a search for transiting planets. They assume that the
dominant trends in the observed stellar light curves are caused by spacecraft motion
and are shared by many stars. They then run PCA on all stars to measure the domi-
nant modes, modeling each star as a linear combination of 150 of these “eigen light
curves” and a transit signal. This method enables fitting without over-fitting, and
also permits marginalization over uncertainties induced by the systematic model.
Therefore, any uncertainties in the systematics can be propagated into uncertainties
in detected planet parameters, instead of assuming the systematics are understood
perfectly. Using this technique, Foreman-Mackey et al. (2015) detect 36 planet
candidates orbiting 31 stars in K2 Campaign 1 data.
In Foreman-Mackey et al. (2015), only transit properties are provided, not absolute
parameters about the planet or the star. Additionally, the authors follow the con-
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vention of the Kepler team to include any transit event as a candidate system rather
than a false positive if a secondary eclipse is not detected: there is no enforced up-
per limit on the allowed planet radius. The authors intentionally make no effort to
separate true transiting planets from astrophysical events that mimic the appearance
of transits, such as an eclipsing binary with a high mass ratio, similar to the Kepler
team’s list of “objects of interest.”
In this paper, we present stellar and planetary parameters for each system. We
also analyze the false positive probability of each system using vespa, a new pub-
licly available, general-purpose implementation of the Morton (2012) procedure
to calculate false positive probabilities (FPPs) for transiting planets. Through this
analysis, as well as archival imaging, ground-based seeing-limited survey data, and
adaptive optics imaging, we are able to confirm 21 of these systems as transiting
planets at the 99% confidence level. Additionally, we identify six systems as false
positives.
This paper is organized as follows. In Section 7.2, we develop stellar properties
through photometric and spectroscopic data. In Section 7.3, we combine the de-
rived stellar properties with K2 data to infer planet candidate properties. In Section
7.4, we combine adaptive optics and radial velocity observations with both archival
and modern ground-based, seeing limited survey data and an analysis of the transit
parameters to calculate false positive probabilities. In Section 7.5, we discuss po-
tentially interesting systems, including a mini-Neptune orbiting an M dwarf which




With the exception of one star in our sample (K2-18), we do not have spectroscopic
data with which to characterize the stellar properties. Additionally, there are no
measured parallaxes for any of these stars. Instead, we rely on photometry. For
each system, we query the VizieR database of astronomical catalogues (Ochsenbein
et al. 2000). We record the B, V , g′, r′, and i′ magnitudes and their uncertainties
from the AAVSO Photometric All-Sky Survey (APASS) DR6 (Henden & Munari
2014), as reported in the UCAC4 Catalogue (Zacharias et al. 2012). We also record
the J, H , and K magnitudes and their uncertainties as found in the 2MASS All-Sky
Catalog of Point Sources (Cutri et al. 2003) and the W1−W3 WISE magnitudes and
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uncertainties from the ALLWise Data Release (Cutri & et al. 2013). For all except
two of our targets, the W4 band is only an upper limit, and in the remaining two
cases, the photometric uncertainty in W4 is at least an order of magnitude larger
than those in W1 − W3, so we do not use W4 for any system. These data are
reported in Table 7.1, and a color-color diagram showing the r − J, J − K colors of
our candidates is included as Figure 7.1.









Figure 7.1: Color-color diagram displaying r − J, J − K photometry for targets
observed by Kepler during the original mission (black), with our K2 Campaign 1
planet candidates overlaid (red). Also included is the location of the Sun (yellow)
and host stars of previously confirmed K2 planets (blue). 90% of our candidates
have photometry consistent with later spectral types than the Sun.
Stellar Models
To convert the observed photometric data into physical properties for each star, we
used the new publicly available isochrones Python module1, a general-purpose
interpolation tool for the fitting of stellar models to photometric or spectroscopic
parameters (Morton 2015a). This software does trilinear interpolation in mass–
age–[Fe/H] space for any given set of model grids, and is thus able to predict the
value for any physical or photometric property provided by the models at any values
of mass, age, and [Fe/H] within the boundaries of the grid.
This enables a set of observed properties ({xi,σi}), either spectroscopic, photomet-










where Ii (θ) is the isochrone model prediction of property i at the given parameters
θ. If the observed properties include any apparent magnitudes, then θ includes
distance and extinction in addition to mass, age, and [Fe/H] .
In this work, we use grids from the Dartmouth Stellar Evolution Database (Dotter
et al. 2008) at solar values of [α/Fe] =0.0 and helium abundance Y = 0.2741, which
come packaged with the isochrones module. We then infer the stellar parameters
using MULTINEST (Feroz et al. 2009), an implementation of a multimodal nested
sampling algorithm, for each host star conditioned on the observed photometric
properties as presented in Table 7.1. MULTINEST is designed to sample multimodal
posteriors, where other samplers such as MCMC algorithms often struggle. Given
the multimodal nature of our posteriors, this scheme is optimal for capturing param-
eter space on the subgiant branch where these stars could reside. We include a prior
on stellar metallicity representative of the observed metallicities of stars within 1
kpc of the Sun, following the results of Hayden et al. (2015), and a Salpeter-slope
prior on mass up to the maximum mass available in the model grids of 3.7 M.
During the sampling process, we fit for galactic extinction as one of our physical
parameters. We include the WISE bandpasses by applying the relative extinction
values between SDSS, 2MASS, and WISE calculated by Davenport et al. (2014). In
each step of our fitting process, we draw a value for AV , calculate the expected ex-
tinction in all bandpasses AX assuming the RV = 3.1 reddening law of (Fitzpatrick
1999), and then measure the likelihood of our model stellar fit to the observed ap-
parent magnitudes. We apply a uniform prior ranging from zero to a maximum
extinction value of 0.2 and marginalize over extinction in our final determination of
stellar parameters. The NASA/IPAC Extragalactic Database (NED), which reports
the Schlafly & Finkbeiner (2011) recalibration of the Schlegel et al. (1998) extinc-
tion map as measured by COBE/DIRBE and IRAS/ISSA, suggests that typical AV
extinction values to the edge of the galaxy at this high galactic latitude are ∼0.1
magnitudes, so our upper limit appears to be justified.
Such a scheme enables us to infer the statistical uncertainties on the mass, radius,
and effective temperature. However, we are subject to biases induced by systemat-
ics in the models themselves. There is some evidence that the Dartmouth models
may under-predict radii of M dwarfs by ∼ 15% when compared to other methods
(Montet et al. 2015a; Newton et al. 2015). Such an effect may be the result of the
Dartmouth model reliance on BT-Settl atmospheres, which are based on incomplete
molecular line lists and have been shown to predict near-IR colors that are too blue
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(Thompson et al. 2014).
As our stellar results are model-dependent, we caution users who intend to use these
parameters for other works, such as exoplanet population studies. When available,
stellar parameters inferred through other techniques such as asteroseismology or
spectroscopy should supersede these values. We note the observed photometric
parameters are consistent with spectroscopically-derived parameters for stars with
published spectra, and consistent with typical model-dependent uncertainties from
photometric data (e.g. Huber et al. 2014). We provide full samples of our posteriors
on the physical parameters for each star2.
Bastien et al. (2014) use the “granulation flicker” in the Kepler light curves to sug-
gest that approximately 50 percent of planet host stars have evolved off the main
sequence onto the subgiant branch, so that both the host stars and their planets are
larger than previously reported. Similarly, in K2 Campaign 1 we may expect to find
evolved stars in a sample of planet candidates, although we may expect the effect
to be lessened due to the high galactic latitude of Campaign 1. Indeed, we find this
to be the case. Two stars, EPIC 201257461 and 201649426 are definitively evolved
stars, with inferred masses less than 2 Mbut radii above 8 R. For approximately
one third of the others, we find the stellar radius posterior distribution to be bimodal,
with both main sequence and subgiant models of the stars being consistent with the
photometric data. This number is consistent with our expectations of the number
of subgiant contaminants in the Campaign 1 field (K. Stassun, private communi-
cation). Future observations to measure the parallaxes of these stars, such as with
Gaia, will be helpful in differentiating between these two models to determine more
precisely the stellar, and thus the planetary, radii.
SNIFS and SpeX Spectroscopy
A near-infrared spectrum of K2-18 was obtained using the upgraded SpeX (uSpeX)
spectrograph (Rayner et al. 2003) on the NASA Infrared Telescope Facility (IRTF)
on January 29 2015 (UT). SpeX observations were taking using the short cross-
dispersed mode and the 0.3×15 arcsec slit, which provides simultaneous coverage
from 0.7 to 2.5µm at R ' 2000. The target was observed at two positions along
the slit to subsequently subtract the sky background. Eight spectra were taking fol-
lowing this pattern, which provided a final S/N of > 150 per resolving element.
The spectrum was flat fielded, extracted, wavelength calibrated, and stacked using
2http://www.astro.princeton.edu/~tdm/k2/
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the Spextool package (Cushing et al. 2004). An A0V-type star was observed im-
mediately after the target, which was used to create a telluric correction using the
xtellcor package (Vacca et al. 2003).
An optical spectrum was obtained using the SuperNova Integral Field Spectrograph
(SNIFS, Aldering et al. 2002; Lantz et al. 2004) on the University of Hawai’i 2.2m
telescope on the night of January 30 2015. SNIFS provides simultaneous coverage
from 3200Å–9700Å at a resolution of ' 1000. Final S/N of the spectrum was
> 100 per resolving element in the red (∼ 6000Å). Details of the SNIFS reduction,
including dark, bias, and flat-field corrections, cleaning the data of bad pixels and
cosmic rays, and extraction of the one-dimensional spectrum are described in Bacon
et al. (2001) and Aldering et al. (2006). Flux calibration was performed using a
separate pipeline described in Mann et al. (2015).
Te f f was calculated by comparing our optical spectra with the CFIST suite3 of
the BT-SETTL version of the PHOENIX atmosphere models (Allard et al. 2013),
which gave a temperature of 3503 ± 60 K. More details of this procedure are given
in Mann et al. (2013b) and Gaidos et al. (2014). This method was used because it
is known to accurately reproduce empirical Te f f values from long-baseline optical
interferometry Boyajian et al. (2012).
Metallicity was determined using the procedures from Mann et al. (2013a), in which
the authors provide empirical relations between atomic features and M dwarf metal-
licity, calibrated using wide binaries. We adopted the weighted mean of the H− and
K−band calibrations, which yielded a metallicity of 0.09±0.09.
We combined the derived Te f f and [Fe/H] values with the empirical Te f f -[Fe/H]-R∗
relation from Mann et al. (2015) to compute a radius. Accounting for measurement
and calibration errors in [Fe/H] andTe f f we calculated a radius 0.394±0.038R. We
use these parameters instead of the derived photometric properties for this target,
although we note the two are consistent at the 1σ level.
The full list of stellar parameters adopted in this paper is included in Table 7.2.
7.3 Planet Properties
In Foreman-Mackey et al. (2015), only parameters directly observable from the K2
light curve itself were reported: the period, time of transit center, and transit depth.
With stellar properties now in hand, we can convert these observational results into
3http://phoenix.ens-lyon.fr/Grids/BT-Settl/CIFIST2011/
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fundamental parameters of each planet candidate. For each candidate, we fit the
light curve using a physical transit model (Mandel & Agol 2002; Kipping 2010b)
simultaneously with a systematics model similar to the one described by Foreman-
Mackey et al. (2015). We use emcee (Foreman-Mackey et al. 2013), an imple-
mentation of the affine-invariant ensemble sampler of Goodman & Weare (2010) to
sample from the posterior probability distribution for the stellar—limb darkening
coefficients, mass, radius, and effective temperature—and planetary—radius, pe-
riod, phase, impact parameter, eccentricity, and argument of periapsis—parameters,
conditioned on the light curve and the measured stellar properties.
Following Foreman-Mackey et al. (2015), the likelihood function that we use is
marginalized over the weights of the “eigen light curves” in the linear systematics
model. Unlike Foreman-Mackey et al. (2015), we include an empirical Gaussian
prior on the weights determined by robustly computing the distribution of weights
across the full set of Campaign 1 light curves. This prior mitigates the incorrect
detection of false signals induced by stellar variability—as discussed below in Sec-
tion 7.5—so we exclude these candidates (EPIC 201929294 and EPIC 201555883)
from the tables of results.
In this analysis, we assume the dilution caused by additional stars contributing flux
into the aperture is negligible for nearly all systems. Given the location of the
Campaign 1 field at a high galactic latitude, we expect low contamination by back-
ground giants. Nevertheless, this assumption may not be valid for all systems. Any
contamination unaccounted for, as may happen if any of these stars are actually
unresolved binaries, would cause us to underestimate the radii of any planets we
detect. Therefore, high-contrast adaptive optics imaging of any systems should be
obtained before these planets are used in population inference studies. The planet
parameters measured by this analysis are listed in Table 7.3.
7.4 False Positive Analysis
There are many scenarios which can cause an astrophysical false positive, where
an eclipsing binary star masquerades as a transiting planet. The most common sce-
narios are if (a) it is a highly grazing eclipse, or (b) the binary system shares a
photometric aperture with a significantly brighter star, resulting in a diluted eclipse
depth. When possible, such astrophysical false positive scenarios are traditionally
ruled out by detailed follow-up observations, often a combination of high-resolution
imaging and radial-velocity measurements. However, the Kepler mission, with its
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thousands of planet candidates around mostly faint stars, necessitated a paradigm
shift—a move toward probabilistic interpretation of transit signals, rather than com-
prehensive follow-up of each individual candidate (Morton & Johnson 2011).
Morton (2012) presented an automated method to calculate the probability that a
planet candidate might be caused by an astrophysical false positive. This method
uses galactic population simulations to determine the distributions of possible false
positive scenarios, comparing the typical light curve shape of each to the data. It
then combines this information with observationally motivated prior assumptions
about the populations of field stars, the properties of multiple star systems, and the
occurrence rate of planets as determined from Kepler (Fressin et al. 2013), in order
to determine the probability that the observed signal may be a false positive. Similar
in spirit to other published methods of probabilistic validation, such as BLENDER
(Torres et al. 2011) and PASTIS (Díaz et al. 2014b), it has the advantage of being
computationally less demanding and fully automated, and thus easily applied in
batch to a large number of candidates.
In this work, we use vespa4 (Morton 2015b), a new publicly available, general-
purpose implementation of the Morton (2012) procedure, to calculate false positive
probabilities (FPPs) for each of these K2 candidates. The following constraints on
false positive scenarios are imposed:
• A chance-aligned eclipsing binary system may reside anywhere inside or
within one pixel of the photometric aperture of the target star. In creating
a light curve for each star, we define photometric apertures ranging from 10
to 20 arcseconds for each star, as defined in Table 7.4. Given the 6-arcsecond
PSF of the Kepler telescope, we allow for the possibility that companions
falling just outside of our aperture (within one pixel) may contribute to the
light curve, possibly causing a false positive event. The search for such com-
panions is discussed in Section 7.4.
• The maximum allowed depth of a potential secondary eclipse event is the
most significantly detected signal at the same period of the planet candidate,
once the primary transit is masked out (discussed in Section 7.4). vespa does
not allow for the possibility of secondary eclipses larger than those observed
in the K2 light curve for each star.
4http://github.com/timothydmorton/vespa
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• Blended stars must be allowed by the available adaptive optics and archival
imaging data (discussed in detail in Section 7.4 and 7.4). vespa only con-
siders stars below the detection threshold for the AO imaging, which is a
position-dependent value following a calculated contrast curve for each star.
Each of these scenarios is an astrophysical eclipse, caused by one object passing in
front of another, blocking some fraction of the total light. The calculations here do
not include the possibility that each signal is caused by an instrumental artifact in
the data or some other astrophysical event, such as stellar activity, masquerading as
planet transits.
Table 7.5 summarizes the results of these calculations, presenting the relative prob-
ability for each candidate to be caused by any of three false positive scenarios: an
undiluted eclipsing binary (EB), a hierarchical triple eclipsing binary (HEB), and a
chance-aligned background(/foreground) eclipsing binary (BEB).
Six of the presented candidates have FPP >90%; these are considered to be likely
false positives. On the other hand, 24 candidates have FPP < 1%. Three of the
transit signals might plausibly be caused by contamination by detected stellar com-
panions within the photometric apertures (see §7.4), so we keep these as candidates.
This leaves 21 candidates that we statistically validate as planets, including four that
have been previously identified in the literature (Armstrong et al. 2015; Crossfield
et al. 2015). So in total, of the 36 candidates, 21 are secure planets, 17 of which we
validate here for the first time.
We emphasize that the majority of these validations rely solely on the transit pho-
tometry and SDSS data, with follow-up imaging only obtained for seven of the 31
targets. This demonstrates the utility of the vespa tool, which will be crucial to
interpreting future candidates detected by K2, TESS, and PLATO and prioritizing
follow-up observing efforts. We show the transit signals in Figure 7.2.
Secondary Eclipse Observations
One of the definitive signatures of a false positive binary star system masquerading
as a transiting planet is the presence of a secondary eclipse. While a nondetection
of a secondary does not exclude the possibility of a binary system (the orbit may be
eccentric, or the companion too faint for a secondary eclipse to be detectable in the
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Figure 7.2: Phase-folded K2 photometry for all planet candidates analyzed in this
chapter. Each is the product of a fiducial noise model, in which the median sys-
tematic has been removed for illustrative purposes. The systems which we validate
as transiting planets are labeled in blue. The systems which we confirm as false
positive events are labeled in red. The systems which we leave as candidates are
labeled in black. Red curves outline the median transit model for each candidate
system.
To attempt to eliminate each eclipsing binary scenario, we first search each K2 light
curve to determine which secondary eclipse signals are not allowed by the data. We
mask the transit signal of the planet in question and search for the most significant
signal at the same period. Such a scheme does not assume circular orbits: we
return the most significant signal at any phase, not only at the midpoint between
consecutive transits.
We report these maximum allowable secondary eclipse depths in Table 7.5. These
values are used by vespa as limits on the allowable secondary eclipse. Any models
that cause a larger event, such as a background eclipsing binary consisting of two
equal-mass stars in a circular orbit, can be excluded by the data. We note that with
the exception of K2-19c, all systems with a maximum eclipse depth of at least one
part per thousand have FPPs of 0.866 or larger. The exception, K2-19, is a two-
planet system with the two planets near a 3:2 period commensurability, so in this
case the “secondary” is actually the transits of the other planet.
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Adaptive Optics Imaging
We obtained high resolution images of seven stars with the Palomar High Angular
Resolution Observer (PHARO) infrared detector (Hayward et al. 2001) behind the
PALM3000 adaptive optics system (Dekany et al. 2013) at the Palomar 5.1-meter
Hale telescope on the nights of 2015 February 3 and 4 UT. Sky conditions were
mostly clear with light cirrus and ≈1.0–1.3 arcsecond seeing on both nights. We
used the smallest plate scale of 25 mas pix−1 which resulted in a field of view of
25.6×25.6 arcsec across the 10242 pix2 array. All observations were obtained with
the 32x pupil sampling mode, resulting in Strehl ratios of ≈20–30% in KS for our
V=11–13 mag targets as measured by the Strehl monitor at the telescope in real
time. We obtained unsaturated dithered frames of each target in KS-band with typi-
cal integration times of 2–10 s. Except for EPIC 201828749 and EPIC 201546283,
which had nearby candidate binary companions, we also acquired deep saturated
images (5–10 frames at 60 sec each) to search for fainter companions.
Images were registered and contrast curves were generated following Bowler et
al. (2015). For the saturated data, the star’s position in each image was found
by masking the saturated region and fitting a 2D bivariate Gaussian to the PSF
wings. Contrast curves for the median-combined image are calibrated using the
unsaturated frames. The typical sensitivity is 6.5–7.5 mag at 1′′. The images were
astrometrically calibrated using dithered observations of the Trapezium cluster cen-
tered on θ1 Ori C taken on 2015 Feb 3 UT. Based on the reference astrometry for
pairs of stars in the field from McCaughrean & Stauffer (1994), we measure a plate
scale of 25.2 ± 0.4 mas pix−1 and north orientation of –0.2 ± 0.3◦. Since this lat-
ter value is consistent with being aligned with the detector columns, we adopt a
value of 0.0 ± 0.3◦ for this work. Relative photometry of nearby stars is carried
out using aperture photometry with an aperture radius of 12 pix (0.3 arcsec). For
EPIC 201828749, we also acquired J- and H-band images. Astrometry and pho-
tometry is derived separately for each image, and the mean and standard deviation
of these measurements is adopted for our final values listed in Table 7.4.
Images for all systems AO data was obtained for is shown in Figure 7.3, while con-
trast curves showing the 5σ limits for detection as a function of orbital separation






Figure 7.3: Adaptive optics images for the seven stars observed with high-contrast
imaging. The main frame for each single system shows the deep, saturated image.
The inset for each single system shows a shallower, unsaturated image to better
identify companions at close projected orbital separations. For the two systems
with imaged companions, EPIC 201546283 and EPIC 201828749, only unsaturated
frames are collected. The pixel scale is 0.0252 arcsec per pixel. Each subplot is a
square 400 pixels on a side and each inset is a square 100 pixels on a side. All





















Figure 7.4: 5σ contrast curves for all systems with AO nondetections. For all
systems, we can exclude the possibility that a companion at a given ∆KS exists.
From our known transit depths, we can then rule out significant parameter space in
which an eclipsing binary could reside and mimic a transit signal.
Known Background Stars
The PHARO AO system has a field of view of 25 arcseconds. Each K2 pixel is a
square, 3.98 arcsec on a side. A background eclipsing binary within a few K2 pixels
of our target stars could mimic a transit signal inside our aperture while evading
detection by PHARO. Such wide eclipsing binaries should appear in seeing-limited
ground-based surveys.
To investigate the possibility that such wide companions exist, we query the ninth
data release of the Sloan Digital Sky Survey (SDSS DR9, Ahn et al. 2012). For each
target, from the depth of the observed transit we determine how bright a background
object must be to cause the event if the background object were an equal mass
totally-eclipsing binary. We then search for all stars within 25 arcsec that are within
this brightness limit relative to the candidate host star. All apertures we use in
our K2 analysis are smaller than 20 arcsec so this search should encompass the
region where possible background contaminants could reside. Of the 31 stars in our
sample, eleven have such a companion, plus one detected in AO imaging.
Unlike the original Kepler field, the field for K2 Campaign 1 is well out of the
galactic plane, so the rate of giant, distant background stars is significantly lower.
We include all potential contaminants in Table 7.4. We validate or eliminate each of
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these as a possibility based on the transit shape. For example, the events near EPIC
201546283 could only be caused by a background binary if the background object
was a completely-eclipsing system (so that the eclipse depth was 50%). In this case,
the transit would be V-shaped. Since it is not, the background object likely does not
cause the transit event.
In Table 7.4, the “maximum depth” column represents the maximum observed
“transit” depth if the transit were actually caused by a total eclipse of the hypothet-
ical background binary system, inducing a 50% flux decrement in the background
star’s apparent brightness.
The photometric apertures used to detect these candidates range in radius from 10.0
to 19.9 arcsec. In order to be a plausible contaminant, any companion star must be
either within this aperture or just outside but bright enough for significant flux to
leak in. Evaluating each of the systems listed in Table 7.4, we judge that we can-
not yet rule out contamination as a potential source of the transit signal for four
candidates: 201295312.01, 201403446.01, 201546283.01, and 201828749.01. De-
spite receiving low FPP scores from vespa, we list these systems as candidates in
Table 7.5, rather than planets. Further updates to the vespa code will allow con-
sideration of “specific” false positive scenarios; that is, scenarios that correspond to
actually detected stars such as these, rather than hypothetical background or bound
companions.
The candidates with identified companions that we judge to not be plausible sources
of potential contamination are the following:
• K2-13b (201629650.01)— The companion to this star is 17.3 arcsec from
the EPIC target. As this is outside the aperture (radius 15.9 arcsec) and the
background star is not particularly bright, we rule out contamination for this
system.
• 201702477.01— The companion to this star is 12.15 arcsec from the EPIC
target, and the aperture size is 10.0 arcsec. In addition, the maximum depth
in this system is almost identical to the transit depth. For these two reasons
we rule out contamination in this case.
SDSS is 95% complete at r = 22.2 mag and the telescope has a point spread func-
tion of 1.4 arcsec. For the purposes of the vespa calculation, we thus treat nonde-
164
tection in SDSS data as providing a contrast curve at wide separations down to a
limiting magnitude of r = 22.2 mag.
Archival Imaging
For the stars with AO nondetections, there is still the possibility that a background
binary could be positioned directly behind the target star, evading detection. The
probability is small, given the 0.1 arcsec diffraction limit of the Hale Telescope at
2 µm, but nonzero. While the vespa calculations quantify this probability for this
to occur, we can also rule out the possibility of such chance alignments, down to a
certain contrast, with archival imaging data.
Five of the stars in our sample have proper motions larger than 50 mas yr−1, so
they have moved across the sky by & 2.5 arcsec since they were imaged during the
first Palomar Observatory Sky Survey (POSS) in the 1950s. To rule out background
companions, we download data from the POSS I and II surveys, which imaged these
targets in 1952-1955 and 1989-1998, respectively. We also download data from the
Sloan Digital Sky Survey, which imaged these fields between 2000 and 2009. As
shown in Figure 7.5, we do not detect any background targets at the present-day
location of any of these stars in any of these images.
For this target, we can extend our contrast curves to zero present-day orbital sep-
aration and rule out the possibility that these transit events are caused by a back-
ground eclipsing binary. By combining present-day seeing-limited photometric sur-
vey data, adaptive optics imaging, and archival photometry, the only stellar com-
panions we would not detect would be those that are gravitationally bound to the
target star and positioned in their orbits so that their projected separation is smaller
than the diffraction limit of the Hale Telescope. Such an alignment would require
the orbital inclination of the binary to be nearly 90◦ and the phase $ + θ ≈ pi/2
or 3pi/2. While we cannot fully rule out this possibility, the vespa calculations
confirm that its probability is negligibly small.
TRES Radial Velocities
We observed K2-18 on 2015 February 04 and 25 UT with the Tillinghast Reflec-
tor Echelle Spectrograph (TRES) on the 1.5 m Tillinghast Reflector at the Fred L.
Whipple Observatory. These dates were chosen to be near the times of largest RV
variations, corresponding to phases of 0.72 and 0.32 relative to the time of transit.
The spectra were taken with a resolving power of R = 44,000 and integration times
ranging from 2800 to 3600 seconds, resulting in signal-to-noise ratios between 17
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POSS I, 1952 POSS II, 1998
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SDSS, 2009
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POSS II, 1989 SDSS, 200210''
Figure 7.5: Archival imaging for the five highest proper motion targets in our sam-
ple. In all cases, there are no background objects directly behind the present day
location of the target (red circle) that could be missed by the AO observations. Mod-
ern SDSS imaging can also rule out wide companions that may have been missed
at wide separations, beyond the AO field of view, such as the companion which can
be seen in the images of K2-10. All figures are aligned such that north is up and
east to the left. All subplots are on the same scale.
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and 29 per resolution element.
The spectra were extracted as described in Buchhave et al. (2010). The relative
RVs were derived by cross-correlating the spectra against the strongest observed
spectrum (in this case, the first) over the wavelength range 4700 - 6800 Angstroms.
We selected 19 echelle orders in the analysis, being careful to reject orders with
telluric absorption lines, fringing in the far red and those with very low SNR in the
blue.
The two observed spectra have RVs that differ by 47 ± 42 m s−1. If the RVs were
caused by a stellar companion, the RV shift between these observations would be
on the order of km s−1. Therefore, we can rule out any stellar-mass companions
that would be able to create this transit signal.
7.5 Potentially Interesting Systems
A Mini-Neptune with Earthlike Insolation
The planet orbiting K2-18 may be an interesting target for atmospheric studies of
transiting exoplanets.
By combining archival and modern seeing-limited data with adaptive optics imag-
ing, we can exclude the possibility these transit events are caused by a background
eclipsing binary. The apparent transits must be caused by an object co-moving with
K2-18; radial velocities eliminate the possibility the companion is nonplanetary.
Therefore, we confirm the planetary nature of this system.
This star is an M2.8 dwarf at a distance of 34± 4 pc. Of our planet candidate hosts,
only K2-3 (originally discovered by Crossfield et al. 2015) is brighter in K-band.
This star is only 0.1 magnitudes fainter in K than GJ 1214 (Charbonneau et al.
2009). Due to the relative brightness of the host star, this target is likely to become
a prime target for atmospheric characterization studies and is ideal as a target for
future space-based missions such as JWST.
The planet is slightly smaller than GJ 1214b, but unlike that planet, K2-18b is not
highly irradiated. Instead, it is at a reduced semimajor axis a/R?= 83.8 ± 9.0. Its
equilibrium temperature is then, assuming zero albedo, Teq = 272 ± 15 K, meaning
its bulk insolation is 128 ± 28 percent that of the Earth’s. Although the planet is
likely too large to be rocky (Rogers 2015), its atmosphere is likely to be the focus of
many future observations, providing a cool analogue to the highly irradiated planets
of a similar size found by Kepler.
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Other Sources of False Positives
The method of Foreman-Mackey et al. (2015) assumes that all variability in the light
curves are caused by either the motion of K2, in which case the variability is shared
by all stars, or transits of planets, in which case the variability is intrinsic to only
one star. This assumption breaks down for extremely spotted stars where the astro-
physical variability is larger than the instrumental magnitude. In that regime, the
starspot modulations can be incorrectly fit by the systematic model, causing spuri-
ous transits to appear. This appears to be the case with EPIC 201929294, which has
coherent starspots that appear to have the same rotation period as the transit period
reported previously. Because the starspots are so periodic and coherent, these spu-
rious transits were falsely identified as a planet candidate; we consider that system
a false positive in this work.
The candidate object possibly orbiting EPIC 201555883 has a period, time of tran-
sit, and transit duration consistent with EPIC 201569483. Such effects are not un-
common in Kepler data. Coughlin et al. (2014) identify 685 KOIs as false positives
and outline four physical reasons why these anomalies may occur. EPIC 201555883
is a unique case in that it does not appear to fall under any of these cases. It falls
on module 23, while EPIC 201569483 is on module 8, neither 180 degrees away
from nor on the same column as this candidate. Moreover, there is not any evidence
of a mechanism that could cause a third star to induce both the appearance of a
7% eclipse on one module and an additional anomalous transit event on a differ-
ent module. Instead, this candidate could be a false positive caused by a different
systematic mechanism.
Foreman-Mackey et al. (2015) modeled the systematic effects in the K2 light curves
using a linear combination of “eigen light curves” generated empirically by running
a principle component analysis on the light curves of every star. This means that the
training set includes the light curves for variable stars, eclipsing binaries, and even
transiting planets. Again, this star has significant variability caused by starspots. In
this case, the fitting procedure tries to account for stellar variability using the eigen
light curves. This overfit gives undue weight to eigen light curves that include
the transits of EPIC 201569483, causing this spurious transit to occur. Again, we
consider this system to be a false positive. As stated in Section 6.3, by including
an empirical Gaussian prior on the weights for the eigen light curves in the linear
systematics model, the signals observed on EPIC 201555883 and 201929294 are
mitigated, suggesting such a scheme should be employed in searching for planet
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candidates in future campaigns.
The problem of over-fitting stellar variability using eigen light curves can also be
solved by adding a stellar activity model to our fitting procedure. In this case, the
spacecraft motion could be fit simultaneously with a model of starspot modulation,
asteroseismic oscillations, and planet transits. Such a model is currently under de-
velopment (Angus et al. in prep).
Multiple Planet Systems
Five of the systems reported by Foreman-Mackey et al. (2015) have more than
one transiting candidate. One of these is K2-3, a three-planet system originally
announced by Crossfield et al. (2015). Another of these is K2-19 (Armstrong et
al. 2015), a two-planet system with the orbital periods of the two planets near a 3:2
period commensurability. The remaining three are all representative of the multiple-
planet systems observed by Kepler (Lissauer et al. 2011b; Fabrycky et al. 2014).
Two of the systems are near a period commensurability and all three consist of
mini-Neptune sized planets.
We do not detect any significant transit timing variations (TTVs) in any of these
systems from the K2 data alone. K2-5 would be expected to have a TTV period of
117 days, but is likely too far from commensurability to have an observable TTV
signal. K2-8 is expected to have a TTV period of 234 days, so this system may be a
candidate for additional follow-up to constrain the system masses dynamically. The
transiting planets orbiting K2-16 are near a 5:2 period commensurability. There is
no evidence from Kepler of an abundance of planets near this period ratio, and so
this may be coincidence. Follow-up observations may be warranted to search for an
additional planet in this system forming a resonant chain, similar to those observed
around other stars (e.g. Swift et al. 2013; Campante et al. 2015).
Systems Orbiting Bright Stars
One of the primary goals of K2 is the detection of transiting planets around bright
stars that can be followed up from the ground or with future space-based observa-
tories such as JWST (Howell et al. 2014). Of our sample, two systems orbit stars
with K < 9 mag: K2-3 (Crossfield et al. 2015) and K2-18. An additional planet
candidate may orbit EPIC 201828749, a star with K = 9.93 ± 0.03 mag. These
targets are ideal for ground-based followup and may be useful targets for Spitzer
and JWST to probe planetary atmospheres.
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7.6 Results and Discussion
We have presented stellar parameters for all planet candidates systems identified
by Foreman-Mackey et al. (2015). We statistically validate 21 of the 36 candidates
as bona fide planets, and we identify 6 as false positives, including two systematic
false alarms. Of the planets, 4 have been previously validated in other works, while
17 are validated here for the first time. The systems not validated as planets or false
positives remain as planet candidates.
Enabling much of this analysis are two new publicly available Python packages:
isochrones5, which we use to infer posteriors on physical stellar properties based
on fitting theoretical stellar models to observed data; and vespa6, a new implemen-
tation of the Morton (2012) transit false positive analysis scheme. Both of these
packages will continue to be useful in future analysis of transit candidates where
comprehensive follow-up observations may be unavailable.
The isochrones package uses the nested sampling scheme MULTINEST to capture
the true multimodal nature of the posteriors. Using an MCMC algorithm instead can
cause only one peak in the posterior distribution to be sampled. If the photometry
is consistent with both a star on the main sequence and the subgiant branch, an
MCMC technique could cause one of these peaks (likely the subgiant possibility) to
be missed, leading to an underestimation in the likelihood of subgiant stars and and
underestimation of the uncertainties of both the stellar and planetary parameters.
With the exception of one object, all of the stellar parameters are derived from
comparing photometric observations to the Dartmouth stellar evolution models. As
a result, both the stellar and planet parameters are subject to systematic biases in-
duced by discrepancies between the models and reality.
The planets we confirm in this paper, like the planets found in the original Kepler
mission, span a wide range of parameter space. They are at distances ranging from
34 to 700 pc, have radii ranging from 1.3 to 5.3 R⊕, and orbit with periods ranging
from 5.0 to 50.3 days. Like the original mission, we find significantly more small
planets than large planets, as expected from the radius distributions measured from
Kepler (Howard et al. 2012; Fressin et al. 2013; Morton & Swift 2014).
Unlike the original mission, however, we find that nearly all of our confirmed plan-




Campaign 1 field and the target selection process. Campaign 1 is at a significantly
higher galactic latitude than the original Kepler mission, meaning there is a much
lower number density of targets at large distances. As massive stars at kiloparsec
distances are relatively less likely to exist in Campaign 1 than near the galactic
plane, the pool of targets that could be selected for Campaign 1 contains a larger
fraction of subsolar stars.
Low-mass stars, particularly M dwarfs, are also a specific focus of the K2 mission.
One of the primary goals of the Kepler mission was to “determine the abundance
of terrestrial and larger planets in or near the habitable zone of a wide variety of
spectral types of stars” (Batalha et al. 2013) However, ∼ 70% of Kepler’s target
stars had masses within 20% of the Sun’s, while 70% of the stars in the Galaxy have
less than 50% the mass of the Sun (Brown et al. 2011). K2 will fulfill the promise
of Kepler, with the goal of providing a yield of small planets around bright, small
stars to facilitate follow-up measurements (Howell et al. 2014). This is clear from
the K2 target selection process, with thousands of K and M dwarfs being selected
in each campaign. Based on these plans, we expect that K2 will detect hundreds of
planets during its lifetime, with the majority being mini-Neptunes and super-Earths
around stars less massive than the Sun.
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EPIC B1 V 1 g1 r1 i1 J2 H2 K 2 W13 W23 W33
201208431 16.23(05) 14.91(03) 15.56(04) 14.29(07) 13.89(12) 12.37(02) 11.75(02) 11.57(02) 11.51(02) 11.55(02) 11.58(20)
201257461 12.82(03) 11.77(01) 12.24(04) 11.49(01) 11.19(02) 9.99(02) 9.48(02) 9.37(02) 9.28(02) 9.37(02) 9.30(04)
201295312 12.78(04) 12.19(12) 12.41(03) 12.08(09) 12.01(21) 11.02(03) 10.70(02) 10.69(02) 10.63(02) 10.69(02) 10.75(12)
201338508 16.30(07) 14.91(03) 15.62(05) 14.33(02) 13.79(05) 12.45(03) 11.76(02) 11.60(02) 11.49(03) 11.49(02) 11.16(13)
201367065 13.52(06) 12.17(01) 12.87(03) 11.58(02) 10.98(17) 9.42(03) 8.80(04) 8.56(02) 8.44(02) 8.42(02) 8.32(02)
201384232 13.30(05) 12.65(04) 12.91(05) 12.48(06) 12.34(07) 11.44(02) 11.09(02) 11.07(02) 11.00(02) 11.05(02) 11.21(16)
201393098 13.90(04) 13.21(03) 13.54(06) 13.02(04) 12.85(05) 11.95(02) 11.63(02) 11.56(02) 11.52(02) 11.57(02) 11.61(21)
201403446 12.48(02) 12.03(02) 12.18(01) 11.94(05) 11.86(04) 11.05(03) 10.76(02) 10.78(02) 10.67(03) 10.71(02) 10.36(07)
201445392 15.73(02) 14.61(03) 15.19(04) 14.29(02) 14.03(07) 12.83(03) 12.32(03) 12.24(03) 12.16(02) 12.21(02) —
201465501 — — 16.73(02) 15.18(03) 14.35(15 12.45(02) 11.71(02) 11.49(02) 11.35(02) 11.21(02) 11.35(19)
201505350 13.80(02) 13.00(01) 13.36(02) 12.76(01) 12.57(02) 11.60(02) 11.21(02) 11.16(03) 11.10(02) 11.13(02) 10.95(12)
201546283 13.51(07) 12.64(02) 13.03(02) 12.37(02) 12.17(05) 11.16(02) 10.79(03) 10.70(02) 10.61(02) 10.66(02) 10.53(09)
201549860 15.56(06) 14.37(05) 14.95(07) 13.85(03) 13.45(05) 12.14(02) 11.56(02) 11.42(02) 11.38(02) 11.46(02) 11.60(25)
201555883 16.48(01) 15.43(01) 16.19(10) 15.09(13) 14.55(08) 13.20(02) 12.53(03) 12.43(03) 12.34(02) 12.38(03) —
201565013 — — 18.25(01) 16.91(01) 16.34(01) 14.78(04) 14.11(05) 14.08(07) 13.94(03) 13.87(04) —
201569483 12.90(08) 12.05(07) 12.44(03) 11.76(08) 11.48(08) 10.39(02) 9.97(03) 9.88(02) 9.82(02) 9.87(02) 9.82(05)
201577035 13.14(11) 12.42(02) 12.70(04) 12.21(03) 12.13(20) 11.06(02) 10.75(02) 10.64(02) 10.64(02) 10.69(02) 10.55(10)
201596316 14.21(01) 13.39(09) 13.78(07) 13.14(12) 12.88(10) 11.87(02) 11.46(02) 11.35(02) 11.29(02) 11.35(02) 10.80(11)
201613023 12.99(09) 12.26(01) 12.56(03) 12.05(03) 11.96(08) 10.98(02) 10.71(02) 10.61(02) 10.58(02) 10.63(02) 10.59(10)
201617985 16.34(02) 14.86(05) 15.62(06) 14.26(08) 13.42(09) 11.72(02) 11.09(04) 10.90(02) 10.73(02) 10.70(02) 10.86(11)
201629650 13.61(03) 12.90(04) 13.20(03) 12.73(01) 12.53(06) 11.57(03) 11.26(02) 11.17(03) 11.14(02) 11.18(02) 10.93(12)
201635569 17.74(16) 16.31(01) 17.02(01) 15.62(01) 14.87(01) 13.42(03) 12.77(02) 12.61(03) 12.52(03) 12.55(03) —
201649426 14.57(03) 13.53(01) 14.04(01) 13.18(02) 12.86(06) 11.57(02) 11.07(02) 11.07(02) 10.88(02) 10.91(02) 10.86(12)
201702477 15.27(05) 14.57(04) 14.89(04) 14.40(06) 14.24(03) 13.27(03) 12.88(03) 12.77(03) 12.81(02) 12.84(03) —
201736247 15.49(06) 14.66(05) 15.01(04) 14.35(04) 14.14(02) 13.07(02) 12.55(02) 12.49(03) 12.46(02) 12.50(02) —
201754305 15.65(04) 14.65(01) 15.13(04) 14.28(01) 13.93(05) 12.76(03) 12.21(03) 12.09(02) 12.06(02) 12.10(02) 12.34(46)
201779067 11.81(01) 11.27(01) 11.53(07) 11.12(01) 10.95(01) 10.13(02) 9.87(02) 9.80(02) 9.74(02) 9.77(02) 9.74(04)
201828749 12.48(04) 11.76(01) 12.13(05) 11.58(04) 11.32(04) 10.49(03) 10.23(04) 9.93(03) 9.82(02) 9.87(02) 9.98(06)
201855371 14.82(06) 13.52(04) 14.20(06) 12.96(03) 12.45(01) 11.08(02) 10.44(02) 10.31(02) 10.22(02) 10.26(02) 10.12(07)
201912552 15.01(06) 13.50(05) 14.22(05) 12.86(04) 11.66(08) 9.76(03) 9.13(03) 8.90(02) 8.77(02) 8.67(02) 8.55(03)
201929294 14.32(04) 13.31(03) 13.78(05) 12.97(07) 12.61(09) 11.48(03) 10.98(02) 10.80(02) 10.73(02) 10.78(02) 10.67(10)
Table 7.1: Photometry for all Objects of Interest.
(1) Magnitude from the AAVSO Photometric All-Sky Survey (APASS) DR6 (Henden & Munari 2014)
as reported in the UCAC4 Catalogue (Zacharias et al. 2012).
(2) Magnitude from the 2MASS All-Sky Catalog of Point Sources (Cutri et al. 2003).
(3) Magnitude from the ALLWise Data Release (Cutri & et al. 2013).
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EPIC Alternate RA (J2000) Dec (J2000) Mass Radius Te f f [Fe/H] Distance
Name (Degrees) (Degrees) (M) (R) (K) (dex) (pc)
201208431 K2-4 174.745639 −3.905585 0.63+0.03−0.03 0.60+0.02−0.02 4197+45−43 −0.12+0.10−0.12 218+11−10
201257461 — 178.161110 −3.094936 1.50+0.04−0.02 10.96+0.82−0.93 5141+38−42 −0.21+0.01−0.01 1651+121−134
201295312 — 174.011629 −2.520881 1.07+0.07−0.07 1.09+0.20−0.11 5989+100−81 −0.02+0.15−0.18 331+61−35
201338508 K2-5 169.303502 −1.877976 0.53+0.01−0.01 0.52+0.01−0.01 4102+45−41 −0.51+0.04−0.06 181+7−7
201367065 K2-3 172.334949 −1.454787 0.53+0.02−0.02 0.52+0.02−0.02 3951+33−38 −0.30+0.07−0.06 42+2−2
201384232 K2-6 178.192260 −1.198477 0.97+0.07−0.07 0.96+0.14−0.09 5850+79−98 −0.14+0.17−0.20 343+52−33
201393098 K2-7 167.093771 −1.065755 0.97+0.06−0.06 0.96+0.17−0.08 5772+72−91 −0.07+0.16−0.16 433+75−38
201403446 — 174.266345 −0.907261 1.01+0.08−0.06 1.12+0.26−0.14 6445+81−111 −0.50+0.15−0.13 362+86−48
201445392 K2-8 169.793666 −0.284375 0.79+0.03−0.04 0.74+0.02−0.03 4890+38−58 −0.01+0.11−0.13 405+14−16






























































































































Table 7.2: Stellar Properties for all Objects of Interest. These values and uncertainties are derived from MULTINEST analysis and the
numbers are computed as the 0.158, 0.500, and 0.842 posterior sample quantiles. The coordinates are retrieved directly from the EPIC.
(1) Parameters inferred from spectroscopic observations.
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Candidate Period (days) Epoch (BJD-2456808) Radius (R⊕) a/R? a (AU) Teq (K) Disposition
201208431.01/K2-4b 10.00329 ± 0.00159 7.5212 ± 0.0080 2.37 ± 0.40 27.79 ± 0.72 0.0777 ± 0.0012 563 ± 11 Planet
201257461.01 50.27762 ± 0.00785 20.3735 ± 0.0397 209.52 ± 99.23 6.19 ± 0.52 0.3049 ± 0.0030 1466 ± 52 FP
201295312.01 5.65706 ± 0.00079 3.7187 ± 0.0082 2.16 ± 0.57 12.94 ± 4.07 0.0633 ± 0.0019 1211 ± 154 Candidate
201338508.01/K2-5c 10.93406 ± 0.00205 6.5947 ± 0.0080 1.92 ± 0.20 32.27 ± 0.71 0.0783 ± 0.0007 511 ± 9 Planet
201338508.02/K2-5b 5.73491 ± 0.00061 0.8640 ± 0.0063 1.92 ± 0.23 20.99 ± 0.46 0.0509 ± 0.0004 634 ± 12 Planet
201367065.01/K2-3b 10.05448 ± 0.00033 5.4177 ± 0.0015 1.98 ± 0.10 30.72 ± 0.75 0.0740 ± 0.0009 504 ± 9 Planet
201367065.02/K2-3c 24.64745 ± 0.00152 4.2759 ± 0.0030 1.56 ± 0.10 55.85 ± 1.36 0.1345 ± 0.0016 374 ± 7 Planet
201384232.01/K2-6b 30.94191 ± 0.00467 19.5014 ± 0.0090 2.50 ± 0.88 50.27 ± 24.56 0.1898 ± 0.0056 615 ± 105 Planet
201393098.01/K2-7b 28.67992 ± 0.00947 16.6155 ± 0.0149 2.67 ± 0.56 40.29 ± 8.19 0.1814 ± 0.0043 651 ± 61 Planet
201403446.01 19.15344 ± 0.00607 7.3412 ± 0.0152 2.04 ± 0.46 27.05 ± 5.87 0.1408 ± 0.0040 889 ± 88 Candidate
201445392.01/K2-8b 10.35176 ± 0.00133 5.6119 ± 0.0053 2.97 ± 0.51 24.94 ± 0.79 0.0856 ± 0.0012 691 ± 14 Planet
201445392.02 5.06468 ± 0.00063 5.0663 ± 0.0071 2.31 ± 0.33 15.49 ± 0.49 0.0531 ± 0.0008 877 ± 17 Candidate
201465501.01/K2-9b 18.44883 ± 0.00137 14.6723 ± 0.0030 1.60 ± 0.42 74.76 ± 6.66 0.0848 ± 0.0050 284 ± 14 Planet
201505350.01/K2-19c 11.90691 ± 0.00037 9.2764 ± 0.0018 4.31 ± 0.49 24.09 ± 2.48 0.0965 ± 0.0017 797 ± 42 Planet
201505350.02/K2-19b 7.91943 ± 0.00007 5.3836 ± 0.0005 7.11 ± 0.81 18.35 ± 1.89 0.0735 ± 0.0013 913 ± 48 Planet
201546283.01 6.77131 ± 0.00012 4.8440 ± 0.0022 5.77 ± 3.24 17.56 ± 9.24 0.0668 ± 0.0029 991 ± 239 Candidate
201549860.01 5.60840 ± 0.00055 4.1181 ± 0.0047 2.20 ± 0.40 17.42 ± 0.46 0.0555 ± 0.0008 766 ± 14 Candidate
201555883.01 — — — — — — FP2
201565013.01 8.63810 ± 0.00024 3.4284 ± 0.0016 15.99 ± 9.19 28.07 ± 2.68 0.0669 ± 0.0031 536 ± 37 Candidate
201569483.01 5.79687 ± 0.00000 5.3135 ± 0.0004 27.81 ± 3.56 15.68 ± 1.91 0.0589 ± 0.0015 930 ± 51 FP
201577035.01/K2-10b 19.30691 ± 0.00127 11.5768 ± 0.0033 3.92 ± 0.69 32.74 ± 5.15 0.1374 ± 0.0025 703 ± 55 Planet
201596316.01/K2-11b 39.93767 ± 0.23229 21.8290 ± 0.1156 7.55 ± 9.33 45.08 ± 58.53 0.2257 ± 0.0143 734 ± 253 Planet
201613023.01/K2-12b 8.28212 ± 0.00060 7.3734 ± 0.0054 2.33 ± 0.58 17.47 ± 5.05 0.0802 ± 0.0021 1003 ± 121 Planet
201617985.01 7.28161 ± 0.00078 4.6366 ± 0.0047 1.78 ± 0.43 26.04 ± 1.16 0.0586 ± 0.0012 518 ± 16 Candidate
201629650.01/K2-13b 39.91488 ± 0.32477 4.5250 ± 0.0146 1.89 ± 0.95 79.69 ± 63.37 0.2114 ± 0.0061 511 ± 126 Planet
201635569.01/K2-14b 8.36802 ± 0.00019 3.4513 ± 0.0013 4.81 ± 0.42 30.16 ± 0.69 0.0627 ± 0.0006 488 ± 8 Planet
201649426.01 27.77045 ± 0.00008 13.3482 ± 0.0012 32.79 ± 9.01 59.26 ± 13.58 0.1517 ± 0.0097 441 ± 42 FP
201702477.01 40.73620 ± 0.00266 3.5455 ± 0.0025 7.28 ± 1.10 56.98 ± 7.61 0.2205 ± 0.0053 529 ± 36 Candidate
201736247.01/K2-15b 11.81040 ± 0.00204 3.8509 ± 0.0076 2.48 ± 0.30 28.84 ± 1.98 0.0910 ± 0.0018 676 ± 26 Planet
201754305.01/K2-16c 19.07536 ± 0.00490 1.4854 ± 0.0119 2.14 ± 0.41 41.43 ± 1.34 0.1220 ± 0.0021 523 ± 12 Planet
201754305.02/K2-16b 7.62067 ± 0.00095 3.6802 ± 0.0054 2.13 ± 0.37 22.47 ± 0.73 0.0662 ± 0.0011 710 ± 16 Planet
201779067.01 27.24273 ± 0.00012 12.2601 ± 0.0003 31.73 ± 5.25 38.25 ± 3.72 0.1718 ± 0.0022 707 ± 34 FP
201828749.01 33.51569 ± 0.00232 5.1504 ± 0.0034 3.83 ± 3.25 67.09 ± 67.64 0.1875 ± 0.0090 613 ± 239 Candidate
201855371.01/K2-17b 17.96753 ± 0.00152 9.9462 ± 0.0035 2.23 ± 0.20 39.38 ± 0.85 0.1190 ± 0.0020 487 ± 10 Planet
201912552.01/K2-18b1 32.94488 ± 0.00281 28.1849 ± 0.0027 2.24 ± 0.23 83.83 ± 9.03 0.1491 ± 0.0055 272 ± 15 Planet
201929294.01 — — — — — — FP2
Table 7.3: Planet Properties for all Objects of Interest.
(1) Parameters inferred from spectroscopic observations.
(2) Declared a false positive due to noise modeling systematics (see Section 7.5.2)
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Primary Aperture RA Dec Detection Separation ∆r Max Depth1 Obs. Depth2
(arcsec) (J2000) (J2000) (arcsec) (mag) (ppt) (ppt)
201208431 15.9 174.748988 -3.902146 SDSS 17.25 ± 0.15b 5.90 ± 0.12 5.6 1.20
201257461 19.9 178.164376 -3.093431 SDSS 12.91 ± 0.18b 5.04 ± 0.03 4.8 30.54
201295312 11.9 174.010158 -2.522528 SDSS/AO 8.12 ± 0.09b 7.10 ± 0.10 0.8 0.30
201338508 15.9 169.308176 -1.873647 SDSS 22.92 ± 0.07b 4.35 ± 0.03 9.1 1.07
201367065 19.9 1.26
201384232 13.9 178.195303 -1.192501 SDSS 24.14 ± 0.06b 5.93 ± 0.03 2.1 0.68
201393098 15.9 0.53




201546283 17.9 171.515265 1.229950 SDSS/AO 2.98 ± 0.05a 5.87 ± 0.06 2.3 2.33








201629650 15.9 170.158905 2.502107 SDSS 12.30 ± 0.14b 5.98 ± 0.06 2.0 0.58
201635569 11.9 9.43
201649426 19.9 216








Table 7.4: Detected companions to candidate host stars. (1) Observed “transit” depth if the imaged companion’s flux were fully contained
in the aperture and if it were an equal-mass eclipsing binary, leading to an eclipse depth of 50%. (2) Observed transit depth in the K2
dataset. If larger than the "max depth," this transit event cannot be caused by eclipses of the background star. (a) Separation from AO
imaging (b) Separation from SDSS photometry (c) ∆r inferred from JHK relative photometry.
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Candidate δsec,max [ppt]1 AO?2 PrEB PrBEB PrHEB f 3p FPP Disposition
201208431.01/K2-4b 0.51 - < 10−4 8.1 × 10−4 < 10−4 0.21 8.1 × 10−4 Planet
201257461.01 0.59 - 0.998 1.7 × 10−3 < 10−4 0.00 1.000 FP
201295312.01 0.04 Y 1.4 × 10−4 < 10−4 < 10−4 0.17 1.4 × 10−4 Candidatea
201338508.01/K2-5c 0.63 - < 10−4 2.9 × 10−3 < 10−4 0.22 2.9 × 10−3 Planet
201338508.02/K2-5b 0.33 - < 10−4 1.7 × 10−4 < 10−4 0.22 1.7 × 10−4 Planet
201367065.01/K2-3b 0.15 - < 10−4 1.1 × 10−4 < 10−4 0.22 1.1 × 10−4 Planetc
201367065.02/K2-3c 0.67 - < 10−4 < 10−4 < 10−4 0.16 < 10−4 Planetc
201384232.01/K2-6b 0.44 - 8.4 × 10−3 < 10−4 < 10−4 0.07 8.5 × 10−3 Planet
201393098.01/K2-7b 0.52 - < 10−4 1.1 × 10−3 < 10−4 0.05 1.1 × 10−3 Planet
201403446.01 0.18 Y 4.8 × 10−4 < 10−4 < 10−4 0.19 4.9 × 10−4 Candidatea
201445392.01/K2-8b 0.26 - < 10−4 2.1 × 10−3 < 10−4 0.18 2.1 × 10−3 Planet
201445392.02 0.18 - < 10−4 0.019 < 10−4 0.21 0.019 Candidate
201465501.01/K2-9b 0.68 - < 10−4 5.8 × 10−3 < 10−4 0.21 5.8 × 10−3 Planet
201505350.01/K2-19c 2.69 - < 10−4 5.6 × 10−3 < 10−4 0.04 5.6 × 10−3 Planetd
201505350.02/K2-19b 0.70 - < 10−4 1.6 × 10−4 < 10−4 0.07 1.7 × 10−4 Planetd
201546283.01 0.15 - 7.0 × 10−4 2.6 × 10−4 < 10−4 0.00 9.6 × 10−4 Candidatea
201549860.01 0.18 - < 10−4 0.026 < 10−4 0.04 0.026 Candidate
201555883.01 0.94 - – – – – – FPb
201565013.01 1.69 - 0.783 7.3 × 10−3 0.063 0.07 0.853 Candidate
201569483.01 2.06 - 0.822 < 10−4 0.174 0.00 0.996 FP
201577035.01/K2-10b 0.14 Y 4.4 × 10−4 < 10−4 < 10−4 0.07 4.4 × 10−4 Planet
201596316.01/K2-11b 0.45 - < 10−4 1.2 × 10−3 < 10−4 0.06 1.2 × 10−3 Planet
201613023.01/K2-12b 0.08 Y < 10−4 < 10−4 < 10−4 0.18 < 10−4 Planet
201617985.01 0.27 - < 10−4 0.012 < 10−4 0.18 0.012 Candidate
201629650.01/K2-13b 0.43 - 5.9 × 10−4 2.0 × 10−4 < 10−4 0.13 7.8 × 10−4 Planet
201635569.01/K2-14b 0.79 - < 10−4 4.9 × 10−3 < 10−4 0.05 4.9 × 10−3 Planet
201649426.01 3.10 - 0.896 < 10−4 0.104 0.00 1.000 FP
201702477.01 0.70 - 0.137 1.2 × 10−3 6.6 × 10−3 0.05 0.145 Candidate
201736247.01/K2-15b 0.42 - 4.8 × 10−4 2.1 × 10−4 < 10−4 0.19 6.9 × 10−4 Planet
201754305.01/K2-16c 0.65 - 1.0 × 10−4 1.4 × 10−3 < 10−4 0.21 1.5 × 10−3 Planet
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201754305.02/K2-16b 0.38 - 2.3 × 10−4 9.9 × 10−4 < 10−4 0.19 1.2 × 10−3 Planet
201779067.01 1.97 - 0.968 1.3 × 10−3 7.2 × 10−3 0.00 0.976 FP
201828749.01 0.39 Y 0.644 3.8 × 10−4 < 10−4 0.01 0.645 Candidate
201855371.01/K2-17b 0.62 - < 10−4 8.7 × 10−3 < 10−4 0.01 8.7 × 10−3 Planet
201912552.01/K2-18b 0.47 Y < 10−4 < 10−4 < 10−4 0.21 < 10−4 Planet
201929294.01 3.12 - – – – – – FPb
Table 7.5: Results of the vespa astrophysical false positive probability calculations for all candidates. Likely false positives (FPP > 0.9,
or otherwise designated) are marked in red. Candidates are declared to be validated planets if FPP < 0.01. EB, BEB, and HEB refer
to the three considered astrophysical false positive scenarios, and the relative probability of each is listed in the appropriate column.
Planets previously identified in the literature are marked.
(1) Maximum depth of potential secondary eclipse signal.
(2) Whether adaptive optics observation is presented in this paper.
(3) Integrated planet occurrence rate assumed between 0.7× and 1.3× the candidate radius.
(a) Despite low FPP, returned to candidate status out of abundance of caution due to secondary star detection within or near photometric
aperture.
(b) Declared a false positive due to noise modeling systematics (see §7.5).
(c) Identified as planets by Crossfield et al. (2015).
(d) Identified as planets by Armstrong et al. (2015).
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C h a p t e r 8
MEASURING THE GALACTIC DISTRIBUTION OF
TRANSITING SYSTEMS WITH WFIRST
Finally, I consider the possibility of WFIRST to act as a transit search mission.
Designed to search for signals of planets gravitationally microlensing more distant
stars, the survey requires high precision observations of millions of stars at a 15-
minute cadence, ideal to detect transiting planets. I explore what kinds of planets
we would hope to detect from this mission, finding that it could discover more than
30,000 transiting planets, largely hot Jupiters. I then consider what observations
would be required to confirm or validate these planets, finding that the small planets
will be most easily detectable when they are in dynamically interacting multiple-
planet systems through the detection of TTVs. Giant planets, on the other hand, will
be able to be confirmed through direct detection of their secondary eclipses. This
chapter will be submitted to the Astrophysical Journal as “Measuring the Galactic
Distribution of Planets with WFIRST” by BTM, Jennifer Yee, and Matthew Penny.
8.1 Introduction
The Kepler mission (Borucki et al. 2010) ushered in a revolution in our under-
standing of exoplanetary systems in the Milky Way. Kepler observed a 100 deg2
region of the sky in Cygnus and Lyra for four years, detecting thousands of transit-
ing planet candidates (Batalha et al. 2013; Burke et al. 2014; Mullally et al. 2015;
Rowe et al. 2015). These planets include populations largely undetectable by any
other mission. For example, with its high photometric precision, Kepler has uncov-
ered a population of systems of tightly-packed inner planets (STIPs), with multiple
1-4 R⊕ planets all transiting the same star with periods shorter than ∼ 20 days.
These planets are largely too small to be detected by other transit missions and too
lightweight to be detected by RV surveys.
In further contrast to radial velocity surveys (e.g. Udry et al. 2007; Ford 2014),
which primarily targeted bright, nearby (. 100 pc) FGK stars (Valenti & Fischer
2005; Ammons et al. 2006), Kepler probes stars as faint as r = 16. Therefore, most
Kepler planet candidates are beyond 300 pc from the Earth, with some as far as
a kiloparsec away (Lillo-Box et al. 2014; Barclay et al. 2015; Quinn et al. 2015).
The mission has found some surprising differences between the local neighborhood
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and more distant regions of the galaxy. In particular, the number of hot Jupiter
systems discovered by Kepler suggests an occurrence rate approximately 50% of
that suggested by RV detections of hot Jupiters in the solar neighborhood. RV
surveys estimate an occurrence rate for hot Jupiters on the order of 1% (Cumming
et al. 2008; Mayor et al. 2011), while data from the Kepler mission suggest an
occurrence rate of 0.4%±0.1% (Howard et al. 2012). While the difference between
the two fields is known, the explanation is unclear. Studies have invoked stellar
metallicity (Howard et al. 2012; Wright et al. 2012; Dawson & Murray-Clay 2013),
stellar age (Schlaufman & Winn 2013), and stellar multiplicity (Wang et al. 2014,
2015a). Regardless, this result suggests that planet occurrence rate may be affected
by the local galactic environment.
Aside from this result, so far, comparative studies of exoplanet demographics as a
function of galactic environment have been limited. One of the first comparisons in
planet occurrence across the galaxy was afforded by microlensing surveys, which
is biased toward low-mass host stars at ∼kpc distances. Clanton & Gaudi (2014)
combined microlensing results (e.g. Gould et al. 2010; Sumi et al. 2010; Cassan
et al. 2012) with those from RV and adaptive optics imaging surveys (Montet et al.
2014) to show that the occurrence rate of giant planets around M dwarfs is consis-
tent as measured by the two techniques. However, the microlensing signal from a
planet is a much less steep function of mass than the RV signal (∝ √mp and ∝ mp,
respectively). At the same time, the radius function around M dwarfs is strongly
biased toward smaller mass planets (Swift et al. 2013; Morton & Swift 2014). Both
Clanton & Gaudi (2014) and Montet et al. (2014) concluded that M dwarf planets
are explained by a steep mass function and most RV surveys miss the ∼Saturn-mass,
long period planets that likely make up the bulk of the microlensing detections.
The K2 mission is providing a first opportunity to understand the differences in
planet populations across the galaxy for larger planets and higher mass stars. Due
to the failure of two reaction wheels on the Kepler telescope, the instrument is no
longer able to point at its original field. Instead, it relies on solar radiation pressure
and its remaining two reaction wheels to point at a series of fields in the ecliptic
plane for ∼ 70 days at a time. This new mission has led to catalogs of transiting
planet candidates (Foreman-Mackey et al. 2015; Vanderburg et al. 2016) as well
as statistically validated planets (Montet et al. 2015c) in fields across the ecliptic
plane. By the end of the K2 mission, it will observe ∼ 20 fields, largely covering
the ecliptic plane, providing an opportunity to probe variations in planet occurrence
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as a function of galactic position and stellar age.
The upcoming TESS mission (Ricker et al. 2014) will enable additional detections
of systems of small transiting planets, especially towards the ecliptic poles where
observations will be collected, uninterrupted, for nearly a year. However, TESS is
designed to target stars brighter than I = 12, meaning most planetary detections
will be around stars within a few hundred parsec. While ideal for detecting the
nearest planets, TESS will provide little information about their distribution in the
galaxy.
WFIRST (Spergel et al. 2015) offers a unique opportunity to understand the dis-
tribution of short-period transiting planets in our galaxy. During the mission, six
microlensing campaigns spread over five years will each last 72 days. WFIRST
will tile 2.8 square degrees of the sky towards the galactic bulge with ten pointings.
Each pointing will be observed for 52 seconds every 15 minutes While the photo-
metric precision will not be as good for bright stars as the Kepler prime mission, its
performance is significantly better for faint stars, of which WFIRST will observe
millions 8.1. Bennett & Rhie (2002) showed that such a survey should detect large
numbers of transiting planets, especially giant planets. In a white paper in Spergel
et al. (2015), Tanner & Bennett calculate that WFIRSTshould see 50,000 transiting
Jupiters.
WFIRST provides an opportunity to explain the discrepancy between the occurrence
rate of hot Jupiters in the Kepler field and the solar neighborhood. WFIRST will
observe stars at large distances along the galactic metallicity gradient (Rolleston
et al. 2000; Pedicelli et al. 2009). Observations suggest a change in the metallic-
ity of -0.05 dex/kpc as one moves radially outward from the center of the galaxy.
WFIRST should be expected to observe stars at preferentially higher metallicities
than the solar neighborhood. Indeed, simulations of the WFIRST field suggest the
median G2V dwarf observable by WFIRST with W149 < 19.5 has [Fe/H] = 0.26
8.4. The yield of hot Jupiters detected will provide key insights into the nature of
the formation and evolution of these massive planets.
The potential of WFIRST to detect large numbers of transiting planets is under-
appreciated because of the difficulty of confirming and validating those planets.
In general, because the host stars of WFIRST-detected transiting planets will be
so faint, it will not be possible to conduct followup RV observations to confirm
their masses. This poses a major challenge for distinguishing transiting Jupiter-
radius planets from the multitude of false positives. However, there are several
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techniques based on WFIRST data alone that can be used to rule-out false positives.
For example, McDonald et al. (2014) explore observations of Doppler beaming
and secondary eclipses as means to rule-out transiting planet false positives for the
proposed Euclid microlensing survey.
In this paper, we consider the capability of the upcoming WFIRST mission to detect,
confirm, and characterize transiting planets. In particular, we focus on the possibil-
ity of measuring their transit timing variations (TTVs, Agol et al. 2005; Holman &
Murray 2005; Lithwick & Wu 2012). We also discuss various techniques for ruling
out false positives. In Section 8.2, we describe the mission photometry and com-
pare it to Kepler. In Section 8.3, we study the sensitivity of WFIRST to detecting
transit events and measuring times of transit. In Section 8.4, we project the yield
and demographics of transiting planets WFIRST will discover. In Section 8.5, we
discuss potential strategies to confirm the transiting planets discovered by WFIRST .
In Section 8.6 we discuss methods to statistically validate planets which can not be
directly confirmed and the potential for ground-based follow-up and strategies to
maximize the scientific potential of WFIRST for transiting planets. We conclude in
Section 8.7.
8.2 Comparison to Kepler Photometry
To detect microlensing events, WFIRST requires a long time baseline to stare at
fields in the bulge, high photometric precision, and a wide field of view in order to
observe large numbers of stars. Fundamentally, these are the same requirements as
space-based transit surveys such as Kepler. We compare the expected performance
of WFIRST with the actual performance of Kepler. Such an analysis enables us to
understand the detectability of transiting planets potentially observable by WFIRST
as the requirements are similar and the statistics of planets discovered by the Kepler
mission are well-understood.
For unsaturated stars (H > 15), we calculate the photometric precision as a function
of stellar magnitude, following the standard CCD signal to noise equation. We use
the values from the science definition team (SDT) report (Spergel et al. 2015) for
the photometric zeropoint of the detector, as well as the bias, read noise, gain, dark
current, and sky brightness. This report claims an error floor in the photometry
of 1 mmag, which we add in quadrature to the calculations from the SDT. This
prescription is shown as the black line in Figure 8.1.
We compare this prescription to that of Gould et al. (2015), who consider WFIRST
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as a tool for asteroseismology, especially for saturated stars. They perform their
own analysis of the expected photometric precision and find that the precision in a
single observation will scale such that
σ = 1.0 × 10(2/15)mHmmag, (8.1)
where MH is the apparent H-band magnitude. Taking W149 as a proxy for H, we
also plot this relation on Figure 8.1 (red line).
We show the results of this calculation and compare to Kepler photometry in Figure
8.1. To perform a direct comparison to Kepler, we must make two corrections. First,
WFIRST will observe at a faster cadence than Kepler. To compare the observations
in a uniform way, we follow the Kepler convention of considering the average noise
of observations binned over six hours, the “combined differential photometric pre-
cision” or CDPP (Christiansen et al. 2012). Additionally, the WFIRST bandpass is
significantly redder than the Kepler bandpass. As transit searches focus on FGKM
stars, with red colors, these stars appear brighter on the WFIRST detector than they
would on the Kepler detector. To provide a fair comparison, we compare the ex-
pected WFIRST precision to the H-band magnitude of the stars in the Kepler field.
Between 15th and 20th magnitude, the SDT estimates of the precision is very simi-
lar to that of Gould et al. (2015). In both cases, the expectation is that WFIRST will
achieve a relative precision of 1 part per thousand (ppt) in a single observation of
a 15th magnitude star in the W149 bandpass (0.93-2.00 µm). This is equivalent to
200 parts per million (ppm) when binned over six hours, comparable to the preci-
sion of Kepler on a star with r ≈ Kp = 15. However, since a typical G dwarf has an
R−H color of 1.1, the same Sunlike star observed with Kepler and WFIRST would
be observed at a higher precision with WFIRST .
In this work, we focus on the detection of planets around stars with W149 < 19.5.
The two prescriptions for the photometric noise around such bright stars differ sig-
nificantly only for stars brighter than 14th magnitude. As these stars make up only a
small fraction of the stars in the WFIRST field of view, the choice of noise model we
apply does not affect our results at an appreciable level. For ease of reproducibility
we apply the Gould et al. (2015) model, noting the results change at only the 1-3%
level (higher for stars of earlier spectral type) if we apply the Spergel et al. (2015)
model instead.
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Figure 8.1: Expected noise properties of WFIRST observing in the W149 bandpass
as a function of stellar magnitude. The black curve represents the estimates of the
noise properties from the WFIRST SDT report. The red curve represents the esti-
mates of the noise properties from Gould et al. (2015), who focus on saturated stars
to detect asteroseismic modes using WFIRST data. In blue are actual observations
of stars from Kepler for comparison. In all cases, we report the six-hour CDPP, or
the noise averaged over six hours of observations.
8.3 Detection of Transit Events
To study the detectability of transiting planets with WFIRST , we simulate transiting
planet light curves with properties based on the anticipated performance of WFIRST
as described by Gould et al. (2015). We assume a 52-second integration every 5
minutes and 6 evenly-spaced, 72-day campaigns over five years. We assume that
all data will be taken in the W149 band (0.927–2.000µm) with the exception of one
data point every 12 hours in the Z087 filter (0.760–0.977µm), i.e. one Z087 data
point for every 47 obtained in W149.
In this work, we assume the photometric noise is white, so that there are no cor-
relations between observations. Correlated noise can be the result of spacecraft
systematics or stellar p-modes (Gilliland et al. 2010; Campante et al. 2011). The
timescale for p-modes is inversely proportional with stellar density: for G dwarfs,
the granulation timescale is approximately five minutes; for M dwarfs, 30 seconds.
Like Kepler data, for most stars observations will be spaced widely enough to cap-
ture a random phase of p-mode oscillations during each observation. As WFIRST
has significantly larger levels of photon noise, the correlated stellar signals will be




The WFIRST microlensing mission intends to target more than one million stars
with H < 14 and 12 million stars with H < 19. To better understand the sensitivity
of WFIRST to giant transiting planets, we simulate transits of a hot Jupiter transiting
a Sunlike star.
We simulate individual transits of a hot Jupiter by injecting both realistic noise
and a planetary signal into simulated WFIRST data. We first create a star with
W149 = 15.0 to project a best-case scenario, where the noise expected to be at the
milimagnitude noise floor. We then inject a Jupiter-sized planet on a 3.0 day orbit
around this star, which transits with impact parameter b = 0.5. The transit duration
is approximately two hours. Every fifteen minutes, starting at a random phase,
we collect an observation of the flux from this system: every twelve hours one
observation is taken in Z087, while all other observations are in W149. We model
the transit light curve with the transit model of Mandel & Agol (2002). We calculate
limb darkening coefficients in each bandpass using the online tool developed and
described in Eastman et al. (2013), which interpolates the Claret & Bloemen (2011)
quadratic limb darkening tables.
Unlike the Kepler mission, each data point will consist of a single 52-second ob-
servation, rather than a series of binned observations over 30 minutes. Each ob-
servation will then sample one specific point on the transit light curve as opposed
to an integrated measure of the observed flux, meaning morphological light curve
distortions due to finite integration time will be virtually nonexistent in WFIRST
data (Kipping 2010a).
The resultant “observed” transits are shown in Figure 8.2. These transits can be
seen by eye, even in the case of single transit events. Over the course of the mis-
sion, more than 150 transits of such a Hot Jupiter would be observed, leading to
approximately 1200 observations during the transit in the W149 bandpass. More-
over, approximately two dozen observations during the transit will be collected in
the W089 bandpass, which might be useful for confirmation of the planetary nature
of this signal (Section 8.5).
We then attempt to recover the transit signal in the data. By fitting transit models
and evaluating their likelihood, we measure a transit depth of 0.998 ± 0.002 RJ ,
assuming perfect knowledge of the stellar host. This ∼ 500σ detection of a transit
implies transiting hot Jupiters will be easily detected around H ∼ W149 = 15 stars.
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Figure 8.2: Simulated transit photometry for a hot Jupiter in a three-day orbit
around a Sunlike star with W149 = 15. In black is photometry from the W149
bandpass; in red, the Z087 bandpass. The left panel corresponds to a single transit.
The middle panel corresponds to transits folded together over a 72-day observing
season, while the right panel corresponds to six such seasons over the course of the
mission.
We can increase the level of the noise to determine the limiting magnitude for
which WFIRST will be effective at detecting hot Jupiters. In the Kepler mission,
the threshold for a candidate planet transit was a 7.1σ detection of the transit, a
standard we will apply here. By inflating the size of our photometric uncertain-
ties and repeating this exercise we find that, assuming white noise, even when the
single-point photometric precision is 8%, we are able to detect hot Jupiters in three-
day orbits at 7.1σ over the course of the WFIRST mission. The photometric limit
is expected to be better than this value even for stars with W149 = 22.0. Typical
extinction values in the I-band are 1-2 magnitudes (Nataf et al. 2013) and towards
the galactic center AH/AI = 3.2, so we might expect less than one magnitude of
extinction in the W149 bandpass (Nishiyama et al. 2009; Nataf et al. 2016). Even
accounting for extinction, this limiting magnitude corresponds to Sunlike stars well
beyond > 10 kpc from the Earth, easily allowing us to detect hot Jupiter systems
around tens of millions of stars in total, at all galactocentric radii.
For the brightest stars, measuring a transit signal to a precision of 0.2% implies
photometric precision of approximately 20 parts per million when binned over two-
hour intervals and phase-folded on a two-day period. This is significantly below
the precision needed to detect relativistic Doppler beaming in the light curve (Loeb
& Gaudi 2003; Faigler & Mazeh 2011), but could be used to detect false positive
events such as transiting brown dwarfs and low-mass stars masquerading as hot
Jupiters (see Section 8.6).
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Sensitivity to Small Planets
Given the high signal to noise expected for hot Jupiters transiting the brightest stars
observed with WFIRST , we might expect the telescope to be sensitive to planets
transiting stars significantly smaller than Jupiter as well. We can determine how
small a planet would be detectable by WFIRST as a function of planet orbital period
and radius. We will repeat this exercise for stars at W149 = 15 and W149 = 19.5;
there are expected to be 1 million and 12 million stars brighter than these limiting
magnitudes, respectively.
To calculate our sensitivity to planets in general, we first create a planet with a radius
and an orbital period drawn from log-flat distributions over the ranges [1,16]R⊕ and
[1,72] days, respectively. We then assign an impact parameter for each transiting
planet drawn from a uniform distribution over the range [0,1]. We assume a circular
orbit for the planet and calculate the relative position of the planet and star, applying
the transit model of Mandel & Agol (2002). We draw an observation every fifteen
minutes. We assume white noise with the photometric precision given by the Gould
et al. (2015) curve of Figure 8.1, removing one observation every twelve hours when
WFIRST is collecting z-band data instead. After all transits have been simulated,
we phase-fold on the known period and measure the significance of the observed
transit depth. If it is larger than 7.1σ, we declare this transit detected; otherwise,
we declare it missed. We also require at least two transits during at least one season
to be detected. By repeating this procedure many times with many different planet
sizes and periods, we can map the sensitivity of WFIRST to small planets. The
results are shown in Figure 8.3.
We find that, for the brightest stars observed by WFIRST , Neptune-sized planets
with orbital periods shorter than one month will be easily detected in a single season
of data. The mission will also recover many mini-Neptunes with periods shorter
than 20 days, and is likely to recover a small number of planets smaller than 2
R⊕ with periods shorter than two days. Over the entire mission, WFIRST will
be sensitive to a few Earth-sized planets with orbital periods shorter than two days
orbiting the brightest stars. Of the 12 million stars with W149 < 19.5, the prospects
for detecting super-Earths or mini-Neptunes are much lower, but the mission will
detect the majority of Neptune-sized planets with periods less than a month and all
transiting Jupiter-sized planets in that period range as well.
There is a strong decay in the sensitivity of WFIRST to transiting planets as a func-
tion of planet radius compared to planet period. This is not surprising, and the
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Figure 8.3: Detectability of planets transiting a Sunlike star in simulated WFIRST
data by analyzing (top) one season of data and (bottom) data from the entire mis-
sion. Around very bright stars (W149 = 15.0) nearly all Neptune-sized planets and
larger with orbital periods shorter than the seasonal baseline will be detected in a
single season of data. To qualify as a detection, we require at least two transits in a
single observing season, but not necessarily in all seasons.
same effect is seen in Kepler data (Burke et al. 2014; Mullally et al. 2015; Rowe
et al. 2015). The transit duration is proportional to P1/3 and the observed depth de-
pends on the projected surface area of the planet, so the phase-folded transit signal
depends on R2pP
−2/3 (Seager & Mallén-Ornelas 2003). Therefore a change in the
orbital period should have a weaker effect than a change in the size of the planet, as
we observe here (see also Carter et al. 2008).
Single Transit Events
WFIRST will, in addition to detecting thousands of planets with short orbital peri-
ods, be sensitive to singly transiting events of giant planets in more distant periods.
The best measurements of the occurrence rates of these planets is understood from
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combining observations of long-term RV accelerations with direct imaging surveys
(Montet et al. 2014, Gonzales et al. in prep). There are only a few dozen such plan-
ets detected in the Kepler data, detected largely through visual inspection (Wang et
al. 2015b; Uehara et al. 2016). For a given planet in a long orbital period, the prob-
ability of transit is directly proportional to the observing baseline. The WFIRST
observing baseline is a factor of four shorter than that of Kepler, but as the total
number of stars observed by WFIRST is nearly two orders of magnitude larger than
Kepler, we expect visual inspection of WFIRST data to uncover on the order of one
thousand additional giant planets. As even single transit events can provide unique
information about transiting planets (Yee & Gaudi 2008; Osborn et al. 2016), these
data will improve our understanding of planets at wide separations.
Deriving Transit Times from WFIRST data
The sensitivity to short-period planets smaller than Neptune in a single season of
WFIRST data implies that we may be able to detect variations in the time of transit
across the mission. These transit timing variations (TTVs) have been used pre-
viously to confirm the planetary nature of transiting signals (Holman et al. 2010;
Fabrycky et al. 2012; Ford et al. 2012a; Xie 2013), to detect the presence of non-
transiting planets (Ballard et al. 2011; Nesvorný et al. 2012, 2013), and to infer
masses and eccentricities of planetary systems (Hadden & Lithwick 2014; Jontof-
Hutter et al. 2015, 2016). While TTVs have been observed in K2 data (Barros et al.
2015), the short time baseline makes these detections the exception rather than the
rule. Given that WFIRST will observe the same fields over five years, we might ex-
pect to detect deviations from a linear transit ephemeris if our sensitivity to transit
times is small enough.
To this end, we simulate transit events in order to estimate the precision to which
we will be able to measure transit times. We model our benchmark system after
Kepler-9b and Kepler-9c, the first planets confirmed via TTVs (Holman et al. 2010).
We use orbital periods for the two planets of 19.2 and 38.9 days. Given that less
massive planets more often exhibit TTVs than more massive planets (Mazeh et al.
2013), we simulate planets near the bottom of our detectability contours in order
to understand the limits for detecting TTVs with WFIRST . As such, we assume the
two planets are mini-Neptunes with masses of 10 M⊕ and radii of 3 R⊕. These
are significantly smaller than the real Kepler-9 planets leading to smaller TTVs and
larger uncertainty in the measured time of transit center. We simulate transits of
these planets orbiting a Sunlike star with W149 = 15.0, so that the photometric
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precision on each data point is 1 part per thousand, assigning impact parameters at
random.
We focus on TTVs of the inner planet, because more transits will be observed over
the course of the WFIRST mission. We fit a transit model to the simulated data for
the inner planet, fixing the limb darkening to that expected for a Sunlike star in the
H-band but allowing all other parameters to vary. The measured transit times are
shown in Figure 8.4. Simulating many transits, we find a median uncertainty in the
measured transit time for each individual transit of 28 minutes. We then phase-fold
all observed transits inside an observing season, finding a median uncertainty on
the average time of the folded transit of 15 minutes (Figure 8.4). Given the large
number of observed TTV signals in Kepler significantly larger than this timing
precision, we expect WFIRST to be able to efficiently measure TTVs.

















Figure 8.4: Simulated TTV signal from a two-planet system as observed by
WFIRST (see Section 8.3). Gray X labels correspond to the actual deviation form a
linear ephemeris for each individual transit. For those observed during a simulated
WFIRST season, typical uncertainties are added to the observed time of transit with
data shown in red. The black points correspond to binned observations over an en-
tire season. This hypothetical system would be confirmed by TTV observations in
WFIRST data.
Accurate determinations of transit times is more difficult in the presence of starspots,
which induce a correlated signal in the light curve. As a planet transits the stellar
disk, if it passes across a relatively dark spot this will cause a distortion in the
shape of the light curve. Moreover, spots at other stellar latitudes can cause the
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out-of-transit flux baseline to vary, complicating the measurement of the time of
transit. WFIRST will observe in the near-IR, where the effects of starspots are
significantly minimized due to their lower contrast, reducing the possibility of sig-
nificant starspot-induced timing errors.
8.4 Galactic Exoplanet Demographics
We can simulate realistic populations of both stars in the bulge and their exoplanets
to estimate how many transiting planets WFIRST will be able to detect over the
course of its mission. To simulate a realistic estimate of the stellar population in the
bulge, we develop a galactic population generated from the online Besançon models
of the galaxy (Robin et al. 2003). To convert the returned apparent magnitudes to
near-infrared simulated photometry, we apply the transformations of Bilir et al.
(2008). We then apply a correction for interstellar extinction assuming the Cardelli
et al. (1989) extinction law with Rv = 2.5, following Nataf et al. (2013). From
the derived JHK magnitudes, we approximate the W149 magnitude for each star by
assuming W149 = (J+H+K)/3.
We then apply a series of corrections to turn the Beasançon models into a realistic
simulation of the stars observed by WFIRST . The Beasançon model outputs the
properties and numbers of stars along a given sightline within a certain solid angle.
Because each simulated field is not a perfect match to the WFIRST field, we weight
each simulated star by the fraction of the simulated field that falls in the WFIRST
field. We then apply a correction for the mass function in the bulge. The model
assumes stars in the bulge follow the Salpeter IMF (Salpeter 1955). We downweight
stars of mass M < 0.5 M by a factor of 0.5/M , which approximates the IMF
of Kroupa (2001). We then apply a uniform correction to all stars to match the
overall number of bulge main sequence stars near the WFIRST fields as measured
by Calamida et al. (2015).
We then inject planets around the main-sequence dwarf stars brighter than W149
= 19.5 in our simulation. Since the WFIRST sensitivity in the radius-period plane
(Figure 8.3) is limited to a region of parameter space well-sampled by the Kepler
mission in the original Kepler field. We assign planets around solar-type FGK stars
following the planet occurrence estimates of Howard et al. (2012). We assign planet
radii and orbital periods following the “Cutoff Power-Law Model” of Table 5 of that
paper, and bulk occurrence rates for each spectral type following the authors’ Table
4. For M dwarfs, we follow the relations of Morton & Swift (2014), specifically
190
their “logflat+exponential” model of the period distribution from their Figure 7
and the radius distribution from their Figure 6. This leads to considerably smaller
numbers of giant planets injected around M dwarfs than more massive stars, in line
with observations from Kepler.
We simulate the transits of these planets following the same prescriptions as in
Section 8.3. We assume the noise properties of Gould et al. (2015) and we estimate
limb darkening parameters by interpolating our stellar parameters onto the quadratic
limb darkening grids of (Claret & Bloemen 2011), taking H−band as a proxy for
W149. We limit the range of orbital periods to P < 72 days. We declare a planet
detected if we recover its transit signal at 7.1σ and observe at least two transits in
any one season.
The results are shown in Figure 8.5. We expect WFIRST to detect approximately
13,000 transiting planets orbiting bright dwarf stars, the majority being giant plan-
ets orbiting F and G stars. The mission will also detect more than 100 planets
smaller than Neptune, the majority of which will be orbiting M dwarfs. We note
that our prescription for the photometric precision does not significantly affect the
bulk numbers of planets detected.
The number of transiting planets from this simulation assumes that the occurrence
rate is the same in the WFIRST field as in Kepler. However, radial velocity surveys
have unveiled a correlation between giant planet occurrence and stellar metallicity
(Fischer & Valenti 2005; Johnson et al. 2010a), while the presence of small tran-
siting planets appear to not be affected by the host star’s metallicity (Buchhave &
Latham 2015). Given that the median metallicity of dwarfs in the WFIRST field
is [Fe/H] = 0.25, and most of the planets detected by WFIRST will be giants, this
correlation could significantly influence the number of giant planets detected.
We account for this metallicity effect by injecting planets according to the radius
and period distribution of the Kepler field, but increasing the likelihood of a star
hosting a planet according to the star’s metallicity in our sample. Following John-
son et al. (2010a), who find planet occurrence scales as 101.2[Fe/H], we modify the
likelihood of all planets with radii larger than 5 R⊕ by this factor. For the median
star ([Fe/H] = 0.25), this factor increases giant planet occurrence by a factor of two.
We then repeat our simulations with our modified planet occurrence, with the results
shown in Figure 8.6. In this case, we detect more than 30,000 transiting planets over
the six seasons of the WFIRST mission. As expected, the number of small planets
is unchanged, with the gains made entirely in the population of planets larger than
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Neptune. WFIRST , by completing this survey, will provide the best assessment of
the effects of high metallicity on the population of giant planets, providing clues to
the formation and evolution of these systems.
Finally, we note that our analysis is limited to dwarf stars towards the bulge brighter
than W149 = 19.5. While planets have been detected around evolved stars (Lillo-
Box et al. 2014; Barclay et al. 2015; Quinn et al. 2015), their occurrence rates
are too poorly understood to enable a reliable estimate of their yield in WFIRST .
However, given the photometric precision (Section 8.2) and scaling from Section
8.3, giant planets will be detectable around evolved stars (i.e. given that 3R⊕ planets
are detectable around a 1R star, a 12R⊕ planet should be detectable around a 4R
star.). As WFIRST will observe large numbers of evolved stars towards the bulge,
it will provide the best measurement to date of the occurrence rate of giant planets
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Figure 8.5: Expected yield of transiting planets orbiting dwarf stars brighter than
W149 = 19.5 in the WFIRST data as a function of planet size and stellar type,
assuming the planet occurrence is the same as that in the Kepler field. WFIRST will
detect thousands of Jupiter sized planets, but also more than 100 planets smaller
than Neptune, mainly around M dwarfs.
8.5 Confirmation of Transiting Planetary Systems
The major challenge for transiting planet studies is to verify that the observed tran-
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Figure 8.6: The same as Figure 8.5, assuming planet occurrence for planets larger
than 5 R⊕ follows the relation with stellar metallicity as observed in the solar neigh-
borhood, following Johnson & Apps (2009). Under these assumptionsWFIRST will
detect more than 30,000 planets.
can be mistakenly identified as transiting planets. First, because of degeneracy pres-
sure, Jupiters, brown dwarfs, and low-mass M stars all have similar radii (Chabrier
& Baraffe 1997): detection of a Jupiter-radius transit depth alone is insufficient
to claim a planetary detection. Second, a false positive can occur in the case of
blended light, when the star in question in the aperture is actually the combined
light of multiple stars. For example, a background unknown eclipsing binary could
be blended with the primary target star. Similarly, the primary itself could be an
eclipsing binary blended with the chance alignment of a background star or the light
of a hierarchical triple third star. These degeneracies are easily resolved with RV
observations, but those will not be possible for most WFIRST transit candidates.
However, previous studies have shown in the case of Kepler that it is possible to
validate transiting planet candidates by ruling out various false positive scenarios
(Morton 2012; Morton et al. 2016). Here and in Section 8.6, we explore various




The most straightforward way for WFIRST to confirm the planetary nature of transit
signals from small planets is through the detection of transit timing variations. In
Section 8.3, we showed that TTVs are easily recovered for a scaled-down version of
the Kepler-9 system. The exact nature of any TTV curve depends on the architecture
of any particular TTV system: two planetary systems with identical planets but
different orbital eccentricities, arguments of periapsis, or longitudes of ascending
node would exhibit different TTV signals.
A full simulation of this stuff is beyond the scope of this paper. However, we note
that the TTV catalog of Holczer et al. (2016) lists 571 Kepler planet candidates
with TTV signals larger than 30 minutes and 176 with TTV signals larger than 60
minutes. Many of these planets will be too small to be detectable in the relatively
noisier WFIRST data. Considering these numbers, based on the number of planets
we expect WFIRST to be able to detect and the timing precision we expect the mis-
sion to achieve on individual transits 8.3, we expect more than 100 TTV detections
over the observing campaign.
WFIRST will have the added benefit of an observing baseline larger than five years,
longer than the original Kepler mission. TTVs that manifest themselves on longer
timescales, such as those caused by non-resonant planets, Roemer delay from a hier-
archical binary star, or orbital evolution of a giant planet in a short orbit (Ragozzine
& Wolf 2009; Maciejewski et al. 2016), will be more likely to be detectable with
WFIRST .
While TTVs will be extremely useful to confirm the planetary nature of small plan-
ets, given the observing strategy of WFIRST it is unlikely that TTVs will be able to
robustly determine masses. To verify this claim we use TTVFast (Deck et al. 2014)
to integrate a dynamically interacting planetary system compare the result to the
simulated transits from Section 8.3 during six hypothetical WFIRST observing sea-
sons. We purposefully schedule the WFIRST seasons to coincide with the smallest
observed TTV signal to simulate a worst-case scenario. For each observed transit,
we add a random offset drawn from a uniform distribution on the range [25 min-
utes, 40 minutes], similar to the predicted scatter on measurements of the times of
individual transits, and assign an uncertainty on the observed time of transit equal
to this value.
Fitting only the transits of the inner planet, we find that a dynamically interacting
planet model fit the data considerably better than a linear ephemeris (∆χ2 = 72). In
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this case, these planets would be easily confirmed via WFIRST observations: only
very contrived examples of planets with these masses, orbital periods, and eccen-
tricities produce nondetectable TTVs. However, the inferred masses of the transit-
ing planets are a function of the unknown eccentricity: a pair of 10 M⊕ planets or a
pair of 25 M⊕ planets can both explain the observed TTVs.
In many cases, while confirmation of the planetary nature of systems will be easy,
the large gaps between seasons will complicate determination of unique solutions
of the masses of individual planets and induce degeneracies between their masses
and eccentricities. For the brightest stars, it may be possible to identify particu-
lar transits that would be useful for precise determination of planet masses and to
follow up these planets with ground-based facilities at these specific times.
Secondary Eclipses
It is unlikely that TTVs will be useful for confirmation of more than a few of the hot
Jupiters detected by WFIRST . TTVs depend on the existence of a second planet, but
giant planets are most often detected in isolation, without a transiting companion
(Steffen et al. 2012b). There is only one hot Jupiter system with detected TTVs
induced by the presence of an additional planet (Becker et al. 2015). However, it
is possible that these planets will be confirmed by observations of their secondary
eclipses. The depth of the secondary eclipse yields a measurement of the brightness
temperature, and thus the flux in that bandpass (e.g. Charbonneau et al. 2005).
From Kepler data alone it is difficult to confirm planets via secondary eclipses.
While Kepler found thousands of planets, it was only able to confirm planetary
systems via detection of their phase curves and secondary eclipses for a handful
of these (e.g. Esteves et al. 2013; Quintana et al. 2013; Angerhausen et al. 2015).
Because the Kepler bandpass spans approximately 0.4 − 0.9 µm, near the peak of
a typical stellar spectrum but far bluer than the typical planetary spectrum, only the
hottest, largest planets are detectable by their own emission. However, WFIRST ,
with its primary bandpass spanning 0.927-2.000 µm, will be significantly more
effective at observing planetary emission directly.
To determine the feasibility of observing secondary eclipses with WFIRST , we con-
sider the case of a hot Jupiter transiting a Sunlike star, similar to the case of Sec-
tion 8.3. We can determine the relative flux of the two objects across the WFIRST
bandpass to determine the integrated secondary eclipse depth expected. We as-
sume a Jupiter-sized planet with an equilibrium temperature of 1200 K orbiting a
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Sunlike star. We obtained a theoretical spectrum for a 1200 K and 5800 K ob-
ject from the BT-Settl spectral library of Baraffe et al. (2015), using the updated
CIFIST2011_2015 models.
We then integrate these spectra across the W149 filter, assuming a planet the size
of Jupiter being eclipsed by a star the size of the Sun. We predict, for this system, a
secondary eclipse depth of 350 parts per million, approximately equal to the transit
depth of a 2 R⊕ planet. From Figure 8.3, we expect detections of secondary eclipses
to be rare around stars with W149 = 19.5, but common around the million stars with
W149 brighter than 15.0. For the bright stars, we expect to detect approximately
one-third of planets of this size and orbital period in one season of WFIRST data,
and nearly all planets across the entire mission, so the same will be true for detecting
secondary eclipses.
We are likely to recover secondary eclipses of the hottest planets even more effec-
tively. The planetary equilibrium temperature scales as a−1/2, and hot planets are
often inflated relative to their cooler cousins (Charbonneau et al. 2000; Showman
& Guillot 2002), both increasing the depth of the secondary eclipse: WASP-12b’s
secondary eclipse depth across this bandpass is nearly 2 parts per thousand (Croll
et al. 2011; Stevenson et al. 2014a), corresponding to the same depth of a transit of
a 4.9 R⊕ planet. We can then expect observations of secondary eclipses to be useful
for confirmation of hot Jupiter systems.
Secondary eclipses will provide additional benefits to our understanding of the pop-
ulation of transiting hot Jupiters beyond simply confirmation. The timing of the
secondary eclipse depends on the eccentricity vector e cosω, enabling statistical
analyses of hot Jupiter eccentricities and detections of non-circular planets, provid-
ing clues into the dynamics of hot Jupiter formation.
8.6 Validation of Transiting Planetary Systems
Z087 Photometry
Transits of a dark object across the face of a star should be, to first order, achromatic.
False positive events caused by eclipsing binaries, where multiple objects are self-
luminous, will have wavelength-dependent depth variations as different portions
of the stellar SEDs are sampled at different bandpasses. Multiband photometry can
then be used to separate transiting planets from background eclipsing binary events.
In the WFIRST mission, one data point will be collected every 12 hours in the Z087
filter, or one data point for every 47 obtained in W149. For the example of Section
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8.3, in which a hot Jupiter transits a Sunlike star with a three-day period, only 24
data points will be obtained during the transit event in Z087 over the entire mission,
approximately one data point for every six transits. The situation will be even worse
for planets with longer orbital periods, or those at higher impact parameters and
shorter transit durations.
We can assume that the transit ephemeris and orbital parameters are known from the
W149 photometry used to detect planetary transit signals. Therefore, we only need
to fit three parameters in the Z087 transit model: two to describe the limb darkening
and one to describe the transit depth. For this case, fitting the Z087 photometry we
measure a transit depth to a precision of 3.7%. Therefore, an 11% difference in
transit depth between Z087 and W149 is the minimum detectable difference at 3σ
confidence using data from the entire mission. This is sufficient to rule out many,
but not all, stellar false positives.
For example, a false positive M7 dwarf with a temperature of 2900 K and a radius
equal to Jupiter’s has a flux density smaller than the Sun by a factor of 5.7 in the
W149 filter and 11.6 in the Z087 filter, leading to a 9% change in the observed
transit depth between the two filters. An increase in the cadence of Z087 observa-
tions would be required in order to detect these depth variations to identify false
positives. Alternatively, as long as the orbit is aligned such that secondary eclipses
are observable from Earth, this star would induce a 2 ppt secondary eclipse, easily
detectable with WFIRST photometry. While Z087 photometry may be useful at the
current cadence in extreme cases, secondary eclipse photometry will be much more
significant, as long as the companion’s orbit is aligned such that secondary eclipses
are visible.
Validation could be complicated by the effects of starspots, both in the case where
the planet crosses starspots, affecting the light curve shape, and where starspots are
located at different latitudes, affecting the transit depth and out-of-transit flux. Due
to the nature of the W149 bandpass, we expect spots to have a minimal effect on
the observed light curve. They will be more prevalent in the Z087 photometry, but
still diminished relative to the Kepler bandpass.
Phase Curves
Although a transit is the most obvious signal in a light curve of a planet orbiting
a star, the companion planet affects the observed light curve throughout its orbit.
Phase curve variations are the sum of three separate effects: reflected light, rela-
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tivistic Doppler beaming, and ellipsoidal variations. These variations have been
discussed in previous work as a method to measure planetary masses (Faigler &
Mazeh 2011; Mislis et al. 2012), to detect new transiting objects (Faigler et al.
2015), and to understand the atmospheres of transiting planets (Knutson et al. 2007;
Faigler & Mazeh 2015). McDonald et al. (2014) analyzed the ability of Euclid to
use phase curve variations to confirm the planetary nature of transit signals. Here,
we consider similar ideas in the context of WFIRST .
Doppler Beaming
As a planet and host star orbit their mutual center of mass, changing the velocity of
the host star, the flux emitted from the star is beamed towards the direction of travel.
A consequence of special relativity, the signal is observable at the non-relativistic




= (3 − α)Ks
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. (8.2)
where FD is the amplitude of the signal, F0 the flux from the stationary star, α the
shape of the SED at the observed wavelength, Ks the Doppler semiamplitude of the
star, and c the speed of light (Loeb & Gaudi 2003). The SED is relevant because,
as the star’s velocity is modulated, the Doppler shift affects what features of the
stellar spectrum fall in our bandpass. For most stars, the W149 filter will fall on the
Rayleigh-Jeans tail of the SED, where α = 2.
For a typical hot Jupiter (K ∼ 150 m s−1), this amplitude will be ∼ 0.5 parts per
million, well below the sensitivity of WFIRST . However, this effect will be useful
for detecting more massive objects of similar radii masquerading as hot Jupiters,
such as brown dwarfs or very low mass stars. A 50 MJup object with a three-day
period would exhibit a 25-ppm signal. From Section 8.3, we determine we can
measure a transit depth to a precision of 40 ppm. That transit event has a duration
of 1.5 hours, while the beaming signal occurs throughout the planet orbit, providing
ample opportunity to detect a 25-ppm signal.
Ellipsoidal Variations
Ellipsoidal variations are an achromatic phenomenon caused by changes in the sky-
projected shape of a star as a planet orbits, affecting the star’s gravitational potential.
The signal has twice the frequency of the planet’s orbit. Following Loeb & Gaudi
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Here, β is a term which depends on the nature of gravity darkening for the host
star. For Sunlike stars, this value is approximately 0.45. Mp/Ms is the mass ratio
between the planet and star and a/Rs is the reduced orbital semimajor axis.
In general, the signal is of a similar magnitude to the Doppler beaming signal, and
only likely to be useful in separating brown dwarfs from planets: transiting planets
will only be notable by a nondetection of their ellipsoidal variations.
McDonald et al. (2014) note that in the case of Euclid, a color-dependence in ob-
served ellipsoidal variations would be a signature of a background eclipsing binary,
as the signal would be achromatic but the relative flux between the foreground and
background target would vary between the two bandpasses. The same is true here,
although with the cadence of Z087 observations we do not expect this effect to be
detectable. In any cases where such an effect would be detectable, variations in the
eclipse depth between the bandpasses would also be detectable, likely at a much
higher significance.
Thermal Emission
For planets with significant differences in their dayside and nightside surface tem-
peratures, variations in the observed thermal emission from the planet will be de-
tectable. The variation due to thermal emission depends on the difference in tem-
perature between the two sides of the planet, but for some systems can approach
the entire depth of the secondary eclipse (Stevenson et al. 2014b), especially in the
near-IR where WFIRST will observe.
The upcoming JWST mission will provide detailed information about the thermal
emission for particularly interesting, nearby systems. WFIRST , by comparison, will
provide much less detailed information about any individual system. The data will
be integrated over the entire W149 bandpass and at a considerably lower precision
than JWST, but will be available for many more systems.
The ability to detect thermal emission in WFIRST data depends on the difference in
temperature between the day side and the night side of the planet. Those planets that
are tidally locked will thus be the most likely to exhibit a visible signal in the phase
curve. The same systems will be those for which secondary eclipses will be most
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readily visible. Secondary eclipses only provide information about the dayside of
the planet, while a phase curve will provide information at all longitudes. There-
fore, reflected light observations will likely be useful in concert with detections of
secondary eclipses to understand spatial variations in planetary atmospheres.
Ground-based followup
In principle, the transiting planet candidates discovered by WFIRST can be fol-
lowed up by adaptive optics (AO) systems on 30-meter class telescopes. These ob-
servations may not provide much leverage over the WFIRST data themselves. The
diffraction limit of a 30-meter telescope in K-band is ∼ 20 milliarcseconds. While
considerably smaller than the WFIRST pixel scale of 0.11 arcsec pixel−1, this still
corresponds to a projected separation of 20 AU for a star with W149 = 14.5 and
200 AU for a star with W149 = 19.5, meaning many bound binary companions will
be unresolved even when operating a thirty-meter telescope at the diffraction limit.
8.7 Conclusions
While ostensibly a microlensing mission, WFIRST will provide a tremendous op-
portunity for the study of short-period, transiting planets as well. We have shown in
Section 8.4 that if the occurrence rate of planets is the same as for the main Kepler
field, WFIRST will detect over 12,000 transiting planets with sizes as small as 2R⊕.
If the occurrence rate scales with metallicity as in Johnson et al. (2010a), we expect
a factor of ∼ 2.4 more (i.e., 30,000 planets) given that the WFIRST field is more
metal rich than the solar neighborhood.
To maximize the opportunity that WFIRST provides, we emphasize a few points
to be considered during the design of the instrument. Since more small planets
detected by WFIRST will be confirmed via observations of TTVs than any other
method, the long baselines during which these TTVs can manifest themselves are
essential. The current strategy, through which multiple fields are observed in paral-
lel, cycling every fifteen minutes, provides an ideal arrangement to observe TTVs.
For this strategy, it is imperative that the time between observations is small relative
to the typical transit duration so that individual transits can be well-timed.
Giant planets, meanwhile, will be most efficiently confirmed via analysis of their
secondary eclipses. The near-IR bandpass will enable robust determination of the
luminosity of the transiting companion, allowing for differentiation between plan-
ets and self-luminous low-mass stars. Z-band photometry could also provide use-
ful data for this goal, both during the primary transit and secondary eclipse. As
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currently imagined, the 12-hour cadence of z-band photometry does not provide
enough data in transit or eclipse to confirm systems as real or as definitive false
positives. An increased rate of z-band photometry, perhaps as often as once every
three hours, would provide more opportunities to separate transiting hot Jupiters
from self-luminous brown dwarfs or giant planets. If an increase in the rate of Z087
photometry at the expense of W149 photometry does not have a significant effect
on the expected yield from the primary microlensing mission, and if the time to
change filters is small relative to the time to slew from one field to the next, we urge
the WFIRST team to consider an increased rate of Z087 photometry.
The majority of transiting planet detections will be around faint stars, as these stars
will make up the majority of observed stars in the sample. We expect saturated
dwarf stars (with W149 < 15) to account for fewer than 100 planet detections.
Photometry for these bright stars has been considered for the purposes of astero-
seismology (Gould et al. 2015). It will also be important for transiting planets:
although these make up only a small fraction of the total planet yield, the low lev-
els of photon noise mean these stars produce the highest sensitivity to the smallest
planets observable with WFIRST . Additionally, these planets will be nearest tran-
siting planets to Earth discovered by WFIRST as well as the ones most easily able
to be followed up by other facilities on the ground and in space for detailed char-
acterization. Thus, effort should be made to achieve precision photometry on these
saturated stars.
In this work, we assume the noise from WFIRST will be purely white, with the
correlated noise negligible compared to its uncorrelated counterpart. Given the
large levels of white noise expected (1 mmag for the brightest stars) this is not
an unreasonable expectation. Observations of TTVs, a time-sensitive phenomenon,
require a proper understanding of the noise (Pont et al. 2006). We hope the WFIRST
team will make every effort to understand the noise properties of the detector before
launch.
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C h a p t e r 9
SUMMARY AND FUTURE DIRECTIONS
In this thesis, I have focused on the study of low-mass stars and their compan-
ions, whether these companions are planets, brown dwarfs, or themselves other M
dwarfs. While this work has been able to advance the study of all three of these
classes of objects, there is more that can be done in the future as new data are col-
lected and new instruments are built at new facilities. Let us consider each of these
classes of objects in turn.
In Chapter 3, I developed a method to measure the occurrence rate of giant planets
out to 20 AU through a combination of high-contrast direct imaging and detections
of long-term RV trends. The planets inferred in this work form a unique region of
parameter space as yet inaccessible to searches via other methods: they are too far
from their host stars to be detectable through transit searches, but too near and too
faint to be detectable through direct imaging campaigns alone. The method devel-
oped here is directly applicable to higher-mass host stars, and the process can be
extended to directly measure the occurrence rate of planets around K and G stars.
With the larger number of G and K dwarfs observed in RV surveys and the longer
observational time baseline, it is possible that we will be able to measure the occur-
rence rate of giant planets around these stars to an even higher precision. Some of
this work is ongoing, while the Gaia telescope will provide more information about
Jupiter-like planets in the solar neighborhood in the second half of this decade. In
Chapter 7 I presented a method to understand the stellar and planetary parameters
of candidate systems uncovered by K2, a process that can also be applied to the sys-
tems detected by WFIRST (Chapter 8). K2 will enable us to better understand the
population of planets orbiting M dwarfs in the solar neighborhood. By the end of
the mission, K2 will search for transit signals around as many as 50,000 M dwarfs,
while the original Kepler mission observed 5,000. Moreover, K2 will observe mid-
M dwarfs, where the original Kepler mission largely eschewed stars later than M1.
Both K2 and WFIRST will target higher mass stars in vastly different galactic envi-
ronments: K2 has targeted young clusters, stars in and well out of the galactic plane,
and stars at varied galactocentric distances. WFIRST will similarly be able to detect
transits around solar-type stars more than 2 kiloparsec away in the direction of the
galactic bulge. Following the galactic metallicity gradient (Rolleston et al. 2000),
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in which the metallicity of stars decreases at 0.07 ± 0.01 dex kpc−1, we might ex-
pect these stars to host Jupiter-sized planets 50% more frequently than stars near
the Sun. WFIRST will enable us to test theories of planet formation and the relation
between stellar metallicity and planet formation with unprecedented detail.
Next, we turn our attention to brown dwarfs. In Chapters 4 and 5 I analyzed
LHS 6343 C, the brown dwarf with the most precise radius measurement and the
only brown dwarf with a direct mass, radius, and luminosity measurement. This
brown dwarf can provide a single test of brown dwarf models, but more simi-
lar brown dwarfs are required. Fortunately, more similar brown dwarfs are be-
ing discovered. In 2016, Bayliss et al. (2016) presented radial velocity data on
EPIC 201702477 b, one of the objects of interest characterized in Chapter 7. I was
not able to confirm or rule out the planetary nature of this system; with radial ve-
locities, these authors were able to confirm the system as a transiting brown dwarf
with a period of 40.74 days. Similarly, other work has discovered a transiting brown
dwarf in the 3 Gyr Ruprecht 147 cluster (Curtis et al. in prep). As more systems
like these are discovered, especially systems with known ages, we will be able to
fill the brown dwarf mass-radius diagram and connect the transiting brown dwarf
population to the field brown dwarf population, for which direct measurements of
masses and radii are impossible.
Finally, we consider M+M binaries. Throughout the M dwarf spectral class, more
objects with direct mass measurements are needed. Nearly all mass measurements
come from eclipsing binaries in short periods, which may cause inflated radii due to
magnetic activity (Chabrier et al. 2007; Jackson et al. 2009). K2 and WFIRST will
enable the discovery of more M dwarf eclipsing binaries on longer periods, which
are less likely to be inflated. In Chapter 2, I describe a method to measure masses
of single stars with transiting planets by combining RV and TTV observations of
the planetary system, avoiding the potential complications of binary stars entirely.
Very young stars rotate rapidly and are photometrically very active, complicating
both the detection of transiting planets and the precision RVs required to confirm
them directly. The problems with stellar models at these ages are even worse, with
only a handful of M dwarfs younger than 100 Myr having directly measured masses.
In Chapter 6 I presented GJ 3305 AB, a binary M+M system in the β Pictoris young
moving group. I measured the mass of both components, comparing them to stellar
models. This is only one binary system of the dozens I am monitoring astrometri-
cally and through RV observations with collaborators. There are more than 20 more
203
stars in more than 10 systems with orbits that have closed or will close in the next
few years in the same mass and age range. As these orbits close, we will develop a
population of stars with measured masses to compare against models, enabling the
development of the next generation of stellar models.
Of course, much of the future work will rely on future instruments and future tele-
scopes both in the ground and in space. In this thesis I discuss the ongoing K2 and
future WFIRST missions. beyond these, the study of M dwarfs can look forward
to contributions from future transit search missions like TESS (Ricker et al. 2014)
and PLATO (Catala et al. 2010), as well as the development and construction of
the next generation of 30-meter class telescopes. Moreover, RV instruments that
are optimized for observations in the near-IR, such as iLocator (Crepp 2014) and
MAROON-X (Seifahrt et al. 2016), will enable later, more distant M dwarfs to be
more easily targeted in RV surveys. While the equations of stellar structure force
M dwarfs to be faint, their future is very bright indeed.
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